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Mehrdimensionale Simulationen von Kernkollaps-Supernoae mit unterschiedlichen Zu-
standsgleichungen flr heil3e Proto-Neutronensterne

Kernkollaps-Supernovae gehdren mit zu den energiereichiskplosionen, die man in un-
serem Universum beobachten kann. Nur mittels numeriscineul&ionen ist es maglich, die
komplexen Vorgénge, die zu diesen Explosionen fihren, rstefeen. Der genaue Mechanis-
mus flr diese Explosionen ist bis heute noch nicht verstangas unter anderem daran liegt,
dass die Zustandsgleichung fur die Beschreibung der MatarSterninneren nur unzureichend
bekannt ist. Die vorliegende Arbeit prasentiert die weitveesten Supernovasimulationen in
denen mittels mehrdimensionaler Rechnungen der Einflusdudgandsgleichung auf den Ex-
plosionsmechanismus untersucht werden konnnte. Es kgeaiigt werden, dass die Zus-
tandsgleichung einen erheblichen Einfluss auf die Vorgédmgerhalb der Supernova hat, und
dass deshalb eine bessere Kenntnis der Zustandsgleichumyerstandnis von Kernkollaps-
Supernovae unerldsslich ist.
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Most of what follows is true.
Butch Cassidy and the Sundance Kid, 1969

Introduction

Observations of rare, but very luminous events, when sugderd temporarily an extremely
bright “new” star appears on the sky, led to the term “supeaihoAs the term indicates, origi-
nally these events were believed to be the birth cries of riarg.sHowever, today it is known
that quite the opposite is true — a supernova event tells ostabe final stages of a star’s life,
when the star is disrupted in a powerful explosion. Furtlegenit is nowadays known that
two distinct classes of supernovae exist which are calledrfhonuclear supernovae” or “core
collapse supernovae”. The former, which are thermonu@sglosions of accreting or merging
white dwarfs, will not be discussed in this thesis. The fattark the end stage of stars whose
mass exceeds eight times the mass of our Sun.

The term “core collapse supernova” describes the fact lieset explosive events are triggered
by the collapse of the central core of a massive star. Duheg tife all stars create energy
by the fusion of lighter elements to heavier ones. Howeves, dtars that are to undergo a
supernova explosion reach the endpoint of this possibleggrs®urce and evolve a core which
consists of iron—group nuclei and which is stabilised agfaits own gravitational pull mainly
by the pressure of the degenerate electron gas inside this ¢bre®. Without the possibility
to create energy by the fusion of elements heavier than ¢gimegroup elements, and with the
acceleration of electron captures on protons that dectbassabilising pressure of degenerate
electrons, the iron core slowly contracts and heats up. @eehotons contained in the core
become energetic enough to photo—dissociate the nudetotfitraction speeds up and the core
is driven to a runaway collapse. Neutrinos, which are coiirsly created by electron captures
in the collapsing core, leave the core unhindered until sitienf about 162 g/cm? is reached.
Around this density, coherent scattering of neutrinos bexso rapid that the neutrinos get
effectively trapped in the core, since thdfdsion timescale begins to exceed the dynamical
timescale of the collapse. As a consequence of the elecammres on free and bound protons,

IStars below~ 10 M, develop cores with dominant mass fractions of O, Ne, and M tiese cores become
gravitationally unstable mainly by the onset of very ragiet&on captures.
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matter in the stellar core becomes more and more neutronMiah, within a few milliseconds
only, the density in the collapsing core reaches that ofearanatter £ 2 x 10'4g/cm?), where
the nuclei dissolve into a homogenous phase of non-redtitivinucleons. At this time the
repulsive terms of the nucleon—nucleon potential becon@itant and the pressure in the
central part of the core increases strongly due to thé&ésiing” of the equation of state. The
increase of the pressure counteracts the gravitationes foine collapse is suddenly halted, and
the inner core rebounds. The outer parts of the core, howialieng towards the centre of the
star with supersonic velocities, collide with the reboungdinner core and a strong shock forms.
This so—called “prompt shock” rapidly travels outward tgh the iron core. Although, for a
long time it was believed that this shock triggers a suparexplosion immediately (i.e. the
formed shock would continue travelling through the whokbe)stit is nowadays clear that the
prompt shock loses too much energy and stalls (see, e.g.eB&90). These energy losses
occur mainly by two processes: On the one hand, iron—likéentitat are falling through the
shock front are dissociated into free nucleons, which coresuroughly 8.8 MeV per nucleon.
On the other hand, when the shock front reaches densitiesooha 16 g/cm?, the matter
behind the shock is not any longer opaque to neutrinos, andehtrinos dfusing behind the
shock front can suddenly streanff reely. As a consequence, huge amounts of energy and
lepton number are suddenly released in the so—called ‘ineuturst”. Both processes deprive
the moving shock front of energy so strongly that it stagnaféer a few milliseconds.

From the time of the neutrino burst on, the dense nascentamestar at the centre (the so—
called “proto—neutron star”) continuously emits neutsirtbat are created at high rates in its
interior and which slowly dfuse out. Almost all of the gravitational binding energy theais
set free during the collapse is stored in degeneracy endrglecirons and later on is slowly
released by neutrinos. On their way out of the iron core armltih the rest of the collapsing
star, these neutrinos can be absorbed and can transfelydoetige matter. In the current
paradigm for the core—collapse supernova explosion méaharthe neutrinos are the agent
that transfers energy from the dense forming neutron stretonatter behind the shock front,
thereby reviving the shock and ultimately causing the esiplo

Although this basic picture of neutrino driven—explosisgesommonly accepted, theorists
have struggled already for more than 40 years to answer Hogvflog question: How is it pos-
sible, in order to power the explosion, to tap the pool of gaaonal binding energy that is
released during the collapse of the stellar core ? In ordeotoprehend why the supernova
explosion mechanism is so complicated to be understoodhasdao remind oneself of the
complexity of the problem to be solved: In a core collapseesugva all interactions (i.e grav-
ity, electro—weak interaction, and strong interactions)important and govern collectively the
explosive event. Gravity causes the collapse and provite¢réleased gravitational binding)
energy necessary for the explosion. The strong interadsioasponsible for the incompress-
ibility of nuclear matter that halts the collapse of the innere, and determines the equation
of state of the proto—neutron star. Weak interactions eré@ neutrinos (depending on the
matter composition) that transfer energy from the dense tmithe stalled shock front. The
details of the propagation of the neutrinos through the & core as well as their reactions
with matter (i.e energy deposition or emission) also depgnohgly on the equation of state
and the composition of supernova matter, which in turn démenelectromagnetic, weak, and



strong interactions. Due to the complexity of the problemesnova research relies heavily on
numerical modelling and supernova theory is driven by tlcesiase of computer power and the
availability of better numerical tools.

After Colgate & White (1966) proposed that neutrinos can @oilie explosion of core col-
lapse supernovae, simulations of Wilson (1982) showed tthatmight indeed be the case.
Wilson et. al followed the supernova calculations to unesgd evolution times of several hun-
dred milliseconds after the shock formation, and indee@esi an explosion, thus discovering
the “delayed neutrino—driven” supernova explosion meigmnHowever, subsequent research
turned out that the details of the neutrino energy transfstdllar matter and the revival of the
supernova shock front depend sensitively on the detaileeofieutrino propagation out of the
proto—neutron star and through the rest of the stellar core.

Epstein (1979) proposed that convective motions insideptb&—neutron star could drag
neutrinos with the matter flow from the optically thick regitowards the region of free stream-
ing thereby enhancing — byffectively reducing the diiusion timescale — the neutrino emis-
sion of the dense core. Indeed, Mayle et al. (1993) obtaixptbsions in one—dimensional
simulations by assuming a special mode of convection irtsiel@roto—neutron star. With their
assumptions, so—called “neutron finger convection” emstaédl, where — similar to the salt—
finger convection in fluids with a unstable stratification @fter with a large salt—content on top
of layer of water with less salt—content — an unstable matietification of specific heavier
neutrons on top of specific lighter material was found whiabses the heavier part of the fluid
to sink and causes the convective motion. In these modelsyihé of convection increased the
neutrino flux of the dense core such that more neutrinos weserbed in the layer behind the
shock front, thus the neutrino heating was increased andsgps could be launched.

However, the assumptions of Mayle et al. (1993) on the nu@gaation of state, the onset
of proto—neutron star convection, and their treatment otnm@s are controversially debated
among supernova physicists. Nevertheless, the resultaglid\vt. al showed that proto—neutron
star convection, which is a purely multi-dimensionfieet, may influence the supernova evo-
lution strongly and much work was put forward in studyingstbhenomenon (see, e.g. Keil
et al. 1996, Mezzacappa et al. 1998b, only to name a few).

In 1987, another major breakthrough in supernova theoryecaith the observations of
Supernova SN1987A that showed that the ejected mass digtribwas highly anisotropic (see,
e.g. Hillebrandt et al. 1989, Arnett et al. 1989, McCray 1988moto et al. 1994, Wooden
1997, Muller 1998, and references therein). Subsequentlgiions (see, e.g. Kifonidis et al.
2003, 2006, and references therein) showed that thesevalises can only be explained if
hydrodynamic instabilities set in at early times after theck formation, since the observed
mixing of heavy elements from deep inside of the supernova & out to the envelop of
the star can only be explained with the presence of “mixirsgaibilities” from early times on.
One type of instability is convection in the heating regi@hind the shock front, where strong
turbulent flows can develop which transport neutrino heatatter from the region of strongest
heating towards the shock front and, simultaneously, conkgter flows from the shock front
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down to the heating region (Herant et al. 1992, Burrows €t305, Fryer 1999, Fryer & Heger
2000, Fryer & Warren 2002, 2004).

Another type of hydrodynamic instability is the only redgrtiscovered so—called “standing
accretion shock instability”, where pressure fluctuationthe matter behind the shock front
can lead to the development of large non—radial modes ofkstieformation and anisotropic
explosions (see, e.g. Blondin et al. 2003, Scheck 2006).

Thus, nowadays it is commonly accepted that the superngvasen mechanism is based
on multi—-dimensional féects and that spherically—-symmetric models (such as the aidez-
zacappa & Bruenn 1993a, Burrows et al. 2000, Rampp & Janka, 208zzacappa et al. 2001,
Liebendorfer et al. 2001, only to mention a few) are — everxflesions would be obtained
— not appropriate to explain the observed explosion charatics. Although, the importance
of multi-dimensional ffects has been recognised it is, however, not understoodisfiestory
detail what governs the growth of hydrodynamic instalgititin the supernova core.

However, at least for convection in the heating region bellog/shock front one may in-
tuitively assume that étierent heating of the matter may influence the strength ofeximon:
Like a soup boiling dierently strong on an oven, dependent on the amount of hefatimgthe
plate, diterent neutrino fluxes from the dense core arftedent neutrino heating might lead to
a stronger or weaker development of convective flows. Onsilpgscandidate for changing the
neutrino emission from the dense core is the nuclear equatistate of hot proto—neutron stars.
On the one hand, from theoretical as well as experimentak pbiview the equation of state for
hot and dense supernova cores is highly uncertain (seelatgmer 2005, 2006, Lattimer &
Prakash 2006), which implies that the whole evolution ofdease core and its neutrino emis-
sion are also uncertain. Itis thus unclear how the nucleaatgan of state influences convective
instabilities inside the proto—neutron star and thus ette@sts or damps the neutrino emission
of the dense core. On the other hand, investigationsftéréint descriptions of the dense neu-
tron star matter showed in spherically symmetric simutetiQ.e. proto—neutron star convection
or other multi—-dimensionalfiects have not been taken into account in these studies)hinat t
neutrino fluxes and the neutrino energy deposition in thégepaegion depend on the equation
of state (see, e.g. Marek 2003, Sumiyoshi et al. 2005). Theretare strong indications that
the nuclear equation of state can influence the developni@uinwection inside the supernova
core. However, up to now the influence of the nuclear equatistate of proto—neutron stars
on the growth of hydrodynamic instabilities in the supem@oare has not been investigated in
multi—-dimensional simulations.

In this thesis | aim at clarifying in general the role of theclmar equation of state during
the supernova evolution, but the focus is on the influenceé@eguation of state on the devel-
opment of instabilities inside the supernova core. Forphipose, multi-dimensional as well
as spherically symmetric simulations are applied and coetpaThat this is possible is due
to the numerical tool used in this thesis which allows to aialie both one—dimensional and
two—dimensional simulations with the same treatment osmsyand numerics. Thus a direct
comparison of multi-dimensional and spherically symneatalculations, which is impossible
for other supernova modellers, are feasible. Due to thecesticomplexity, the latter simula-



tions are used to analyseffdirent aspects of the interplay between the equation of atate
the supernova evolution. Furthermore, since these simantaare much faster than the multi—
dimensional ones, severalfigirent calculations are used in parameter—like studies;dierdo
understand the importance of the nuclear equation of sfte. implications of these calcu-
lations are manifold. They show that the whole proto—neustar evolution and its neutrino
emission depend sensitively on the description of the gtinteraction between baryons, and
that the supra—nuclear phase can influence the supernovgi@vastrongly. Also the observed
neutrino signal from supernova explosions shows a depeedgfithe equation of state, which
might be used in the future to constrain the nuclear equatictate.

The main focus of this work is, however, on multi-dimensiceféects during the supernova
evolution. For the first time the influence of the equationtateson convection and on other
multi-dimensional fects is investigated together with calculations of spé8aizmann neu-
trino transport. The step from spherically symmetric s#sdio multi—-dimensional ones is a
major one: As | will show, the equation of state influencesrgjly the appearance of con-
vective instabilities and thus the neutrino emission ofdbese core. This leads to interesting
implications for the evolution of core collapse supernovae

Conceptually, this thesis is divided in two major parts. lme@ter 2 the code used throughout
this thesis is shortly introduced. The subsequent Part éicadted to the investigation of the
equation of stateféects in one—dimensional calculations. As a specific examyta simula-
tions of a 15M, progenitor star, | discuss in Section 3.2 the major influsrafethe equation
of state on the supernova evolution. Then, in the SectiahishBough 3.4, | try to disentangle
what properties of the equations of state influence the wafphases of the supernova evolution,
before | conclude Part | with a study of the influence of theatigms of state on the neutrino
emission of exploding models.

The second Part of this thesis is dedicated to the discus$imulti-dimensional simulations.
With simulations of 11.2M progenitor star, | discuss in Chapter 4 why multi-dimenalaad-
fects can lead to explosions which otherwise are not obdervepherically symmetric cal-
culations. The influence of the equation of state on thesdi+duhensional &ects is then
investigated in Chapter 5. | conclude this Part Il in Chapteiith a discussion of thefiects of
rotation or the progenitor structure. Finally, in Chaptet Will present my conclusions from
the studies presented in this thesis.






A tool is usually more simple than a machine; it is generally
used with the hand, whilst a machine is frequently moved by
animal or steam power

C. Babbage, “The Father of Computing”

The VEeErTEXMuDBATH tool: a radiation
hydrodynamics code for core collapse
supernovae

The numerical tool which is used in this thesis was specificatitten to the application to

the simulations of core collapse supernovaeeri¥x! , the spherically symmetric (i.e. 1D)
version of this code, was developed by Rampp & Janka (200@)isadescribed in detail in
their publication. The two—dimensional version of this epdalled MiIDBATH?, is described

in great detail in Buras et al. (2006a,b).

Since both version of the code are already documented vewigety, this Chapter does
not intend to give such a detailed description, but it ratlgulains the numerical approach
to simulate core collapse supernovae. However, before niderlying physics of the kk-
TEx/MUDBATH tool is described, it shall be stressed here that thisstag unique since it is
possible to calculate one—dimensional and two—dimenksmaulations with exactly the same
micro—physics and the same numerical treatment. This altowdirectly compare results of
one—dimensional and multi—-dimensional simulations, Wiian not be done by other super-
nova modellers.

Considering the physical treatment of a core collapse saparone has to realise that the
key assumption to do the simulations is that one can treattéilar plasma and the interior of
the nascent neutron star as fluids witlfelient chemical composition. One has thus to solve
the equations of hydrodynamics together with evolutiona¢igns of the composition. The
neutrinos on the other hand, which are created by nucleatioea and propagate through the
stellar fluid and can interact with this fluid, can be treatsdadiation whose properties can
be described by a distribution function. The time evolutidithis distribution function is then

LAn abbreviation oivariableEddington factoRadiativeTransfer for supernovaxplosions.
2An abbreviation oiVariableM ulti-DimensionaBoltzmann Transport andHdro.



The Vertex/MuDBATH tool: a radiation hydrodynamics code for core collapse supernovae

expressed by the Boltzmann equation. Thus, in additiongdldrodynamics one has to solve
the neutrino transport problem by finding a solution to thétBoann equation (neutrinos are
created by nuclear reactions out of the stellar plasma, laey ¢an transfer or absorb energy
from the stellar plasma). Theextex/MuDBATH code uses the operator splitting method to
solve this coupled system of evolution equations: for egclewf the code the hydrodynamics
part and the transpgntteractions part are computed in two independent, sulesgcgieps. In
the following Sections these subsequent steps will be estsepeately.

2.1. Hydrodynamics part
The hydrodynamics part solves the Eulerian, non relaitivistjuations of hydrodynamics to-

gether with the evolution equations of the chemical contfmwsi These equations can be writ-
ten in spherical symmetry, with the additional assumptibazimuthal symmetry as follows:

%p+ = (r?puvr) + rsme%(psmgv{’) = 0. (2.1)

_(p o) * 2(’)r(r’0 ror) + rsm@%(psmevgvr)
_p””z# PP o @2

(PUH)"' Z(PUr vg) + rsme%(psnevgv(;)
o U(;—l:qs cot9+%((99_z _ _,F)aa%) . 23

(p¢) 28r(rp o) + rsneae(p5|n9v90¢)
U v¢+v?v¢ cotd _ 0 (2.4)

(pe+ r28 ( r?(pe + p)vr)

+r5|1n969 ((oe + p)sinfuvg) =

e %?“f?a?) Qe +tr Qu, + 5 Qu, (25)
—(P e)+ r2(’) (r pYeur) + 686 = Qn (2.6)
—(P k)+ (r pYiur) + 0(’)9 = R« (2.7)

Herep denotes the mass density, vy, andvy denote the radial, lateral, and azimuthal com-
ponents of the velocity, and = e + 1/2(v:2 + vs? + v4?) the specific energy, witk being the
specific internal energy. Furthermogggdenotes the gas pressudethe gravitational potential



2.2 Transport part

of the fluid, andQy, , Qm,, andQu, denote the neutrino source terms of momentum and energy
transfer. Note that the equations of hydrodynamics (Eq4)4£.5)) are closed by the E$S
that relates the gas pressyréo the density, the internal energg, and the composition.

The time evolution of the composition, on the other hand &giby Egs. (2.6)—(2.7): if
nuclear statistical equilibrium can be assumed the chemicdution is determined by the evo-
lution of the electron fractiofYe (Egn. (2.6)), otherwise for each nuclekian equation of form
(2.7) must be solved, wheré. = ng/np with ng being the number density of the respective
nucleus andh, being the baryon number density.

Numerically in our code, the Egs. (2.1)—(2.7) are integratéh the Newtonian finite—volume
code RometrEus (Fryxell et al. 1989, 2000), which was improved to be apjliego core col-
lapse supernova simulations by Keil (1997) and Kifonidiale{2003). RomersEUs is a direct
Eulerian implementation of the Piecewise Parabolic Met{iM) of Colella & Woodward
(1984), which is a time—explicit, third—order in space,@&t-order in time Godunov scheme
with a Riemann solver and is very well suited for followingcintinuities in the fluid flow such
as shocks, contact discontinuities, or boundaries betvasens of diferent chemical composi-
tion. It is capable to solve multi-dimensional problemswaoth high computationalfieciency
and numerical accuracy.

Though our hydrodynamic part is Newtoniarffeets of general relativity are included in
an approximative way: the gravitational potentialcan be written asbyp = ®pNeM +
(d)lDGR - d)lDNeWt), where®}e" is calculated for the two—dimensional axis—symmetric mass
distribution by expanding the integral solution of the Bois equation into a Legendre series,
see Milller & Steinmetz (1995). The spherically symmetriartection term’(d)lDGR - d)lDNeWt)
includes general relativisticfiects, such as contributions of the pressure and the enetg to
gravitational potential. This “relativistic gravitatiahpotential” is discussed in Appendix B.
The other source terms on the right hand sides of Eqgs. (2.X)-&re computed from the solu-
tions of the neutrino transport equations.

2.2. Transport part

The solution of the neutrino—transport equations in tiaer¥x/MuDBATH code relies on the so
called “Variable Eddington factor” approach, which is ghodescribed in the following.

As already mentioned the source terms for the energy, mamgrdand electron fraction of
the fluid owing to its interaction with neutrinos can be c#éed from the neutrino distribution
function f(r, 9, ¢, €, 0, @, 1) in phase space. In the full problem, this is a seven—diroeasi
function, as it describes at every point in spacéd,(¢), the distribution of neutrinos propagating
with energye into the direction @, @) at timet, see Fig. 2.1. Instead df mostly the neutrino
intensity| = c/(27hc)3e3f is used. However, since the source terms in the Eqgs. (2.6)-4#
integrals ovell over momentum space and thus only a fraction of the infoonatontained in
| is required to compute the dynamics of the flow. Thus, in therkk/MuDBAaTH code angular
moments ofl are considered, instead of using the Boltzmann equati@cttiir which reduces

Note that in modern supernova simulations quite complit&eS are used which can not be calculated during
the simulation. Thus, normally supernova modelers use tadfes and obtain the desired quantities by looking
them up in the tables.
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Figure 2.1.: A sketch of the coordinates used in ther¥ex/MuDBATH code. Note that each
coordinate pointr( 6, ) a neutrino with energy can propagate in direction
(0, D).

the problem to a four dimensional one. The first three momahitsre defined as
1
JH,K,L,...(r,0,¢,61) = = f 1(r, 0, $, €, ©, D, 1) ">+23 dQy (2.8)
Us

where d2 = sin® d® d®, n = (cosO, sin® cosd, sin® sin®), and exponentiation represents
repeated application of the dyadic product. In order to cedine size of the problem even
further, one needs to resort to assumptions on its symnstthis point, one usually employs
azimuthal symmetry for the stellar matter distributiorg. i.any dependence on the azimuth
angle ¢ is ignored, which implies that the hydrodynamics of the peobcan be treated in
two dimensions. It also impliedr, 8, e, ®, ®) = I(r,0, ¢, ®,—d). If, in addition, it is assumed
that | is even independent @b, then each of the angular momentslobecomes &acalar,
which depends on two spatial dimensions, and one dimensioroimentum spacel H, K, L =
J H, K, L(r,0,¢,1t). Thus the problem is reduced to three dimensions in total.

With the aforementioned assumptions it can be shown (seasBatral. 2006b), that in order
to compute the source terms for the energy and electrondrect the fluid, the following two
transport equations need to be solved:

10 o Ps o 10(r%8,) 1 9(sindpBy)
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d { (aﬂr Br 1 6(sin0/3.9))} (,Br 1 8(sin0/3.9))
SR 5 ity +I[E+

Oe or r 2rsingd o9 r 2rsind o
K(%_&_ 1 a(sinﬂﬂ,,))Jrg%
a r 2rsingd 99 c ot

H=cO (29
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2.2 Transport part
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or r 2rsind 09
d { (,Br 1 «9(sin0/3.9))} 1B,
eH -
r 2rsind o9 c ot

LI +K)=cW. (2.10)

These are evolution equations for the neutrino energy gerkiand the neutrino fluxH,
and follow from the zeroth and first moment equations of themaang frame (Boltzmann)
transport equation in the Newtoniaf(v/c) approximation. The quantitie§© andC™® are
source terms that result from the collision term of the Buokinn equation, whilg, = v, /c and
Bg = vy/C, wherev, anduvy are the components of the hydrodynamic velocity, arsthe speed
of light. The functional dependencgs = B:(r,9,t), J = J(r, 9, ¢, t), etc. are suppressed in the
notation. This system includes four unknown momedtsi(K, L) but only two equations, and
thus needs to be supplemented by two more relations. Thignie dy substitutindk = fx - J
andL = f - J, wherefx and f_ are the variable Eddington factors, which for the moment may
be regarded as being known, but in our case is indeed detnfiiom a separate simplified
("model”) Boltzmann equation. A finite volume discretisatiof Eqs. (2.9-2.10) is flicient
to guarantee exact conservation of the total neutrino gnerpwever, and as described in
detail in Rampp & Janka (2002), this is notfistient to guarantee also exact conservation of
the neutrino number. To achieve this, we discretise andesbet of two additional equations.
With 9 = J/e, H = H/e, K = K/¢€, and L = L/e, this set of equations reads

10 o Bs o 10(0%8,) 1 9(sindBy)

cat TPart T@)j j(rz o rsnd o9 )
1002H) BroH 0 (edp d Br 1 9o(sindpBy)
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_ﬁ{ﬁ((%_ﬂ_r_ 1 a(smﬂﬁa))} 1(’),8r7_( co. (2.11)
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Reaction References
vet = ye* Mezzacappa & Bruenn (1993b)
Cernohorsky & Bludman (1994)
vA = VA Horowitz (1997)
Bruenn & Mezzacappa (1997)
vyN = vN Burrows & Sawyer (1998)
veN = €p Burrows & Sawyer (1999)
vep = €'n Burrows & Sawyer (1999)
veAl = €A Bruenn (1985), Langanke et al. (2003)
Mezzacappa & Bruenn (1993a)
vy = e€¢ Bruenn (1985), Pons et al. (1998)
vwNN = NN Hannestad & Rielt (1998)
VirVur = VeVe Buras et al. (2003)
(;)y,r(‘_})e = (1_/),1,7(1_/)(9 Buras et al. (2003)

Table 2.1.: Overview of neutrino-matter and neutrino-neutrino intdi@ns included in our
simulations. For each process we provide reference(s)emmare information
can be found about physics and approximations employeddrrdte calcula-
tions. The numerical implementation is described in detaeiRampp & Janka
(2002) and Buras et al. (2003). The symbotepresents any of the neutrinos
Ve, Ve, Vi, Vs Vs Ve, the symbol®™, e*, n, p andA denote electrons, positrons, free
neutrons and protons, and heavy nuclei, respectively. Yimbsl N means neu-
trons or protons.

(1 0 o Ps d ) (ia(rzﬂr)_'_ 1 (9(Sim?ﬂ,9))

cot ot e T M 2o trsne a9

o r ar Eﬁ_& cat
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o r 2rsing 9P
{ €H(,3r 1 a(sinﬂﬂa))}_ L((’),Br Br 1 8(sin0,8,9))

Oe

r2rsind o9

or r2rsingd 09
(,Br 1 3(Sin0/3.9)) 1B,

T 2r sind o9 c ot

—Lg=cW. (2.12)

The moment equations (2.9-2.12) are very similar toQfg'c) equations in spherical sym-
metry which were solved in the 1D simulations of Rampp & Ja(#G02) (see Egs. 7, 8, 30,
and 31 of the latter work). This similarity has allowed useose a good fraction of the one-
dimensional version of kktex, for coding the multi-dimensional algorithm. The additbn
terms necessary for this purpose have been set in boldfave.ab

Finally, the changes of the energyand electron fractiore, required for the hydrodynamics
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2.2 Transport part

Figure 2.2.: A sketch of the iterative pro-
cedure between the moments

equations (ME) and the

Eddington factors __ “model” Boltzmann equa-

converged? tion (BE) in the algorithm
| for obtaining the Variable
Yes Eddington factors.
Full ME + update
of energy and lepton
number
are given by the following two equations
de 4 0
= S f de > c%), (2.13)
p 0 ve(veve....)
dy, 4 m 0
—e. T f de (C(e) - €e) (2.14)
dt p 0 e Ve

(for the momentum source terms due to neutrinos see Burds (@086b)). Heremg is the
baryon mass, and the sum in Eqn. (2.13) runs over all neutypes. The full system consisting
of Egs. (2.9-2.14) is i, and thus requires an appropriate discretisation schemitsfstable
solution. In order to discretise Egs. (2.9-2.14), the spawmain [Qrmax] X [Pmin, ¥max] IS
covered byN; radial, andNy angular zones, whef#,i, = 0 andd¥nax = 7 correspond to the
north and south poles, respectively, of the spherical dtidgeneral, we allow for grids with
different radial resolutions in the neutrino transport and dgginamic parts of the code. The
number of radial zones for the hydrodynamics will be dendnyetu\lrhyd.) The number of bins
used in energy spaceli& and the number of neutrino types taken into accouft,is

The equations are solved in two operator-split steps qooreting to a lateral and a radial
sweep.

In the first step, we treat the boldface terms in the respagtirst lines of Egs. (2.9-2.12),
which describe the lateral advection of the neutrinos withgtellar fluid, and thus couple the
angular moments of the neutrino distribution of neighbogi@ngular zones. For this purpose
we consider the equation

10= N 1 o(sindpyE)

—— 2.1
cot  rsing oY 0, (2.15)

whereZ= represents one of the momedtsH, 7, or H. Although it has been suppressed in the
above notation, an equation of this form has to be solveddoh eadius, for each energy bin,
and for each type of neutrino. An explicit upwind scheme msdu®r this purpose.

In the second step, the radial sweep is performed. Sevarabpeeed to be noted here:
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e terms in boldface not yet taken into account in the lateraegwy need to be included into
the discretisation scheme of the radial sweep. This can be ithoa straightforward way
since these remaining terms do not include derivativeseofrdmsport variablesl(H) or
(J,H). They only depend on the hydrodynamic veloaify which is aconstantscalar
field for the transport problem.

e the right hand sides (source terms) of the equations anddigling in energy space
have to be accounted for. The coupling in energy is non-Jaiate the source terms
of Egs. (2.9-2.12) stem from the Boltzmann equation, whichri integro-dterential
equation and couples all the energy bins

¢ the discretisation scheme for the radial sweemlicit in time. Explicit schemes would
require very small time steps to cope with théfess of the source terms in the optically
thick regime, and the small CELtime step dictated by neutrino propagation with the
speed of light in the optically thin regime. Still, even with implicit schemez 10° time
steps are required per simulation. This makes the calonggxpensive.

Once the equations for the radial sweep have been disd@isadius and energy, the resulting
solver is applied ray-by-ray for each angteand for each type of neutrino, i.e. for constant
N, two-dimensional problems need to be solved. The discietisdself is done using a second
order accurate scheme with backwarffetiencing in time according to Rampp & Janka (2002).
This leads to a non-linear system of algebraic equationg;hwik solved by Newton-Raphson
iteration with explicit construction and inversion of theresponding Jacobian matrix.

To solve Egs. (2.9-2.14), we need the variable Eddingtotofedy = K/J and f. = L/J.
These closure relations are obtained from the solution amplgied (“model”) Boltzmann
equation. The integro-fierential character of this equation is tackled by exprgstia angular
integrals in the interaction kernels of its right-hand sid&h the moments) andH, for which
estimates are obtained from a solution of the system of moeeumtions (2.9-2.10), (2.13)
and (2.14). With the right-hand side known, the model Boimmequation is solved by means
of the so-called tangent ray method (see Mihalas & Mihal@84), and Rampp & Janka (2002)
for details), and the entire procedure is iterated untiveogence of the Eddington factors is
achieved (cf. Fig. 2.2). Note that this apparently involpedcedure is computationallyfeient,
since the Eddington factors are geometrical quantitiesclwwary only slowly, and thus can be
computed relatively cheaply using only a “model” transpequiation. Note also that only the
system of equations (2.9-2.10), (2.13) and (2.14), andh®full system Eqgs. (2.9-2.14), is
used in the iteration. This allows us to save computer timace(he Eddington factors are
known, the complete system Egs. (2.9-2.14), enforcingaroaton of energy and neutrino
number, is solved once, in order to update the energy antr@betaction (lepton number) of
the fluid.

An important part of the code are the various neutrino—maitel neutrino—neutrino interac-
tion rates that produce the opacities for the neutrino texfidield. Note here that in the code
the electron neutrinos and anti—electron neutrinos aetedeseparately, all other “heavy lep-
ton neutrinos”, however, are treated as as one species.ustigcption here for is that during

4The CourantFriedrichs+ ewy condition states that in oder to be numerically stabienastep of the algorithm
has to be so small that information does not travel more tin@wzone within a single timestep.
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2.2 Transport part

a core collapse supernova the medium does not initiallyasorgny muons and temperatures
and densities are always too low to produce tauons, whichempmall or vanishing chemical
potentials for the: and (anti)—neutrinos. Furthermore, the opacities are neayyakfor all
"heavy lepton neutrinos.”

The neutrino interactions are summarised in Table 2.1. M@teneutral-current scatterings
of neutrinos & nucleons and charged—currghtprocesses include th&ects of nucleon recoil,
thermal motions, and phase space blocking, nucleon ctomtain dense media (Burrows &
Sawyer 1998, 1999), corrections due to the weak magnetismadons (Horowitz 2002), the
possible quenching of the axial-vector coupling in nucleatter (Carter & Prakash 2002),
and the reduction of theffective nucleon mass at high densities (Reddy et al. 199@xtieh
captures on nuclei are implemented according to the improrgatment of Langanke et al.
(2003) in regions where NSE holds, taking into account tHeective e-captures of a large
sample of nuclei in NSE with rates determined from shell nhidtente Carlo calculations; the
prescription of Bruenn (1985) is used in regions which areaWNSE. With this input, the
production ofve's by nuclei dominates the one by protons during core coighanganke et al.
2003). For details the reader is referred to Appendix A.Blere these electron capture rates
are discussed in detail.

If not stated otherwise, all simulations discussed in thiskause this set of micro—physics
and gravity is treated as described in Appendix B. The usedgmitor models and the EoSs
will be introduced later and for each model specifically.
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Everything should be made as simple as possible, but not
simpler

A. Einstein

The ability to simplify means to eliminate the unnecessary
so that the necessary may speak

H. Hofmann, Introduction to the Bootstrap, 1993

The role of the nuclear EoS in spherically
symmetric simulations of core collapse
supernovae

The following first Part of this thesis is dedicated to sptedly symmetric calculations of core
collapse supernovae withfterent nuclear equations of state (EoSs). These strongylifed
simulations, which reduce the complexity by assuming taglianmetry, allows me to study
with a large number of models the role of the nuclear equatiostate (EoS) during the col-
lapse of a star, the formation of the shock wave, the subsegugpernova evolution, and the
differences of the explosion characteristics arising frofiedint equations of state. With sev-
eral spherically symmetric (i.e. 1D) models an attempt islentp understand the “action” of
different E0oSs on these phases of a core collapse supernovaderfmwte, the influence of
different regimes of a EoS (i.e. the supra—nuclear phase, thawstibar phase, and the “low’—
density phase) on the evolution of the final stages of a massars life will be investigated.

This Part | of this thesis is organised as follows: after artshreface in Section 3.1 | will
introduce in Section 3.2 theftierent EoSs which are used throughout this thesis. As a specifi
example | will then discuss the supernova evolution of a 15ogenitor star when three
different equations of state are employed in the simulationshignsection, along the line of
discussion, | will introduce technical terms and physiaaieepts that will be used throughout
this thesis. In Section 3.3 | will focus on the supra—nuclglaase of the EoS. Simulations
with progenitor models of dierent masses will be discussed, and | will find a dependence of
the sensitivity of my calculations on the supra—nuclear B varies with these progenitor
masses. In Section 3.4 | will discuss the influence of the *alensity EoS (i.e. densities
below 13+ g/cm?®) on the supernova evolution.

Since none of the models we discuss in this chapter doesdeplavill then investigate the
EoS dependence on the supernova explosion “charactstistith models that were artifically
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made to explode. Here, of course, | can not investigatedxp®sion mechanism but rather |
will investigate if diferent equations of state for hot proto neutron stars cati®eatt neutrino
emission (i.e. luminosities, energies, and spectra) ofithrese core.

Finally, this chapter will be concluded by a short summarygffindings.
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3.1 Preface

3.1. Preface

Core collapse supernova are known to be objects with extggsical conditions. From the
intermediate conditions of the pre-collapse core at nudtistical equilibrium with a central
density of roughly 18 g/cm?®, a core temperature of about 1 MeV, and nearly symmetric mat-
ter (electron fraction close to 0.5) the properties of thedlaat plasma change drastically after
the onset of gravitational instability: the density in tin@eér core rises to supra-nuclear values
(p > 2.7x 10" g/cm?) and the temperature can become as high as several 10 MéheFuore,
since a neutron star forms, matter becomes neutron richhanatrdton-to-neutron ratio changes
from close to unity to much smaller values than unity in neustar matter at beta equilibrium.
In order to describe the stellar plasma thermodynamicail\eaS is needed that relates the
pressure of the plasma to its density, temperature, andicheaomposition. However, little
is known about an EoS that describes this kind of stellarnpdasOn the one hand, experi-
mental information for matter at these extreme conditiengnited, and on the other hand the
uncertainties in theoretical models are considerable. ahtiqular in the sub-nuclear regime,
where nucleons co-exist in equilibrium with large, neutrimh nuclei, and in the supra-nuclear
regime, where new hadronic degrees of freedom (kaons, bypepion condensates, ...) or a
quark phase might occur the knowledge is incomplete. Thest@gms make calculations of
nuclear equations of statefiicult and thus there exist only a few finite-temperature eéqoat
of state which span the whole parameter range required fopersova simulation. Since our
knowledge of matter in the supernova core is incompletestide®en suggested that the EoS of
hot, dense matter may be crucial for the simulations of coliagse supernovae.

Indeed, the EoS influences considerably the stellar cofepsa, the shock formation and the
propagation of the prompt shock (see, e.g. Baron et al. 1B&%/a, Myra & Bludman 1989,
Hillebrandt & Wolff 1985, Swesty et al. 1994), however, for reasonable assongpsibout the
EoS prompt explosions cannot be obtained for massive stars.

The influence of the EoS on the long-time supernova evoluiamhardly been investigated.
Only few equations of state were applied for this purposeasdWilson and collaborators (see
Wilson & Mayle 1988, Totani et al. 1998) routinely get supmra explosions with their EoS in
spherically symmetric calculations. This equation ofest&ibwever, is based on controversial
physical assumptions, e.qg. it involves the formation ohptondensates at moderate densities
due to a special dispersion relation for the pions, see Mety#d. (1993). Similar to Wilson’s
results Hillebrandt & WdF (1985) obtained an explosion with the their EoS (from he\iftt-
EoS) for a star in the lower mass range for core collapse sopae. However as a newer study
of Kitaura et al. (2006) showed, due to special propertiethisfparticular low-mass star, this
explosion does not depend on the nuclear EoS.

Also the use of the equation of state of Lattimer & Swesty ()9®om hereon L&S-E0S)
does not lead to explosions (see e.g. Thompson et al. 2003).

Subsequently, Sumiyoshi et al. (2005) compared the L&S-&ubthe EoS of Shen et al.
(1998a,b) (from hereon Shen-EoS) and found quantitativediuqualitative diferences in the
long-time supernova evolution.

In the following Section | will discuss the role the nuclearEplays in spherically symmetric
core collapse supernova simulations. In particular, ihésaim of this Part | to discuss to what
the extend supernova simulations are sensitive to theespploS by addressing the following
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questions:
e How does the EoS influence the collapse dynamics?

¢ Do different realistic equations of state lead to significantlyngea results concerning
the shock formation and the propagation of the prompt shock?

e Does the poorly known supra-nuclear density phase of an EpSan important role?
How does the produced dense core influence the shock propagat

e How do diferent EoSs influence the neutrino emission and neutrinanigeat stellar
matter? How important are fieérences in the matter composition?

e Do some E0Ss favour the growth of convective flows?

Of course, many of these questions are connected and digéngathem is not an easy task, but
they can be regarded as “guideline” for understanding thgormance of the EoS in supernova
calculations, before in the subsequent sections an attempade to disentangle the various
influences of the nuclear equation of state.

3.2. EoS comparison with a 15 M, star

Throughout the discussion of this thesis we empldiedent nuclear equations of state for our
simulations. Before we start our discussion of the role efribiclear equation of state during
the evolution of core collapse supernovae we will in thediwlhg introduce the EoSs used for
these simulations.

3.2.1. Equations of state

Since the nuclear equations of state which are availabledi@ collapse supernova simulations
do not cover the whole density range necessary for the edicos (i.e. from supra-nuclear
densities in the dense core down to a few 10€ng in the outer regions of the stellar envelope)
different EoSs have to be used simultaneously in the simulatiotigs thus naturally to divide
the whole density range into a “high-density” part and a “id@nsity” part. In the following
the EoSs used in these parts are shortly introduced.

High density equation of state

In this study we use three ftierent nuclear equations of state for the description ofeauicl
matter at high densities. All three equations of state assumelear statistical equilibrium and
describe the baryonic part of inhomogeneous matter as araigf free protons and neutrons,
alpha particles, and one representative species of a heelyus with atomic numbeh and
chargeZ. The homogeneous part consists of free protons and neptrenso heavy nuclei are
present there. It shall be stressed that all three equatiostate describe matter above nuclear
density to be homogeneous, without the existence of pes$iatironic degrees of freedom
(like kaons, hyperons, pion condensates, ...). Both innhemogeneous phase and in the
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Figure 3.1.: a Dominant composition in the-T-plane for the L&S-E0S. Shaded are regions
where free nucleons &+ X, > 0.5) or heavy nuclei () > 0.5) contribute the
majority of the mass. Note the narrow white stripe of cowdis where alpha
particles dominate the composition. The labelled linescate isentropes for
different values of the entropl: The same dominant composition of the \ffol
EoS.c: The same dominant composition of the Shen-EbShe adiabatic index
for all three equations of state over density for constatro@y-density of 1k per
nucleon and a electron fractidd = 0.4. e: The pressure of all three equations of

state for the same conditions as in panel d.
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homogeneous phase the baryons are immersed in an electt@osiiron gas that equilibrates
with a photon gas by the pair creation process. We use the &oBot and dense nuclear
matter by Lattimer & Swesty (1991), which is based on the a@sgible liquid drop model by
Lattimer et al. (1985). In this EoS the transition from infeyeneous to homogenous matter
is established by a Maxwell construction. The nucleon-entlinteractions are expressed by a
Skyrme-force. In our version of this EoS the incompresigybinodulus of bulk nuclear matter
is taken to be 180 MeV and the symmetry energy parameter halsi@ of 29.3 MeV. Studies
with different values for these parameters have been conducted anddshttle diterences
(see Thompson et al. 2003, Swesty et al. 1994). This equafistate is most widely used
by supernova modellers (see, e.g. Thompson et al. 2003,tpweal. 1994, Rampp 2000,
Liebendorfer et al. 2005, Buras et al. 2006b,a) and can teuseparded as the “standard”
EoS for supernova simulations. The second equation of gtatese in our studies has been
developed by Shen, Toki, Oyamatsu, and Sumiyoshi and igibdedcin detail in Shen et al.
(1998b,a). Itis based on a relativistic mean field model arekiended with the Thomas-Fermi
approximation to describe the homogeneous phase of matterekh as the inhomogeneous
matter composition. The parameter for the incompressibdf nuclear matter is 281 MeV
and the symmetry energy has a value of 36.9 MeV. Except forstudies, this equation of
state was to used in simulations of r-processes in neutrirerdwinds (see Sumiyoshi et al.
2000), proto-neutron star cooling (see Sumiyoshi et al5},%nd in supernova simulations (see
Terasawa et al. 2001, Sumiyoshi et al. 2005, Burrows et &62@,b). As a third alternative
description for dense and hot nuclear matter we make used&al$ by Wdff and Hillebrandt.

It is based on a full Hartree-Fock calculation, assuming w18k force for nucleon-nucleon
interactions with parameters given by Kohler (1975). Thempressibility has a value of 263
MeV and the parameter of the symmetry energy was chosen t@.8eMgeV. Details of the
calculation can be found in Hillebrandt et al. (1984) anddhitandt & Woff (1985). In the
past this equation of state was used in several supernousasioms (see Hillebrandt et al.
1984, Hillebrandt & Wolf 1985, Kitaura et al. 2006). For comparison of the three egusiof
state, we show the composition of the three EoS in the deteitperature-plane, see Fig. 3.1a
— 3.1c. Note that the region where alpha particles congilnbre than 50% is ferent in
all three equations of state. In Fig. 3.1d we depict the adialindex,I" = (dIn P/dln p),, as a
function of density for an adiabatic collapse, i.e. the@myrsis kept constant for a value of 3k
per baryon. Figure 3.1e shows the pressure corresponditig tadiabatic index of Fig. 3.1d.
Below densities of 1% g/cm® the pressure of the filerent equations of state becomes identical
whereas at a density above'4@/cm?®, where nuclear forces become important, théesti
equations of state of Shen and \Wahow a steeper pressure gradient.

Low density equation of state

For low densities we extend the above described equatiosatef with our low-density equa-
tion of state. This EoS considers electrons and positrdmstops, free protons and neutrons,
alpha particles, and up to 14 species of nuclei in thermaaym@quilibrium. Electrons and
positrons are treated as Fermi gases of arbitrary deggnaratarbitrary degree of relativity.
The baryonic components are treated as classical nonvigtiat Boltzmann gases. Coulomb
lattice corrections for the pressure, energy densityppgtand adiabatic index are taken into ac-
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Figure 3.2.: The setup for the EoSs in the density-temperature planevBalvalueo,, we
make use of our low density EoS. This EoS is divided into twdgpaabove a
temperature of 0.5 MeV we assume NSE, and below this temperate take
into account nuclear burning.

count. For temperatures aboVgsg=0.5 MeV we assume nuclear statistical equilibrium in this
EoS (see Fig. 3.2). For temperatures below 0.5 MeV we takkeauburning into account (see
Rampp & Janka 2002). The transition between the high-de&siS and the low-density EoS
takes place at a specific value for the dengity;, which was chosen to guarantee #isiently
smooth transition as far as e.g. the pressure, internaggiiensity, and chemical potentials as
function of density are concerned. During the collapse gliasse specific values for the transi-
tion densitypiow Were chosen to bexs10” g/cm?, 3x 10° g/cm®, and 15x 10° g/cm®in case of
the L&S, Shen, and WAILEOS, respectively. In the postbounce phase this value hamed to
10* g/cm?for the L&S-E0S in order to bypass an error in this EoS for lemsities and tem-
peratures typically for the postbounce phase (see Burds28iG6b, see also Section 3.4). The
three diferent equations of state were used in spherically symmeatre collapse simulations
of a 15 M, stellar model (model s15a28) provided by Heger et al. (200d)the following
we will denote the dferent models by L&S(io)sIms, Shen(io)sims, and iad)sIms. These
names indicate the used equation of state, the full set ofdawed (io) neutrino opacities, and
the use of the electron capture rates on nuclei calculatédibganke et. al (see Hix et al. 2003,
Langanke et al. 2003), including electron screenifigats, see Appendix A.3.1.

3.2.2. Numerical results
Initial models

From the progenitor model “s15a28” we take the density, Enaipre, electron fraction, and
in the regime of the low-density EoS the composition asahitiata for our simulations, see
Figs. 3.3 and 3.4a. All other quantities (like pressure F3ge3.4b) were obtained by evaluating
the respective EoS of the simulation. Starting from the sprogenitor model we nevertheless
find the following diferences in the initial models that are due to the equatiostaté:

e The pressure profile and value of the adiabatic index thablataned from the EoS with
the stellar progenitor conditions are EoS dependent (spe3Fb). This influences the
collapse dynamics.
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Figure 3.3.: The initial composition (centre
and bottom panel) in the inner

core of the stellar model “s15a28”
3k —\'\J\ and the charge and mass number
/ of the representative nucleus (top
panel). The bold vertical lines in-
. . dicate the interface between the
high density and low density EoS,
__ Wolft corresponding to a density of
6 x 10’ g/cnefor the L&S-E0S,
. a density of 3x 10% g/cme for the

/\J Shen-EoS, and a density o51x

10° g/cm? for the WoK-EoS.
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e The composition in the NSE-regime strongly depends on tt& Ebis may influence the
neutrino-matter-interaction rates. Note for example thatmass and charge number of
the representative heavy nucleus given by the Shen-Eo8hethihan the ones given by
the other two equations of state, see Fig. 3.3.

e Up to 1M, the initial value of the entropy is lower for the Shen-EoS; bettom panel
of Fig. 3.4a. This implies that the entropy in model She{imy would have to rise
more strongly during the collapse in order to reach the saahees of the — also rising —
entropies of the models L&S(io)sims and \W@b)sIms.
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Figure 3.4.: a The initial conditions at the beginning of the simulatiofibe top panel shows

the density profile (solid) and the.Yorofile (dashed) that were given by the pro-
genitor model. The bottom panel shows the temperature eribfdt was also
given by the progenitor model. For comparison the entropjilerof the pro-
genitor is shown and the entropy profiles that were obtainedvaluating the
equations of state with the density, temperature, andreledtaction profile of
the progenitorb: Top panel: The adiabatic index of the three equations & sta
which were evaluated with the progenitor temperature, ithernand electron-
fraction profile at the beginning of our simulations. Bott@anel: The same
for the pressure (solid lines). Furthermore the progemwiérsity profile (dashed
line) is shown. The line going from the lower left to the upfdght represents the
enclosed mass profile in units of 0.1;Nleft axis).

These diferences at the beginning of the simulations have some mitesten the collapse
phase which we will discuss in the following section.

Collapse and prompt shock phase

The simulations show that the collapse times for the mod&S(io)sims and Shen(io)sims are

other two.
At central densities above 1y/cmthe collapses develop very similar in all modéjsee
Figs. 3.6fig:bounce, and 3.5.
However, there still exist someftikrences in the collapse phase: as the profiles of the elec-
tron fraction reveal (see Fig. 3.5) the model Shen(io)skpeeences the lowest deleptonisation

quite similar, while the onset of collapse in the model #{@)sIms delayed compared to the

1This behaviour was also found by Buras et al. (2006a) withukitions of several dierent progenitor models and

the L&S-EoS
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Figure 3.5.: Y. profiles at specific central densities for the modelsfffiol)sims (left panel),
Shen(io)slms (centre panel), and L&S(io)slms (right pan€he bold line indi-
cates the situation at the moment of shock formation.

and thus fewest electron captures of all models. This carisoesaen in Fig. 3.7a where the
central electron and central lepton fractions are showruastibn of central density for all
models. As can be deduced from Fig. 3.5 theskedinces originate from the early stage of
collapse when the central density reaches values betweémri® 132 g/cm® and neutrinos
are not completely trapped. The reason why model Shentis)skperiences the lowest delep-
tonisation, is found in the collapse timescale. Since m@&dhen(io)sims collapses fastest (see
Fig. 3.7b), there is simply less time for electron captureother important dierence in model
Shen(io)slms is that the initial value of the entropy is lowen in the other two models, see
again Fig. 3.4a. Since this model does not show an extraamdistrong rise of the central
entropy with time a lower entropy can also be seen in Fig..3.7b

However, this lower core entropy doast imply that the abundance of free protons is also
lower in the model with the Shen-EoS compared to the otheretsodn Figs. 3.6d we depict
for all models the evolutionary tracks of the composition.

The development of the four NSE-species t$aient in all three models. Whereas the general
trend is qualitatively the same, the abundance of a spe@esdne EoS to the other can easily
differ by a factor of two. More importantly, we find even more extesvariations in the proper-
ties (charge and mass number) of the representative healgusyusee Fig. 3.6¢: shortly before
nuclear density is reached model Shen(io)sims shows thads¢auclei whose mass number
is up to a factor of six to ten larger compared to the models (i &SIms and Wdt(io)sIms.

Whereas this clearly stresses the uncertainties in theigésno of matter at these high den-
sities, the consequences on core collapse supernova sonslare negligible, since neutrinos
are trapped in the core and modifications on absorption diestey rates by these heavy nuclei
are almost unimportant.

When the inner cores of the models finally reach nuclear tetis¢ in falling material is
stopped by nuclear repulsive forces, see Fig. 3.6b. Thdtgen®rshoots, and the core starts
expanding into the still in falling supersonic materialetbby creating a shock. Following
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Figure 3.6.: a The moment of shock formation in all three moddis.The central density as
function of time during collapse (left panel) and in the pasince phase (right
panel). Note that the time is normalised to the point of shiocknation in all
models. The horizontal dashed-dotted line represents ahee\of the satura-
tion density at 7 x 10'*g/cn®. ¢: The properties of the representative heavy
nucleus as function of central density in the models ffijol)sims (top panel),
Shen(io)slms (centre panel), and L&S(io)sims (bottom Han8hown are the
mass number, the charge number, and the number of neutllorithe compo-
sition as a function of central density in the models #i{a)sIms (top panel),
Shen(io)slms (centre panel), and L&S(io)slms (bottom pane
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Figure 3.7.: & The central electron fraction and central lepton fractienfunction of den-
sity during the collapse phasbk: The central entropy per baryon. The initially
lower entropy in case of model Shen(io)sims is a result ofehiopy of the
initial model, see Fig. 3.4. The unphysical entropy dechhdigh densities in
model Wofi(io)slms is caused by a too low resolution of the talsteThe veloc-
ity profiles during the prompt shock phase for models Wol)sims (left panel),
Shen(io)slms (centre panel), and L&S(io)slms (right pangl The correspond-
ing density profiles. The bold vertical line indicates thesiion of the electron
neutrino sphere at the time of the shock stall.

30



3.2.2 Numerical results

r km]

r kmi

r [km]

1000

100

10

1000

100

10

1000

100

10

Wolff(io)slms

|

(A)>57A %> 01

L

?

(A)257A X, 201

Shen(io)sims

|

L&S(io)slms

-300

1

//J
/

(A)>57A X, >0.1 ST

-200 -100 0 100 200
tpp[ms]

Figure 3.8.: Trajectories of selected mass shells (every 0.Q5) Kbr the model Wolt(io)sims

(top panel), Shen(io)sims (centre panel), and L&S(io)slbwttom panel). The
bold trajectories indicate mass shells of multiples of 0J.NFor reasons of clar-
ity some of them are labelled with the corresponding endosass. Also plotted
are the shock position (bold solid line) and the positionhef &lectron neutri-
nosphere (thin solid), anti-electron neutrinospherel{dd} and all other flavours
(dashed-dotted). The dark grey shaded area marks regiare wie representa-
tive heavy nucleus contributes more than 10% of the masshanmdass number is
larger than 56. The dim gray shaded area marks regions whaeethran 60% of
nickel-like elements are found. The light grey shaded aneak regions where
alpha particles contribute more than 30% (light) and 60%)daf the mass, re-
spectively. Note that the models Shen(io)slms andfkfio)sims show heavy
nuclei below the shock front. Note also that in the regionkediby the vertical
lines more mass shells pass through the shock in the mode(i}&8ns than in
the other models.
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Figure 3.9.: & The composition versus enclosed mass below the shockdtantime of 10
ms after the shock formation. Note that model L&S(io)sImeslaot show any
representative heavy nucleus anymore, see also Fig. 3&eah in the other
models the heavy nucleus still contributes more than 50%efhiass fractions.
The barely visible mass fraction of alpha-particles is hyeidentical in all three
models. b: The properties of the representative heavy nucleus in tbdets
Shen(io)slms, and Walio)sims where heavy nuclei can be found below the
shock front at a time of 10 ms after shock formationThe composition versus
enclosed mass below the shock front at a time of 50 ms afteshibek formation.
At this time solely model Wdi(io)sIms shows a representative heavy nuclelus.
The mass and charge number of the representative heavyuswatla time of 50
ms after shock formation.

the definition of Bruenn & Mezzacappa (1997) we define the mmroéshock formation as
the moment when the core entropy first reaches a value lgf Ber nucleon. In Fig. 3.6a
we see that the models Shen(io)sims andfifio)sims create their shocks at similar masses,
0.49 M, and 0.47 M, respectively, and roughly at nuclear density7(2 10'4g/cm®). In
model L&S(io)slms, on the other hand, the shock is create@l4t M, and at a density of
3.5 x 10 g/cm®. The higher central density of this model is caused by thteesd®&S-E0S,
remember Fig. 3.1d, and the lower enclosed mass at shoclafiommis consistent with the
analysis of Yahil (1983) that the size of the homologous ¢®ngroportional to the square of
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Figure 3.10.: aThe positions of the shock (solid), of the electron neuspteere (dashed),
and of the gain radius (dotted) as a function of tirneThe mass accretion rate
through the shock as a function of time. The regions labefd'B”, and “C”
mark diferent evolutionary phases of the supernova, see the exiolaimathe
main text.

the mean trapped lepton fractig¥ep). We define the mean trapped lepton fraction within the
enclosed mass at the shock formation point as

Nep(r <Tst) 2 Yiepi Na,
ne(r <Trsf) 2iNBi

whereng, niep are the baryon number density and lepton number densigyecasely, r; is
the shock formation radius, and the sum awextends over all zones below the shock formation
point. We then find values of the mean lepton fraction of 0281, and 0.30 in the models
L&S(io)sIms, Shen(io)sims, and W&(io)sIms, respectively.

. (3.1)

<Ylep> =

Prompt shock

After the shock formation the newly created shock travelsvard and loses energy by photo-
disintegrating the bound iron group nuclei in its path. Walhthree equations of state the
prompt shock turns into an accretion shock during roughéy first millisecond and at this
time the shock is well inside of the electron neutrino-sphesee Fig. 3.7c,d. This implies
that the shock dampening due to energy losses is caused imanels solely by the photo-
disintegration of the nuclei and not by the neutrino bursthat shock-breakout. Therefore
we can approximately calculate the prompt-shock energyhbyassumption that the binding
energy per nucleon is 8.8 MeV which means that the energyi$sodiating 0.1 M (roughly
10°% nucleons) amounts to roughly6lx 10°* erg. In our calculations the shocks pass through
0.240 My, 0.257 M, , and 0.254 M of material and stall at radii of 29.6 km, 37.2 km, and
36.4 km in the models L&S(io)sims, Shen(io)sims, and M{ia)sIms, respectively. Thus the
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energies of the prompt shocks are roughi§43x 10°! erg, 4.1k10°! erg, and 46 x 10°* erg
for the models L&S(io)sIms, Shen(io)sims, and Wi@b)sims, respectively. In agreement with
Bruenn & Mezzacappa (1997) we find that a higher enclosed aiag® moment of shock
formation leads to a more energetic prompt shock. AltholghBoS influences the energetics
of the prompt shock these variations are only minor comp#wdtie total amount of energy
which is needed to disrupt the star in an explosion.

Cooperstein & Baron (1990) found that the softer the nuatepration of state is, the more
energetic the resulting prompt shock will be (see van Rij9&81 Baron et al. 1985, 1987b,a).
However for this study a parameterised EoS was used and ithgsiés where contradicted by
Swesty et al. (1994) in a study withe the “realistic” L&S-Ea$sing diferent compressibility
modulus of bulk nuclear matter (180 MeV, 220 MeV, 375 MeV) e tL&S-Eo0S the later
authors did not find any strong dependence of the prompt séeeigetics on the sihess of
the EoS. Our results completely agree with this study, ao@ghat this is also true for EoSs
that are based onfiierent nucleon-nucleon interaction potentials.

Accretion phase and Neutrino emission

After the prompt shock stalls due to energy losses, the #oorphase sets in and the shock
gets pushed out by the accreted matter that piles up on tfecewf the nascent neutron star.
Since the gas falling into the stalled shock is strongly tFeéed and the post shock velocities
are much smaller than the local sound speed, the structutres afccretion layer between the
surface of the proto neutron star and the supernova shodarb/rhydrostatic (see Janka 2001,
Janka et al. 2002). Then the change of the shock positionirgynafluenced by the conditions
at the boundaries of the accretion layer. On the one hand #&ss @ccretion rate through the
shock front determines the rate of mass inflow to the acerdéiger and the ram pressure at
the shock front4v?). On the other hand the mass and radius of the nascent nestarodefine
the gravitational potential and provide the support of tearty hydrostatic layer of matter that
piles up onto the central core. The compactness of the naseeatron star is determined by
the stitness of the Eo&nd by the amount of neutrino cooling that allows the cooled erati
settle on the inner core (remember that in simulations wittmeutrino cooling the shock gets
pushed out farther and farther because matter does notreskttle on the proto-neutron star).

Since our models do not explode, neutrino heating is obiyoust strong enough which can
be seen in Fig. 3.15, where we show the heating and advectiesdales of the stellar plasma.
These timescales are calculated by the expression (sea daak 2001)

Rs — Eint — GM/r
Tady = Rs-Rs and Theat™ M ' (3.2)

v Q

whereE;jy is the internal energy per nuclec@M/r is the gravitational energy per nucleon,
Q is the heating rate per nucleon and all quantities are iatedrover the volume enclosed
between the shock radil’, and the gain radiuBg, v is the postshock velocity.

Alternatively, we adapted the expressions for the adveditinescale across a pressure scale
height and the timescale for net neutrino heating given lynison et al. (2004). The timescales
then read
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Figure 3.11.: a The density profile of the models at thredfeient times after the shock
formation. b: The same density profiles as a function of radius. Note that th
models Shen(io)sims and Wk{io)sims show nearly identical structure in the
inner part (M< 0.3M;, , r < 8 km). c: The adiabatic index and the enclosed
mass as function of radius for twoftérent times after the shock formation. The
vertical lines represent the position of the electron riratsphere.
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Figure 3.12.: Overview over some quantities during the postbounce phatia@s of 50ms,
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100ms, and 150ms after the shock formation. For reasonaifycome curves
are shifted upwards by the stated amouat. The temperature for the three
models. Whereas the temperature in the proto-neutronsstar all times low-
est in model L&S(io)slms, and highest in model \fiib)sims, the situation is
reversed at the position of the shock (temperature peakg. eftropy profiles
(b) also show that the entropy in the shock is highest for mo@eb(io)sims,
and lowest in model Wdi(io)sIms. c: The Ye-profile shows that the electron-
fraction below the shock is for all times slightly lower in el L&S(io)sIms,
which implies a stronger deleptonisation and cooling (s@eefd). Note that
negative values ind) mean a net neutrino cooling, whereas positive values give
a net neutrino heating.
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Figure 3.13.: a The luminosity of all neutrinos flavours as seen by an oleatinfinity. The
numerical evaluation was done at a distance of 500 km froroghére. The left
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Figure 3.14.: The spectral distribution of the neutrinos at specific tirffems paneh, 50 ms
b, and 150 mg) after the shock formation for an observer at infinity evédda
at a radius of 500 km from the centre. The symbols represendata points,
the curves are obtained by a spline interpolation.
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Figure 3.15.: The advection and heating timescale for model Wa))slms (top panel),
Shen(io)sims (centre panel), and L&S(io)sims (bottom Parrespectively.
Plotted are the timescales according to the definition in. Bgh(bold line) and
Eqn. 3.3 (thin line).
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Figure 3.16.: The Brunt-Vaisala frequence, see Eqn. 3.10, as functionaxfsnfleft panels)
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M [Mg]

0 0: L&S(io)sims Shen(io)slms Wolff(io)sims
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thplms tpplms tpplms

Figure 3.17.: Contour areas of the positive Ledoux criterion (i.e. regiarich are unstable
to convective flows) inside the nascent neutron star asifumof time and the
mass coordinate. The lines in the upper part of the plotgatdithe positions of
the electron neutrinospheres (top), anti—electron neagpheres (middle), and
heavy lepton (anti) neutrinospheres (bottom).

H p . dP dr
Tadv = and Theat= E with - H (3.3)

whereH is the pressure scale heigRtthe pressurey the mass density, ar@ is the heating
rate. The timescale for neutrino heating was averaged dvad#al zones between the gain ra-
dius and the shock position. Since neutrino heating is ggsimear the gain radius the pressure
scale height was determined at the gain radius. Althoughtiselute values areftirent, both
definitions of the advection and heating timescales (E@safd 3.3) show that the respective
heating timescale is longer than the respective advedtioestale.

For the discussion of the shock expansion we have to inteodame quantities and definitions
that will be used. Note that we define the radius of the nasoeutron star at the position of
the neutrinosphere for electron neutrinos and we definegbh&inosphere as the radial position
where the spectrally averaged transport optical depth

. S o [T de H(r, e (1, e)
R fr ar(r)) fr r 5 deH(r", €) (3.4)

equals unity. Herg" is the inverse of the mean free path of neutrinos betweenrttegactions
andH(r, €) is the first angular moment of the specific intensity of radia The inverse mean
free path 14" or the transport opacity",

1o & 35
/ltr =X _Ka+KS - 3 (')

which is relevant for momentum transfer from neutrinos tgegs is written as an absorption
part«; (compare with Eqn. 6 of Cernohorsky et al. 1989) which inekighase space blocking
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(see, e.g. Egn. C29 in Bruenn 1985) and an isotropic and aotanpic scattering pareéo) and
K(Sl), respectively. Note that the scattering contribution iswated from the cross section of
momentum transfer (cf. Egn. 12 in Straumann 1989).

Furthermore we define the compactness of the nascent neténoas ratio of enclosed mass
below the neutrinosphere and the position of the electrotrim@sphere. Then we write:

Cns = M/Mo ] with rs = 2GM,c? (3.6)
rv/rS

wherers is the Schwarzschild radius of the dense core,

G is the gravitational constani, is the enclosed mass below the neutrinosphere which has
radiusr,, andc is the speed of light.

In the following we will discuss how the nuclear equation tafts influences the shock propa-
gation after the prompt shock stall and how the E&i8as the neutrino emission. We therefore
introduce the following sub-phases as indicated by thaécatines in Fig. (3.10):

e Phase A: from the stall of the prompt shock to the time whemthdrinosphere of elec-
tron neutrinos reaches its maximum position. In this pheggch lasts roughly 30 ms,
the mass accretion rates through the shock front decrei@seklyg and quickly; as a con-
sequence the ram pressure on the shock drops and allowslaestpansion. This phase
is almost identical for all three EoSs, see Fig. 3.10a, hew#w model Wdf(io)sims
shows the fastest shock expansion because of the fastesindite mass accretion rate,
see Fig. 3.10b.

e Phase B: from the end of phase A to the time of maximal shockresipn. In this phase,
because of neutrino cooling, matter starts to settle, aach#scent neutron star starts
to shrink. However, the mass accretion rate still decreaggsficantly. This results
in a still expanding shock despite the fact that the shockssg its support. Finally,
after reaching its maximum position of 149 km, 145 km, and kAOfor the models
Wolft(io)sIms, Shen(io)sims, and L&S(io)sIms respectivelg shock retreats.

e Phase C: From the beginning of the shock decline to the endra$imulation. In this
phase the mass accretion rate nearly becomes constanehdgrtipactness of the inner
core increases, and the shock recedes further.

Since in this stage neutrino cooling iieient, the system is nearly hydrostatic (see Fryer et al.
1996, Janka 2001) and one can derive the approximate ekpress

Ry ((RNS)4(kBTNs)4)2/3 | 3.7)

IM| vMns

from the Eqns. (39)-(63) in Janka (2001). H&gs is the radius of the neutron star,its tem-
perature,M its mass, andVl the mass accretion rate through the shock front. This emuati
describes the qualitative behaviour of the system as lorfggaing is not important, the adia-
batic indexI” roughly 43 and the shock velocity is much smaller than the pre-sholdcivg of
matter. Thus a slightly more extended neutron star leadsigniicant larger shock radius and
the shock in the model Wfilio)slms stays farthest outside.
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The link between the compactness of the proto neutron stitha£0S is shown in Figs. 3.11a-
c. Our models develop filerent compact cores in a radial region below the neutrirergpand
above the hardly compressible matter(2,r ~ 10 km). Below 10 km the density profiles and
enclosed masses, and thus compactnesses, of the mode{@iras and Wdf(io)sims are
nearly identical, but above 10 km the compactnesses dedélgpently in time. In this region
the Wolt-EoS is the sffest EoS which results in the most extended core and thusdisgdnp
Egn. 3.7 to the largest shock position.

In Fig. 3.12 we show snapshots of profiles of temperaturaopyt electron fraction and
heating rates. Interestingly, we find that model L&S(io)slmith the compactest core shows
stronger heating and cooling than the other models. Cemsigiwe find that model L&S(io)sims
emits more and “hotter” neutrinos than the other modelsK#ge3.13) and model Wélio)sims
shows the lowest cooling and emits less energetic neutrinos

The neutrino processes are influenced by the structure amaspheric conditions (e.g. den-
sity and temperature profiles) of the nascent neutron sthoktie accretion layer, which both
are influenced by the equation of state. On the other handresslg discussed, the cooling is
responsible for the settling of the accreted matter ont@tie and thus the cooling feeds-back
at the evolution of the proto—neutron star.

One of the most prominent features that occurs during a aatgpse supernova is the so-
called shock breakout. It is defined as the moment when theksfiont that is born in a
neutrino opaque region breaks through the neutrinosplehe electron neutrinos and thereby
produces an luminous burst of electron neutrinos. This &appn our models roughly 4 ms
after the shock formation, which is after the prompt shock $talled. Thompson et al. (2003)
already discussed the properties of the neutrino signaliftarent values of the compressibility
modulus of bulk nuclear matter in the Lattimer & Swesty Eo8 found only a weak depen-
dence. In our simulations with equations of state that doonét differ in the compressibility
but also in the composition we find a largeffdrence in the neutrino luminosity and energy
during the shock breakout as well as in the late time evatutithe electron neutrino luminos-
ity of the breakout peak as seen by a static observer at infiaiies roughly between 15% and
22%2, see Fig. 3.13, and between 5% and 20% during the later @oluThe energy losses
due to neutrino emission during the first 163 ms after the lsfmenation are 44.6 foe, 39.2
foe, and 38.3 foe in the models L&S(io)sIms, Shen(io)sinmel @/olff (io)sIms, respectively.
The diferences in the burst luminosity in our models are a resutli®@stronger deleptonisation
in a more extended spatial region in the modelsfflo)sims and Shen(io)sims. Furthermore
the models behave in such a way that the optical depth in giéptbnisation region is slightly
smaller and thus these models are less opaque and allowettieoel neutrinos to escape more
easily. The average neutrino energies for neutrinos ofalbflrs also vary between 8% and
20% in our models, see Fig. 3.13. Note that we present heres avaerage energy defined by

fooo de €2J,(¢)

1
2
00 ’ Ve {Vev;e,V ,TJT ,T} (38)
Iy de J,(e) ] o

(&/)RMS = [

2However, this variation is not big enough to distinguistietient EoSs by the measurement of the burst signal in
a neutrino detector (see Kachelriel et al. 2005).
3A “foe” or a “bethe” stand for an energy of 10erg.
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where J,(¢) is the zeroth moment of the specific intensity. The spedtf@rmation of the
various neutrino flavours is shown in Figs. 3.14a — 3.14c aha bf 5ms, 50 ms, and 150 ms
after the shock formation, respectively. We find only litkgiation of the spectra with the EoS.
However, at early times the model with the L&S-EoS showsghdlly softer spectrum than the
models with the stfer EoSs.

During the accretion phase another interestinfjedence in the models becomes visible:
Whereas model L&S(io)sIms shows no mass fraction of a reptatve heavy nucleus be-
low the shock front X, < 0.1%), we find sometimes significant amounts of heavy nuclei in
the other two models, see Fig. 3.9a — Fig. 3.9d , where a soap$lthe composition 10 ms
and 50 ms after shock formation is shown. The correspondergsity profile can be found
in Fig. 3.9e. Again the representative nucleus in model Geshms is heavier than the one in
model Wolt(io)sIms. At later times after shock formation the repréatve nucleus contributes
less and less of the mass fractions but in case of modeff{fgdsims nuclei can be found up
to 120 ms after the shock formation, see Fig. 3.8. This mask shheavy nuclei between
fluid layers of free protons and neutrons in the nascent oewiar may be very interesting in
multi-dimensional simulations of these models, since thater stratification may influence
instabilities in the nascent neutron star.

Analysis of hydrodynamic instabilities

Convection is known to be of great importance for the shoakution, since it influences the
heating of matter behind the shock front and can influencex¢iuérino luminosity at the neu-
trino spheres (see e.g. Herant et al. 1994, Guillot et al51KR8il et al. 1996, Mezzacappa et al.
1998a, Fryer 1999, Fryer & Warren 2002, Buras et al. 20036B@0). However, spherically
symmetric models do of course not show any convective flawtshey do show the gradients
of entropy and total lepton number which are mainly resgadador convective instabilities.

In our spherical symmetric simulations, we discovered ¢t that should lead to convec-
tivly unstable regions in multi-dimensional simulatiortdowever, one has to be careful with
this analysis since in a multi-dimensional simulation tlagkreaction of convection onto the
structure of the atmosphere can change the conditionsghatd convection in the first place.

We identified the regions of potential convection with thelhex-criterion, which can be
written in the form Buras et al. (2006b)

_[(0p) ds  [dp dy
Cled = (as)Y’P ar * ((’)Y)SP a 20 (3.9)

wheres = s+ s, is the entropy per baryomcluding the neutrino entropy, the density)Y =

Ye + Y, is the total lepton number per baryon. In a multi-dimensi@maulation we expect
that convection would develop in regions where Eqn. 3.9gpesitive values. Regions with
Cieq < 0 are otherwise stable against convective instabilitynFEgn. 3.9 one can calculate the
Brunt-Vaisala frequency

wpy = SigNCieq) —g Cledl, With (3.10)

g = —d®/dr being the gravitational acceleration.
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3.2.3 Summary

The Brunt-Véaisala frequency denotes the growth rate ofdhtains if it is positive (instabil-
ity), and the negative of the oscillation frequency of stailodes, if it is negative. In Fig. 3.17
we show for the proto-neutron star contours of the evalubgstbux-criterion as a function of
time and radius. Whereas we expect the development of ctiverggowths at all times in the
models Shen(io)sims and Wk{io)sims, the model L&S(io)sIms does not show a continuous
positive Ledoux-criterion. This might imply that protouteon star convection would develop
faster in 2D-models which would apply the Shen and fWBbSs. However, for all models
our analysis reveals that the unstable region is expectbd teep inside the PNS, which may
prevent a modification of the neutrino emission by convectiows. This question can only be
answered in 2D-models where the strength of convective tiioand the over- and undershoot-
ing of fluid flows is taken into account.

3.2.3. Summary

We have simulated the collapse of a 15 Mtar and the subsequent shock propagation with
three diferent nuclear equations of state with a Boltzmann neutremrasport code in spherical
symmetry. We have considered the three equations of stailalale to us, namely the L&S-E0S
which is based on a finite temperature liquid drop model, t&WEos which is calculated with

a Hartree-Fock method, and the Shen-EoS which adopts #istlatmean field treatment for
dense baryonic matter. All three nuclear equations of stegediferent values for the nuclear
parameters and show e.gffdrent softness.

We find that the properties of the representative nucleescharge number and mass num-
ber, are dierent in the three equations of state as well as the densign e transition to
homogeneous matter proceeds.

These diferences in the EoSdfect the deleptonisation during the collapse phase and thus
the collapse timescale and the shock formation point. Tineclaed shock is more energetic for
stiffer E0Ss, but this energy gain is by far lower than the energger for a prompt explosion.
In our models we find a much stronger variation of the burstaigvith different EoSs than
it was found by Thompson et al. (2003). However, we point bat these variations are nev-
ertheless to small to allow for theftkrentiation of diferent EoSs by the measurement of the
neutrino burst signal (see Kachelriel3 et al. 2005).

The Eo0S is more relevant for the subsequent accretion phiese, we find that a gfier EoS
shows lower and “cooler” neutrino emission. Thus mattersduoa cool very #iciently and a
less compact core forms that pushes the shock farther ailgveampared to simulations with
softer EoSs. On the other hand, a softer E0S shows strongkngand heating and it is thus
not clear from first principle which kind of EoS is more favahle for creating a supernova ex-
plosion. This answer can probably only be given in multi-eitsional simulations that are more
sensitive to the changes in neutrino heating and coolingesime growth of convection strongly
depends on these two values. However, a stability analysisralitions that may lead to con-
vection in the proto-neutron star reveals that details @HbS may be important for convective
instabilities. Especially the Shen-EoS and W&oS show a matter stratification in the nascent
neutron star that seems promising for the development oieiRgoy Taylor instabilities. We thus
conclude that the detailed knowledge of the EoS for hot andelenatter is indispensable for a
correct treatment of the supernova problem.
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3.3. EoS changes: Mimicking a high density phase transition

In the previous section it was shown — by using threedent EoSs — that the supernova
evolution depends in a complex manner on the EoS. This is awbat unsatisfactory situation,
since the nuclear equation of state is still poorly known —raf to say unknown — at high
baryon densities (see, e.g. Lattimer & Prakash 2004, Latt@05, Horowitz et al. 2004b,a,
Tartamella et al. 2005, Lattimer 2006, Lattimer & Prakasb&0On the one hand, the nucleon—
nucleon interaction potential is not known at high densit&d on the other hand, it is also
unclear what matter looks like if it is compressed to supualear densities. Does a high—
density fluid of unbound protons and neutrons form? Or, dbs®m@e phase space points a
phase transition occur, and other hadronic particles ssigdicms or kaons appear? Of course,
there exist plenty dierent theoretical models, and they predidtatient states of matter such as
quark or strange matter, pion and kaon condensates, onlgmtion a few.

Thus the question arrises whether such possibly states témzae relevant for supernova
explosions ? From the point of view of a supernova modeller interesting to know to what
extend present simulations are sensitive to changes ofdBeaEhigh densities.

C. J. Horowitz provided a clever idea to test these quesiioosir simulations. The trick is
to artificially — but in a physical parameter range— modifg Supra—nuclear phase of an EoS
in order to mimic a high density phase transition from a noiclgas to e.g. a pion condensate.
In this approach it is assumed that the EoS below nucleaitienis not d&fected by the above
mentioned possible phase transitions and thus the EoS igietbahly above a threshold baryon
densityp;. Furthermore the amount of softening in the EoS from a ptesskotic phase is
limited because the EoS must still support cold neutrors starto some maximum masyax.
Adopting relatively aggressive choices (i.e. low values)d: and Myax in order to maximise
the dtects of this EoS softening, we chose the threshold density of

pt = 1.25% ppuc = 1.25% 27104 2 (3.11)
cms
wherepnyc is normal nuclear density. This implies that the changefénBEoS do not impact
normal nuclei or the value of the incompressibility at déasibelowpn,c and the changes will
only become active as soon as the density in our simulatioaesigo;.

Above the threshold densijy we then apply the following changes to the EoS: We add an
additional component to the EoS that is assumed to reducecoease the energy density
We then calculate consistently the change in pressurebatiiaindex, and baryon chemical
potentials which are caused by the change in the energytg&nsi

e By adding a tern\e to the energy density for a system at baryon densipg > p; we
obtain the new energy density

€ = e+ Ae =e€—alpg — p)°Oog — ) - (3.12)

4With this ansatz we are not able to take into account thatttite sf matter changes, and e.g. neutrino interactions
for pion condensates may change the opacities. Howevee #ire “model” phase transition takes place deep
inside of the dense core the supernova does not realizebposhiferent opacities on the timescale we do
consider here.
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Herea is a constant that can be chosen to vary the maximum masshth&dS will
support (a larger value afimplies a smaller maximum mass). Note that this modification
of the EoS in assumed to be independent of the temper&tared the electron fraction
Ye.

e The change in pressure associated wi¢hcan than be calculated from the derivative of
Ae with respect to the densips and we obtain

AP = —a(pj - p{)®(ps ~ 1) - (3.13)

e The changes of the proton chemical potengiglor neutron chemical potentialy can
than be expressed as

App = Aun = —23a(p — p1)O(oB — p1) - (3.14)

Note thatuy - up is unchanged because our correction is independevi. of

e The adiabatic indeX is then calculated according to

alnpP oP T[(%’) ]2
(o) -5l Tl e
A

wheresis the entropy per baryon.

Note that by construction, these changes to the high depkége of the EoS are thermody-
namically consistent and obey the Maxwell relations of iitestynamics.

These modifications allow us to soften oiffgh the EoS above the threshold dengityand
to investigate in parameter studies to what extend this digimsity regime (and some pos-
sible phase transitions in this regime) influence the timgution of supernova simulations.
Furthermore, these parameter studies are complementary wverall goal to understand the
importance of the EoS during a core collapse supernova sixplo

In Figs. 3.18 and 3.19 we show for some representative valugthe changes of the energy
density and the pressure for the L&S and YW&oS.

Parameter study with a 15 Mg progenitor model

With this ansatz for a parameter study we have calculatediessaf collapse and postbounce
models with the same 15Mprogenitor star of Heger et al. (2001) which was already used
Section 3.2. In these calculationgfdrent values of and the L&S—EoS or the WBHEOS were
used. The models and the valuesa@fre summarised in Table 3.1.

Surprisingly, we find that in our calculations the changethefEoS in the high density phase
abovep > 10M"g/cm? have no influence on the simulations neither with the inicady soft
L&S—-Eo0S nor with the stier Wolff—~E0S. The reason for this is simply found in the evolution
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Figure 3.18.: The modifications of the L&S—EoSa] The energy density as function of den-
sity and p) The pressure as function of density.
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Figure 3.19.: The modifications of the WAHE0S: @) The energy density as function of den-
sity and p) The pressure as function of density.

of the density in our simulations. During the collapse thesity never exceeds the threshold
densityp; and hence the modifications of the EoS never come into being.

During the postbounce evolution only at very late times tkasity exceeds the threshold
densityp; and the EoS modifications start to play a role. However, thiy bappens in a
spatially very narrow region in the centre of the proto nemitstar which does nofflect the
supernova evolution until we have stopped these simuktibnthis narrow region, depending
on the choice of the parameit&rthe EoS becomes softer orfr. This can be seen in Fig. 3.20
where we show the shock trajectories, the radius of thereleceutrinosphere (which we define
as the radius of the neutron star), and the value of the atitidbdex in the nascent neutron star
at a time of 250 ms after the shock evolution.

However, it is possible that the changes in the EoS becomertart at very late times when
the ongoing mass accretion increases the density of theomestar such that the density of
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Model name | progenitor| a[MeV 2] Mmax[Mo] | r [km] | EOS
WO sl5a28 |0 2.21 13.5 | Wolff
W-2e-5 s15a28 -2x107° 2.45 13.8 | Wolff
W+2e-5 sl5a28 | +2x10° 1.91 13.0 | Wolff
W+4.5e-5 s15a28 +45x10°° 1.41 12.1 | Wolff
WO0-20 s20 7 2.21 13.5 | Wolff
W+2e-5 s20 +2x107° 1.91 13.0 | Wolff
LSO sl5a28 |0 1.84 10.0 | L&S
LS-1e-6 sl5a28 | -1x10°® 2.57 12.8 | L&S
LS+2e-5 s15s28 +2x107° 1.51 8.65 | L&S
LS0-20 s20 0 1.84 10.0 | L&S
LS+2e-5-20 | s20 +2x107° 1.51 8.65 | L&S
LS-1e-6-20 | s20 -1x10° 2.57 12.8 | L&S
LS0-25 s20 0 1.84 10.0 | L&S
LS+2e-5-25 | s20 +2x107° 1.51 8.65 | L&S
LS-1e-6-25 | s20 -1x10° 2.57 12.8 | L&S

Table 3.1.: Overview over the models calculated withfdrent progenitor stars and the \Wel
EoS or L&S-EO0S, respectively. Stated are the progenitoraisatie values oé,
the maximum supported mass of this (modified) EoS and theisaxfia neutron
star with maximum mass.
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Figure 3.20.: a The shock position as function of time in the (modified) miedeith the
Wolft—EoS for the 15 M progenitor starb: The adiabatic index as function of
stellar radius at a time of 250 ms after the shock formatibis ¢learly visible
that the modifications of the EoS onlsfect the inner 10 km of the dense core.

a larger spatially extended region exceeds the threshaiditgie.® Instead of running this
model to very late times, the samffext can be obtained faster by simulating the evolution of

SWe will discuss this point in the following section.
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more massive progenitor models. We have thus additionatiylated the supernova evolution
of progenitor models whose masses exceed 45 Mhich we will discuss in the following
section.

More massive progenitors
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Figure 3.21.: a The shock position (upper solid lines) as function of tinoe the models
WO0-20 and W-2e-5-20. Also shown are the electron neutrino spheres (dashed
lines). b: The luminosity for both models as seen by an static obsextverst
at infinity. The evaluation was done at a radius of 500 km. Shawve the
luminosities of electron neutrinos (solid), anti—eleatreeutrinos (dotted), and
heavy lepton (anti) neutrinos (dashed).

200 T T 150
___L&S0-20
150k _ L&S+2e-5-20 ] __L&S0-25
__ L&S-1e-6-20 100+ _ L&S+2e-5-25]
= T __ L&S-1e-6-25
~, 100 E 3
50 E
50 4
0 L L 0 L .
0 100 200 300 0 100 200 300
top [MS] ton [MS]
a b

Figure 3.22.: a The shock position (solid lines) of models L&S®0, L&S+2e-5 - 20, and
L&S-1e-6 — 20. The position of the electron neutrino spheres are inelica
by the dashed linesh: The shock position (solid lines) of models L&S025,
L&S+2e-5- 25, and L&S-1e-6 — 25. The position of the electron neutrino
spheres are indicated by the dashed lines.
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Figure 3.23.: The neutrino luminosities (upper panels) and rms neutnreygies (lower pan-
els) for the same models as in Fig. 3.22c for the 20M, progenitor model,
andb,d for the 25M, progenitor model. Both the luminosity and the rms en-
ergy were evaluated at a radius of 500 km and they were transfbto the
values as seen by an static observer resting at infinity.

During a supernova evolution the central density reachgkehivalues for more massive
stellar progenitors. Thus the above mentioned modificatiointhe supra—nuclear phase of
the EoS should become more important when the mass of thiar giebgenitor is larger. Al-
though this statement is true in general, it strongly depemd the sfiness of the EoS for
which masses of progenitor models and at which time (i.e. mwh mass was accreted on
the nascent neutron star) the supra—nuclear modificatibtiteedEoS become important. As
already discussed above, a supra—nuclear phase can onipnwdaemportant if a large fraction
of the neutron star exists in this supra—nuclear densityeamhis should be demonstrated with
a softer versiond = +2 x 10> MeV~?) of the Wolf—EoS and a 20 M progenitor model of
Woosley et al. (2002). As Fig. 3.21 shows, this combinatibthe progenitor mass and the
rather stif Wolff—E0S at densities below saturation density does not ch&egeupernova evo-
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lution during the first 300 ms after the shock formation, as alaeady seen in the calculations
with the 15M, progenitor model. Quite contrary, in case of the L&S—EoSdbeespond-
ing model L&S+2e-5-20 clearly shows a changed supernova evolution and a fdsiaking
dense core, see Fig. 3.22a. Vice versaftestversion of the L&S—Eo0S (model L&Se-6-20)
clearly shows a more extended neutron star and a trend tewsdesults with the WE-EOS.
Inspired by this result we have also calculated a supernaydehwith a 25M, progenitor
star, where thefeects should even be stronger. Indeed, in these models-{&%-25 and
L&S—-1e-6-25) we find a (strong) sensitivity to the EoS physics of theaudpuclear phase.

This can be seen in Fig. 3.22b where we depict the shock positind the radii of the nascent
neutron stars for the simulation with the unmodified and thigesed stiffened EoS for the
25M,, progenitor model. As one can clearly deduce from Figs. 3:82the choice of the pro-
genitor model has such an tremendotig@ on the importance of the supra—nuclear density
phase of neutron star matter that in the softened run witR5hd,, progenitor the whole inner
core collapses to densities aboveé3gycm?. Physically this probably means that at this stage
a black hole forms, however,e¥tex is numerically not suitable to follow the evolution of the
dense core to such high densities and the run was stoppdd atdment. Sttening of the EoS
leads — as expected — to a more extended neutron star forrtgemitor model. In Fig. 3.23
we depict the neutrino luminosities and rms energies fomtloelels with the 20\ and the
25 M, progenitor star, respectively. A faster shrinking neutstar implies, by conversion of
potential energy, higher neutrino luminosities and emsgivhich then also increases the neu-
trino heating. Vice versa a model with a more extended newdtar shows lower luminosities,
neutrino energies, and thus less neutrino heating. FigdReshows exactly thisfiect.

As we showed in Table 3.1 afterent supra—nuclear phase has influence of the maximum
mass of the neutron star that can be supported by the EoS.Mdoimeour models, we do not
see diferent masses for theameprogenitor model with modified EoSs. The reason for this
is the following: first, the mass accumulated in the nascentron star is determined by the
accretion history of the model. However, this accretiortdnisis the same since the (high—
density) EoS modifications do not influence the mass acoredite which is determined by low
density matter falling towards the neutron star. For theaaaof mass conservation all of our
models have the same mésg the same time, which e.g. is 1.4 Mor the 20 M, model 150
ms after the shock launch. Second, all of our models do ndbdgpand thus no explosion
relatedmass—cutg can be found. The question if the supra—density phase hast# on the
mass of an isolated neutron star (i.e. after the explosigpdrzed) can thus not be answered
with these models.

3.3.1. Summary

From the simulations presented in this Section we conclbude the — unknown — supra—
nuclear density phase (strongly) influences the supernesaiteon in spherically symmetric
models. A supra—nuclear phase that softens the EoS wiltteadlenser and smaller proto neu-
tron star and higher neutrino luminosities, energies, and more neutrino heating of matter.

SHere, to be precise, the term “mass” means baryonic magier&ices in the neutrino luminosities can lead to
different gravitational masses.
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3.4 Expansion of the Wolff-EoS to low densities: the importance of the density regime
below 10 g/cm?3

However, the supra—nuclear phase will be only importaritefa sizeable fraction of the dense
core enters this regime. This depends both on the mass ofdlgemptor and on the $tness

of the E0S below saturation density. For example in caseiff\Wolff—EoS almost no matter
was compressed to supra—nuclear densities but insteagtadthof the neutron star matter was
not able to overcome the “incompressible wall” at densitielow saturation density. In case of
the softer L&S—EO0S this was not the case; the simulationwsti@ strong dependence on the
supra—nuclear phase of mattard the mass of the progenitor model. Our results imply that in
an extreme case for a certain progenitor mass range the-swgtear phase either triggers or
prevents the collapse to black hole which might be of straflgence for the collapsar model of
gamma ray bursts (see, e.g. MacFadyen & Woosley 1998). A deiedled study, which could
not be conducted in this thesis, with a larger sequence @femitor models and tlierent val-
ues ofa would thus be very helpful in order to understand the impm#aof the supra—nuclear
phase of the EoS in more detalil.

Although our less extreme models did not form a black holetaedchanges of the supra—
nuclear phase did not cause qualitativetent results in 1D—models, these changes might be
of great importance in multi-dimensional simulations. Bagling on the progenitors mass the
supra—nuclear EoS produces either faster or slower cdimgezores if the EoS becomes softer
or stiffer. This might be of large importance for multi—dimensiosapernova calculations: as
Scheck (2006) found the development df-a1 shock instability and the thereby caused explo-
sion is favoured by a faster shrinking neutron star. Theoreésr this is that a faster contracting
neutron star produces, by conversion of potential eneiigjehn neutrino luminosities and en-
ergies , which then also increases the neutrino heatinghdmodels by Scheck (2006) this
contraction of the dense core was given by a chosen boundaxiton but it could as well
be explained by a softening of the EoS at high densities. thus important to also examine
the consequences of a phase transition in the EoS in muiterdiional simulations that allow
convection and low modes shock instabilities to occur. Heredue to lack of computer time,
this ansatz could not be followed in this thesis.

3.4. Expansion of the Wolff-EoS to low densities: the
importance of the density regime below  10%g/cm?®

A considerable shortcoming of the runs with the WeEoS which were discussed in the previ-
ous sections is that the WBHEOS is not tabulated for densities below gicm?®. Therefore, we
switched to our low—density EoS at already this high deritypared to the switch at a density
of 6 x 10’ g/cm?® in case of the L&S—E0S. On the other hand, it is reported ifhatt, Fryer,
personal communication) that the L&S—Eo0S does produce agwnomber of alpha particles
for some thermodynamical combinations of the temperafuaad the electron fractio, for
densities lower than 1&g/cm?, and that this may cause a qualitativéfelience of the simula-
tions’. Therefore, in this Section we will discuss whether the abmentioned shortcomings
of the Wolt and the L&S—Eo0S do influence the results of our simulations: this purpose

"Therefore, as already mentioned in Section 3.2, we nornaliyot apply the L&S—-EoS for densities below
10" g/em?.
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we apply an extension of the WBIEOS table (from hereon called Wisllowden—EoS) which
is tabulated for densities between'46/cm?® and 10 g/cm?®. In case of calculations with the
Wolff-EoS, we apply this low—density EoS for the density rangevbdi® g/cm?® and are thus
able to determine whether relative high density value ofldkaeer boundary in the Wa-EoS
causes any problems in our simulations.

For the runs with the L&S—E0S, we apply this Welowden—EoS for densities below
101 g/cmPand are thus able to exclude a large fraction of the L&S—Eo8revithe number
fractions of alpha particles are wrong. Additionally, to aebL&S(io)slms, which was intro-
duced in Section 3.2, where we switched in the postboundetevo from the L&S—E0S to our
17-species “low—density” EoS for densities lower thah*tcm? (see Section 3.2). We have
calculated the postbounce evolution of two more models:h@mwmhe hand model L&S(io)sIms—
pur, where the collapse phase was computed purely with tHe-ES for densities larger than
6x10’ g/cm?®. On the other hand we also computed a model L&S(io)sims—érewve replaced
our 17 species “low—density” EoS with a four species “lowasiy” EoS.

Altogether, these runs allow us to judge the importance efwiihong alpha—particle mass
fractions in the L&S—E0S for our numerical results.
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In Fig. 3.24 we show representative examples for the exdansi the Woff—EoS to lower
densities for the energy density, pressure, and entropg fonstant value of the electron frac-
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tion and temperature.

3.4.1. The density regime below 10°g/cn? in the Wolff—EoS runs

We have simulated the collapse and postbounce phase of d (nuattel Wokt(io)slms—low)
that uses the Wé-lowden—EoS for densities between®§)cm® and 10 g/cm? but has oth-
erwise the same micro—physics and numerical treatmenteastiiel Woff(io)sims, which is
discussed in Section 3.2.

During the collapse phase only minor quantitativedtences occur: since model \iio)-
slms—low collapses faster:(250ms) than model Walio)sims & 350ms), see Fig. 3.25a,
but while the same implementation of electron capture retassed, less time for electron
capture is available and thus the central electron andrefpswtion stays slightly higher in
the model Wait(io)sims—low, see Fig. 3.25b. Though thigtdrence is small it is of the same
order than the observedftiirences between thefidirent EoS—runs, which are discussed in
Section 3.2 (cf. Fig. 3.7). Consequently, the shocks forslightly different mass-coordinates
(AM =~ 0.02 My,).

These diference obviously originate in the density regime betweémi@m?® and 13 g/cn?,
since nothing else is fierent in the models and the reason is a technically one: theleetron
capture rates of Langanke et al. (2003) are only tabulatedtfosities above £§/cm?. Further-
more, for technical reasons (cf. Appendix A.3.1), thesesratre only evaluated for the “high—
density” NSE-E0S. Thus in model WE(io)slims in a small density window (8§/cm?® < p <
10°g/cm®) instead of the new rates of Langanke et al. (2003) the ge&ntiof Bruenn (1985)
was used, whereas in model W¢b)sims—low the new rates were used also in this density win
dow. This resulted in more electron captures in this demaitge and thus reduced the collapse
timescale.
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Figure 3.25.: a The central density during the collapse as function of tiliote that the
time is normalised to the moment of shock formatidm.The central electron
fraction (solid) and lepton fraction (dashed) as functibnemtral density.

The postbounce evolution is qualitative the same, excemrfall, transient dierences are
visible, see Fig. 3.26. As was already discussed in SectidntBe shock radius in the ac-
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Figure 3.26.: A comparison between models Viio)slms and Waft(io)sims—low.a: the po-
sitions of the shock front (solid) and of the electron newdsiphere (dashed) as
function of time. The vertical lines indicate the time whiae tass shell corre-
spondingto 1.5 M reaches the shock frorti: The mass accretion rate through
the shock front as function of timec: The luminosity of electron neutrinos
(solid), of anti—electron neutrinos (dashed) and heavioleanti) neutrinos
(dotted).d: The rms neutrino energy. The linestyles are chosen iddntiche
ones used in panel c.

cretion phase is a function of the proto—neutron star madsraaius, and of the mass ac-
cretion rate through the shock front (cf. Eqn. 3.7). As one see in Fig. 3.26b for a time
interval of roughly 100 ms model Wd{io)slms—low shows a smaller mass accretion rate than
model Woff(io)sims. This leads immediately to a faster shock expansichich is seen in
Fig. 3.26a. The mass accretion rate becomes lower, sincelriddalff(io)sims—low collapses
faster At ~ 100 ms) and therefore mass shells with lower density reazkhhbck front earlier.
This is depicted by the vertical lines in Fig. 3.26a that éated the time when the mass shell
corresponding to.5 M, reaches the shock front. When the mass accretion rates besgem
nearly equal the shock fronts adjust to the same positiohe. tfansient nature of the drop in
the mass accretion rate is caused during the collapse phbses the mass shells that resided
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at the start of the simulation in the regime of the Wdbwden—EoS (i.e. at densities between
10° g/cm® and 10 g/cm®) collapsed faster. As one can see in Fig. 3.26c¢ tifiierdint mass
accretion rates also cause slightlyfeient neutrino luminosities, since as already explained in
Section 3.2, stronger mass accretion leads to more reléagavitational binding energy that
can be radiated away in neutrinos. Together with the otlfBgrdinces this transient disappears
when the mass accretion rates become identical.

We thus conclude this discussion by stating that the EoSidémsity range betweenigycm?®
and 10 g/cm? can influence the collapse of a stellar model. Furthermbeedetails of the col-
lapse history determine at which time which mass shell paggeugh the shock front, which
can have somefkect on the shock expansion. However, theSeots are small and therefore
do not make a qualitative filierences in our simulations. Thus the central question ifaaly e
transition at density of y/cm® between the Wél-EoS and a low—density EoS did strongly
influence our numerical results has to be answered for tierdnt regimes:

We find that the collapse phase (regime 1) is indeed influebgdtie choice of the EoS in the
density regime below £ay/cm?, and the dierences are comparable to th&eliences we found
in Section 3.2 where we used in collapse simulations thiierdnt EoSs for the densities larger
6x 10" g/cm?. Itis highly probable that all results of the collapse phabéh are linked to the
collapse timescale are indeed set by the Ed®dinces in the density regime below1g/cm?®
and it is thus not astonishing that thétdrences we find here are comparable to tfiedinces
that were discussed in Section 3.2.

The postbounce phase (regime Il), however, shows only sinafisient diferences for the
extension of the Wél-EoS to low densities, which dissappear when tlfiednt “collapse his-
tories” are advected through the shock front. Thus, thesesignt features can be linked back to
the collapse phase of the simulations. Furthermore, thé&ahces are small compared to the
ones we found in Sections 3.2 and 3.3 where we showed thaighelénsity p > 10** g/cm®
or supra nuclear Eo$ (> 101 g/cm®) has a large fect on the postbounce evolution. Thus in
the postbounce phase the low—density EoS plays a minor role.

3.4.2. The L&S—Eo0S below 10Yg/cm?

In the previous subsection we showed that the choice of ti&dEaensities below 2@/cm?
has only minor influence on the supernova evolution for ruitls the Wolf—EoS. In this para-
graph we will address the wrong number fractions of alphdigles in the L&S—E0S (see
also Section 3.2). In a first step we will discuss model L&@lims—low—pb, which was
started at the moment of shock launch from saenecollapse model as model L&S(io)sIms,
which was already discussed in Section 3.2. THEedince between the models L&S(io)sIms
and L&S(io)slms—low—pb is that for densities betweer®tfcm? and 10 g/cm?® the Wolf—
lowden—EoS table was used. This approach allows us to ige#éstthis density regime in
the postbounce phase without comparing models that hav&eaedit collapse history which
“contaminates” the postbounce phase, as was shown in th@pseparagraph. Afterwards,
in a second step, we will re-investigate this issue with an&stent” model where even in the
collapse phase the low—density version of the fi¥&oS was used.

Figure 3.27a shows the shock trajectories and the radieafiiscent neutron stars for models
L&S(io)slms and L&S(io)sims—low—pb. The latter model shsoavslightly larger shock radius,
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Figure 3.27.: A comparison between models L&S(io)slms and L&S(io)slme~pb. a: the
positions of the shock front (solid) and of the electron neosphere (dashed)
as function of timeh: the density at which the neutrinosphere resides (solid) an
the mass accretion rate through the shock front (dashedg. tNat the accretion
rate was multiplied by 1% in order to be on the same scate the luminosity of
electron neutrinos (solid), of anti—electron neutrinassfued) and heavy lepton
(anti) neutrinos (dotted)d: the rms neutrino energy. The linestyles are chosen

identical to the ones used in panel c.

which is due to a combination of two facts: Firstly, the massretion rate in this model is
slightly lower for a time between 50 ms and 70 ms after the lsteancl¥, see Fig. 3.27b. As
it was already discussed several times, this causes the shpck expansion in the same time
interval. Secondly, at later times the shock radius stagefasince the neutron star radius is
slightly larger (see the discussion in Section 3.2, Eqn). 3f7is important to realise that the
larger neutron star radius is not a direffieet of the EoS below densities of ¥@/cm?, since
the neutrinosphere resides for all times at density aroun® & 10'°g/cm?®. This can also be
seen in Fig. 3.27b. The larger neutrino sphere radius, henvesan hydrostatic adjustment to

8This change in the mass accretion rate is a result from tlwtisistent” treatment that we interchanged a part of
the L&S-Eo0S to the Wdl—-lowden—-EoS
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Figure 3.28.:Upper panel: The shock trajec-
tories (solid lines) as function of
time for models where tfierent
EoS were used for densities
below 1G*g/cm?. Also shown
are the electron neutrinospheres
(dashed), the anti—electron

7 -2F 3 neutrinospheres are (dashed-
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8l several-dots). Lower panel: The
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the changed conditions in the accretion atmosphere betiheesnock front and the neutron star
which are influenced by the EoS. This adjustment takes pracesdiately after we switched to
the Wolt—lowden—EoS which gives a strong hint that this switch wasalorupt. However, this
even enhances the predictability of this test model, sinea éhis sudden and extreme change
in the conditions did not lead to veryftirent results compared to model L&S(io)sIms.

Smaller changes are also visible in the neutrino luminesiéind rms energies, see Fig. 3.27¢c—
d. These changes, however, are only shown for completeimessthey are so small.

Finally, we want to discuss model L&S(io)slms—low which weculated with the use of
the Wolf—lowden—EoS even in the collapse phase. Except for thisgghemthe collapse sim-
ulation, the same micro—physics was used as in model L&Si®-low—pb. This model is
thought to complete the discussion of the importance of ésitly range below #8g/cm? in
the L&S—-E0S. Using the Wélowden—EoS in a collapse simulation together with the L&S—
EoS leads to a slightly prolonged collapse (250 ms instea2D8fms). This delay happens,
as we have already discussed in Section 3.2, until a cergraity of 131 g/cm? is reached
(this takes 190 ms and 232 ms, respectively) and the corapsals very fast to nuclear satura-
tion density. In this early phase, model L&S(io)sIms—lovpenences stronger deleptonisation,
as is visible in Fig. 3.29a, which results in a stronger delejsation (by two percent) at the
end of the collapse. This change is again comparable witlvdhees found in Section 3.2
for simulations with three dlierent EoSs. Thus, again, we find that the collapse time and the
deleptonisation are sensitive functions of the EoS—pbyfsicdensities below 28 g/cmd.

The postbounce evolution in models L&S(io)sims and L& Him)s—low is again very similar:
the maximum shock positions are the same and the rate of stemtike is practical identical,
see Fig. 3.29b. Only for a short time interval the shock ttajees move asynchronously, which
is again caused by fllerent mass accretion rates through the shock front at tiess,tsee
Fig. 3.29c. This transient flerent mass accretion rate is again a result of therdint collapse
history. However, a comparison between models L&S(io)slow and L&S(io)sIms—low—
pb reveals an interesting fact: the “inconsistent” model3(&)sims—low—pb shows a larger
nascent neutron star than model L&S(io)sIms—low (or mod&E(io)sims), see Figs. 3.29b
and 3.27a. As already mentioned this expanding neutronsstaused by the sudden switch to
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3.5 Longtime runs: two parametrised explosion models

another EoS, and is obviously not visible if the EoS setumpichanged during the simulation.

Last, we show in Fig. 3.28, for models L&S(io)slms—pur, L&J§Ims—4, and L&S(io)sims,
the shock trajectories as function of time and the mass taereate through the shock front.
Clearly, in our calculation of a 15 M star the “bug” in the L&S—Eo0S does not influence the
supernova evolution: The shock trajectories are quald@htiand quantitatively very similar,
except for some transient features where the mass accreties are dferent, which was al-
ready seen in the simulations discussed in the previoug)rzoia.

To summarise this discussion, we conclude that in our caticuis the wrong number fraction
of alpha particles in the L&S—Eo0S does not influence the super evolution. We obtain sim-
ilar results, independent of the details of the EoS used dossities below 18 g/cm®. Thus,
we have learned from the simulations with the L&S—En#l the WolF—EoS that the details
of the EoS for densities below 10g/cm? only slightly influences the postbounce evolution by
changing the mass accretion flow through the shock front. é¥ew the collapse phase is more
strongly dependent on the EoS in this regime. The collapse &nd the final deleptonisation
are strongly determined by the early phase of the collapsiéaicentral density of roughly
101 g/cmd is reached. Of course affiirent deleptonisation (i.e.fierent total values of elec-
tron captures) may have an influence on the neutrino emissidrihe structure of the forming
neutron star on longer timescales than investigated irstbiyy. Nevertheless, we conclude that
— at least for the simulation times regarded here — theferdnt collapse histories hardly
influence the postbounce evolution in our models.

3.5. Longtime runs: two parametrised explosion models

In the previous sections the influence of the EoS on the ewolwtf core collapse supernovae
was discussed. Especially the (small) dense core, whopeipies are set by the “high—density”
EoS p > 10112 g/cm?), shows a large feedback on the shock propagation at laagérand
densities around £@y/cm®. Nevertheless, simply because our spherically symmeaticuta-
tions do not yield an explosion, the discussions from theipts sections does not allow to
investigate the influence of the EoS on the supernova phase adtually the explosion starts.
Also it was yet not possible to investigate the influencerdfie onset of the explosion when a
neutrino—driven wind sets in. But, of course, it is inteirggto know, how the EoS influences
this phase, and how the neutrino emission from the left-Azeproto—neutron star looks like.

However, this goal is hampered by the fact that supernovauileions still do not routinely
show successful explosions.

On the one hand modespherically symmetrisimulations of core collapse supernova agree
in two facts:

e the prompt shock mechanism for core collapse supernovae matework, see Bethe
(1990).

e except for very low mass progenitorsl (~ 9 M, , Kitaura et al. 2006) the delayed neu-
trino heating mechanism does not wérk

9Note that this statement is not (necessarily) true for ndiitiensional simulations, see e.g. the discussion in
Section 4.2 and Buras et al. (2006a).
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On the other hand, modemulti—-dimensionakimulations of core collapse supernovae do
(sometimes) show explosions (see, e.g. Buras et al. 2006d)ever, these simulations are
computationally so expensive that they cannot be calaliltiesuch late times necessary to
investigate the neutrino emission from the “remnant” proteutron star.

Therefore, we artificially triggered the explosion in (camtgtionally cheap) spherically sym-
metric simulations, in order to investigate these longtibo& dfects during a supernova explo-
sion'©,

As was already mentioned in Section 3.2 spherically symmsimulations do not explode,
since matter is not heated strong enough to revive the shonok fThis can be explained by the
ratio of the advection timescale and the heating timescil&n. 3.2): normally in spherically
symmetric simulations fluid elements are accreted too Fasugh the gain region in order to
be heated substantially to trigger a delayed exploston.

The whole idea behind the current supernova explosion garads that the neutrino heating
efficiency must be high enough, in order to trigger a delayedosiguh. This explains, why
supernova modellers undertake hudtors to implement as accurate as possible neutrino—
matter—interaction rates (which are responsible for tlatihg, but also cooling) in core collapse
supernova codes. However, remembering Fig. 3.15, we findréheghly a 2 times shorter
heating timescale (i.e. a 2 times higher heating rate) wbeldeeded for a delayed explosion in
spherically symmetric simulations of a 15 Mstar. This by itself tells us, that either the current
supernova codes calculate the neutrino heating wrorigdigrs of 2 or — which is more likely
— other physical processes such as convection, or rotaiigugssibly magnetic fields have to
be taken into account in multi-dimensional simulations.

Nevertheless, by increasing the heating rate (i.e. reduttie heating timescale) a explo-
sion can be launched in 1D-simulations. We have simulateld attificially explosions for a
20 M progenitor model with the L&S and WIHHE0S, respectively, by increasing the neutrino
heating rate by an artifically chosen multiplicative hegiimcreas&Q, see Table 3.2. Note, that
this approach of course is not conservative, but insteaygne artifically fed into the heating
region, however, with this approach we can investigaters¢igsues:

Firstly, these artificially triggered explosions allow wscheck by which amount the heating
efficiency must rise in order to produce delayed explosions respally symmetric simula-
tions. This value 06Q can than be interpreted as upper bound for multi—-dimenssmaula-
tions, since turbulent flows allow matter to stay longer i@ btieating region and this by itself
increases the heatingfieiency compared to 1D—models. Note, that this studytsneant (and
does not allow) to imply anything on the supernova explosimthanism itself (i.e. how this
increased heatingféciency can be accomplished in a self—-consistent mannerebintfusion
of different physical aspects).

Secondly, these explosions allow us to study the importantee EoS on the properties of
emitted neutrinos (i.e. luminosities, mean energies aadtsp) from the “naked” proto—neutron
star. This means that during the explosion a massficig@chieved and an isolated proto—

1The role of the EoS in multi—-dimensional simulations willineestigated in Part I of this thesis.

IMulti-dimensional simulations can circumvent this problby the additional degrees of freedom, which allow
the fluid (e.g. by convective motion) to stay longer in thetimegregion, but as we will see in Part |l this is not
necessarily the case.
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neutron star forms which cools by neutrino emission. In meploding models this neutrino
emission is dwarfed by the accretion luminosities (i.eigteitbution of gravitational binding
energy into neutrino flux) of the accreted matter and therimeuemission of the proto—neutron
is practically invisible, whereas in an explosion the emisgrom the neutron star is visible.
As was already shown in Section 3.2 the EoS determines thetwte and temperature of the
nascent neutrons star and thus also influences the prapeftiee neutrinos radiated from the
dense core. As mentioned we have triggered these explobipm@stificially increasing the
neutrino heating in the heating region by a chosen fa@@r However, there is also another
degree of freedom is the time when this increase becotftiestige and the explosion sets in.
For two reasons we have chosen a rather late time of rouglolyr20

o Firstly, we want the supernova evolution to be well in theratton phase but we do not
want to trigger the explosion at the moment when theCsinterface passes the shock
front and the shock reaches its maximum position (see egg3R30). This simply repre-
sents the careful point of view that though the necessanewaiisQ to trigger the explo-
sion might be smaller at the moment of maximum shock expansie did not want to
constrain the upper bounds & on a case that would require extreme fine turlihg.

e Secondly, since we want to look at the neutrino emission eflaked” nascent neutron
star we want the neutron star to be in agreement with obs@eeition stars. This implies
that after the mass cut the proto—neutron star should havasa around 1.4 M, see
Lattimer & Prakash (2004) , which implies that the explosioust set in late enough for
such a dense core to form.

In Table 3.2 we summarise for our models the value of the asmé heatingQ, the time
when this modification was applied, and the value of the finaésrand radius of the neutron
star that we determined at the end of our calculations.

In Figure 3.30 we show the shock trajectories, the radii efitascent neutron stars (as defined
by its neutrinosphere), the neutrino luminosities, and#tie of the advection and heating time
scales for our non—exploding calculations of the 20 progenitor with the L&S and the Wi
EoS. The dierences caused by the EoS are clearly visible and are divaliteery similar to
the ones that were already discussed in Section 3.2 for az1pidgenitor model. It is also
apparent that increasing the heatirfogency at the moment of maximum shock expansion
would lead to the largestiects since the ratio of the advection and heating timesbalesmes
largest at this moment. However, as we have discussed ahisvevas not the approach we
wanted take in this numerical study.

Figure 3.31 depicts the same quantities for the models leaéxli with the Waf—EoS and
artifically increased heating rate. It is interesting toeniiat an increase of the neutrino heating
by a factor of6Q = 2 at a late time does not lead to qualitative changes of thersopa
evolution, since the ratio of the characteristic timessaewell below unity. However, a three
times stronger neutrino heating does trigger an explositimese spherically symmetric models,
and an even stronger heatinf) = 5) does not strongly change the morphology — except for

2However, note that this is not correct if the heatifigoiency is increased by some (speculative) feedback mecha-
nism when the composition interface reaches the shock. front
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Model name| Increase in heating rate E0S | tstart[MS] | Mns [Mo ] | rns[KM | tsiop [MS]
W20-0 no increase Wolft 205 1.51 37.8 330
W20-2 2 times Wolff 205 1.52 36.7 380
W20-3 3times Wolff 205 1.56 26.4 890
W20-5 5 times Wolff 205 1.55 27.9 740
LS20-0 no increase L&S 214 1.51 28.1 340
LS20-3 3times L&S 214 1.54 24.8 470
LS20-4 4 times L&S 214 1.53 21.2 750

Table 3.2.: Overview over the models calculated with a 2@ Mrogenitor star that where ar-
tifically exploded by increasing the heating rate by a chdaetor. Shown are the
values for this increase, the used Eo0S, the time when thisdse was triggered,
and the mass and radius of the neutron star at the time théegiomwas stopped.
Note that all times are normalised to the moment of shock &ion.

Model name| Increase in heating rate E0S | tcom[mMS] | Mns [Me ] | rns[km]
W20-3 3times Wolff 740 1.56 27.9
W20-5 5times Wolft 740 1.55 27.9
LS20-4 4 times L&S 740 1.53 21.2

Table 3.3.: For the exploding models form Table 3.2 a comparison at a Gfi&0 ms after
the shock formation. Shown are the masses and radii of theamestars at this
time.
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a slightly faster onset of the explosion — of the explosidiis &lso obvious from Fig. 3.31 that
we find some “oscillatory behaviour” in the exploding modelse shock expands and retreats
before the final expansion, the ratio of the heating and dtbretimescale also oscillates, as
does the neutrino luminosity. The same behaviour — but inre-exploding model — was
reported by Buras et al. (2006b), where the authors foundatlshock expansion reduces the
mass accretion and thus the conversion of energy into neutiminosity. Thus, in turn, the
heating drops, which leads to a shock retreat and, comgl#iacycle, the mass accretion and
neutrino heating rises again. Interestingly, both modek®¥8 and W20-5 show this behaviour
after a period of constant shock expansion when roughly iasasf 400 km is reached. This
implies that at this time the heating is not strong enoughaigse a further shock expansion,
but this oscillatory behaviour sets in, and after some tineghieating becomes strong enough to
finally cause the explosion.

An overview over the models which were calculated with theS=&0S is given in Fig. 3.32.
Here an interesting fference to the models with the WBIEoS becomes visible: whereas
model W20-3 with an increase of the heating rate by a factdhrele already showed a con-
vincing explosion, the corresponding model L&S20-3 did giraally not explode. This can be
deduced from the shock position (Fig. 3.32a) and from theevaf the timescales which is near
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Figure 3.31.: a The shock position as function of time for models that werlewated with
the Wolf-EoS and artifically increased neutrino heatig.The radius of the
nascent neutron star (defined at the neutrinosphere fotrateneutrinos) as
function of time. As expected, artificially stronger hegtithoes not influence
the neutron star since the heating was increased in outsitie dense corec:
The ratio of the advection and heating timescates he luminosity for electron
neutrinos measured at a radius of 400 km. Note that the ataiik visible in
this plot, stem from a feedback cycle between the mass amenette and the
accretion luminosity (see text).

unity (Fig. 3.32d)t3 This is consistent with the discussion of Section 3.2 whieneas already
shown that both the heating and advection timescales anmtiies that are sensitive to the
used E0S. One reasons for this is that the advection timeesaflirally depends on the distance
between the shock position and the neutron star, which mdte both strongly influenced by
the EoS. Furthermore, this model does not show any oscildé@atures, quite in the contrary,
the shock is expanding constantly once the heating wasasede This implies that depend-

Bt is possible that this model would explode at a later tinieces a trend that the timescale ratio increases can be
extrapolated from Fig. 3.32d.
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Figure 3.32.: a The shock position as function of time for the L&S—EdS.The radius of

the nascent neutron star (defined at the neutrinospher&eftdiran neutrinos) as
function of time.c: The ratio of the advection and heating timescales Note that
the jump of this ratio at a time of roughly 100ms is in coineide with the very
fast shock expansion when a composition interface reableeshiock front (see
panel a). Note also that model L&S20-3 is marginally not egplg since the
ratio is almost above unityd: The luminosity for electron neutrinos measured

at a radius of 400 km.

ing on the conditions (Eo0S, shock position, compactnestehtscent neutron star) and the
value of the heatingficiency a “direct” explosion (i.e. immediate shock expangior some
“lingering phase” (i.e. theféect of heating has to build up to cause a further shock expansi
can be obtained. We thus deduce from these models that inte-damensional simulation a
factor of three or four higher heatingfieiency would be sfiicient to explode this particular
20 M, progenitor model with the Wl or the L&S—E0S. Furthermore it is expected that the
necessary value strongly depends on both the progenitoelnraad the used EoS.

Finally, we will discuss the properties of the “naked” nagceeutron star, focusing on the
neutrino emission of this hot and dense object. But first atskmark on the properties of the
neutron star shall be made. In Table 3.3 the masses and fdb& oeutron stars are given at
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a time of 740 ms after the shock formation. Here we find, as@ggethat though the masses
are roughly equal, the radius is smaller for the softer L&8SEwhich leads to a compacter
neutron star. The reason why the masses inside the densareonet equal is that thtal
simulation time is dferent when time is normalised to the shock formation. Thastledels
had diferent time to accrete matter withfidirent (EoS dependent) mass accretion rates, which
leads to diferent masses of the neutron star.

Considering the (EoS dependent) neutrino emission of talatisd neutron stars we will take
models W20-3 and L&S20-4 as examples in the following disioms*.

As one can see in Figs. 3.31d and 3.32d in the exploding mditelsiminosities drop com-
pared to the non exploding ones. The reason for this is tleaimss accretion onto the core
continously decreases and finally completely vanishes vilhermass cut is reached, conse-
quently the luminosity reaches a constant level.

Figure 3.33a shows the neutrino luminosity for all neutrspecies measured at 50 km as
function of time for the models W20-3 and L&S20-4. Obviousig inner core of model
with the L&S—Eo0S always emits higher luminosities than thedel with the Woff—EoS; this
amounts to roughly 30% higher luminosities for heavy leptentrinos at a time of 700 ms.
It is also interesting to note that for some time, as long aso#tillations of the luminosity in
model W20-3 are visible, the luminosities for electron ant-a&lectron neutrinos are equal
in this model. The corresponding neutrino energies, are/shn Fig. 3.33b, where again the
model with the L&S—E0S emits more energetic neutrinos, hvewthe diference amounts only
up to 14%. Consistent with the rms neutrino energies therineuspectra for model L&S—-4
are broader and show their peak at slightly higher energes Fig. 3.34. The results of these
simulation clearly show that even after the explosion ispesming the equation of state for the
dense core still influences the supernova evolution. Itieeely interesting that fferent EoSs
predict diterent neutrino luminosities and spectra, both in the bugses (cf. Fig.3.13), and in
the neutron star emission during the explosion. Neutrimesexcept for gravitational waves,
the only observables that can reveal physical details dabeutleep interior of the supernova.
Naturally, the question arrises whether neutrino signaasured in current or future neutrino
detectors allow predictions of the EoS of the dense core.dliference we found in the burst
signal in Section 3.2 are too small for such an attempt, sed&lgel et al. (2005). However, it
will be subject to a future study to answer the question wératih not current neutrino detectors
are able to discriminate between our “predictions” ofldte timeneutrino emission during the
supernova explosion.

Nevertheless, we conclude thaffdrent EoS result in ffierent neutrino properties during the
ongoing explosion. Furthermore fidirent equations of state predict veryteient contraction
laws of the dense core. Though the EoS is poorly known andisnsénse this contraction
behaviour should be interpreted cautiously, there mighitripdications on investigations of the
neutrino—driven wind and nucleosynthesis, which dependiteely on the compactness of the
neutron star (Arcones et al. 2006).

140f course, for a better comparison it would be useful to @date the models with he same amount of artifical
heating (e.gsQ = 4) and the same explosion time (etg.= 214 ms). However, this will be postponed to a later
study.
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Figure 3.33.: @ The neutrino luminosities measured at 50 km as an statiereés would
measure them at infinity for the models with the L&S-EoS andfiA&oS.
Shown are the luminosities of electron neutrinos (solid)i-a&lectron neutrinos
(dashed), and heavy lepton (anti) neutrinos (dotted)he rms energy for the
same models as in panel a. The linestyles are also chosepaséha.

3.6. Summary of Part |

In Part | of this thesis we used several spherically symmsinmulations of core collapse super-
novae with spectral Boltzmann neutrino transport in orddnvestigate the importance of the
nuclear EoS on the supernova evolution. As explained intéfape to Section 3.2 this study is
motivated by the fact that the nuclear EoS is poorly knowrthierconditions that are encoun-
tered during a supernova simulation. Thus the uncertaimig¢hestructureof matter (i.e. its
constituents and the shape of nuclei) as well as the uncgesiof such fundamental quantities
like the pressure are quite large. By investigating how isgashe evolution of core collapse
supernovae really is onfiiérent theoretical equations of state, one is able to iryestito what
extent the uncertainties of the used EoS change the regubisr simulations. Our study of
Section 3.2 with three flierent nuclear equations of state clearly show that the soparsimu-
lations yield quite dierent results depending on the choice of the EoS; The comgmscbf the
nascent neutron star changes, which directly influencegabigion of the shock front. Further-
more, also observables as the neutrino luminosities anmimeenergies were found to rely on
the applied EoS. These results clearly stress the impatahiovestigating the physics of core
collapse supernova with a focus on the EoS. Since the mfistuii and most uncertain part
of an EoS is the supra—nuclear regime at densities beyoridarngaturation (a regime hardly
accessible by laboratory measurements) we artifically firsatl{Section 3.3) existing EoSs in
this regime, in order to be able to judge its importance ofaineady found EoS dependence.
The modification that were applied to the EoS were guided bydtbcussion that matter may
undergo a phase transition at these densities at the relagtween density and pressure might
soften dramatically. We found that this supra—nuclear pathe EoS can become very im-
portant for the supernova simulation, if a sizeable fracbbthe dense core resides in this high
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density regime. We also found a strong progenitor depered@wigich reflects the fact that more
massive progenitors produce denser cores), where in oeeactst collapse to a very dense
core, presumably a black hole, could be observed. Thus, weluae that the supra—nuclear
phase of the EoS is of large importance for the supernovaigenl We furthermore conclude,
that observations of core collapse supernocand the masses of their progenitor stars could
allow to constrain, by ruling out very soft supra—nucleaag#s, the supra—nuclear regime of
nuclear EoSs. As Section 3.4 shows, the importance of thve-tlensity” EoS, turned out to
be quite small. We thus conclude, that thietiences that were discussed in Section 3.2 where
different nuclear EoSs were used are mainly set by the high-tdeegime of the EoSs.

Since all our implications of the EoS influence on obsenable the neutrino luminosities
and neutrino energies go backrton—explodingnodels, we artifically triggered the explosion
of some models which were calculated witlfeient EoSs, see Section 3.5. Here we found
that indeed the dense core that exists in centre of an ongajsigsion emits dferent neutrinos
luminosities, neutrino energies, and spectral distrdmutf the neutrino flux, if dierent EoSs
are used in the simulations. These results indicate thatlibervation of the neutrino emission
of proto—neutron stars might be useful to infer details eff#oS.
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In the following Part Il of this study 2D—simulations of cocellapse supernovae are ad-
dressed. The motivation for doing multi-dimensional (twalwee dimensions) simulations of
core collapse supernovae is can be summarised : Firsthg th@o reason to believe that stars
are perfect spherically symmetric objects neither durlrgdtellar evolution nor in the subse-
quent supernova phase. For reasons of simplicity sphesycametry is often assumed, how-
ever, even in the pre—collapse phase during stellar evolltical and even global inhomogeni-
ties are believed to occur (see, e.g. Bruenn 2005, Young20@b). These inhomegenities dur-
ing the stellar evolution are caused by convective enedgyster, rotation, magnetic fields, and
nucear burning, only to name a féw. Secondly, observations of the non—spherical debris in su-
pernovae remnants as SN 1987a suggest a non—sphericadierpioechanism (see,e.g. Hille-
brandt et al. 1989, Arnett et al. 1989, McCray 1993, Nomotal.€t994, Wooden 1997, Muller
1998, and references therein). Furthermore, observethfashg neutron stars that were kicked
out of the supernova remnant can be only explained by antamiso explosion of the super-
nova, see e.g. Scheck et al. (2006). Thirdly, it is a long kméaet (see,e.g. Herant et al. 1992,
1994, Burrows & Hayes 1995, Janka & Mueller 1994, 1996) thalrddynamic instabilities
such as convective processes have an important influenbe ef/blution of core collapse su-
pernova simulations. The reason for this is that convedticreases the energy transport and
supports the heating of matter behind the stalled shock.fi@acently, Blondin et al. (2003),
Scheck (2006) showed that growing global low mode shoclabilities can trigger supernova
explosions.

Hence core collapse supernovae should be treated in ninigrdional simulations. And
of course a 3D-treatment would be favourable. However,eatiitbment, state of the art sim-
ulations which couple hydrodynamics to spectral Boltzmagatrino transport are restricted
to 2D—simulations due to computational co%ts herefore, 2D—simulations are at the moment
the only hope to study hydrodynamic instabilities in sintiolas with Boltzmann neutrino trans-
port. Luckily, there are indications that a 2D—simulatioigit be quite reliable as (simplified)
3D-simulations of Scheck (2006) show.

In this Part Il of the thesis the next natural step is takenthed=oS &ects will be discussed
for two—dimensional models. It is of special interest wieettifferent EoS trigger dlierent
growth of hydrodynamic instabilities in the hot-bubble icegandor inside of the nascent
neutron star. As we have seen in Section 3.2 spherically stnermodels give indications
that the EoS might influence these instabilities. This Rastdrganised as follows: After some
introductionary remarks concerning our 2D—simulationsChmapter 4, we will discuss some
technical questions regarding these simulations. In Gndpive will then discuss the influence
of the EoS on the convection inside the proto—neutron staredisas on the convection in the
heating region behind the supernova shock front. Chaptetien dedicated to the influence of
rotation on the supernova evolution and the dependence aiujpernova explosion mechanism
on the mass of the progenitor star.

151t should be stressed here that the strength of the devi&tion spherical symmetry is still unknown, which
introduces another uncertainty in the modelling of coréaprsie supernovae.

163 3D-simulation of neutrino Boltzmann transport would iieguoughly 1PFlop of sustained performence on a
computer.
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Of the Nature of Flatland

| call our world Flatland, not because we call it so, but to emak
its nature clearer to you, my happy readers, who are prileg
to live in Space.

Edwin A. Abbott, Flatland 1884

Preface to the 2D—simulations

4.1. Preliminaries

All the 2D—simulations discussed in this work were perfodméth the MuDBATH-code, which

is explained in Chapter 2. If not stated otherwise, a 2D—kitian is started from a spherically
symmetric (1D) simulation which was mapped to a 2D—run rbudbms after the shock for-
mation. During the mapping a random perturbation of the itlemsth an amplitude of one to
two percent was applied. As Buras et al. (2006b) showed itemalo diference whether this
procedure is applied or whether the model was computed imr@D the onset of gravitational
instability and the perturbations were imposed at that tirdée chose the former procedure
since a spherically symmetric calculation of the collapse shock formation phase consumes
roughly a factor 100 less computer time than the correspgnaiD run.

By default all 2D—simulations were calculated as an°1@0rth to south pole) setup with 192
angular bins which gives an angular resolution O3®. At the pole axis a reflecting boundary
condition was applied.

Since we use spherical coordinates in our simulations, langays converge towards the
centre of our grid and the lateral width of the zone becomeg small, which would reduce
the time—step according to the CFL—conditioiThus, in order to save computer time (i.e. use
larger timesteps) we calculate the innermost 6 zones (Wiunlesponds to 1.6 km of the whole
star) as a 1D spherically symmetric ctre

If not stated otherwise, the same micro—physical input afativistic approximations as ex-
plained in Section 3.2 were used.

1The CourantFriedrichs-t ewy condition states that in order to be numerically stakilenastep of the algorithm
has to be so small that information does not travel more tin@wzone within a single timestep.
2As we will discuss in Section 5.1.1 this does not destroy dysizal process.
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Figure 4.1.: Schematic overview of the setup for théfdrent modelsa: (model s11.2—-180).
The blue arrows indicate a reflecting boundary conditiorhatolar axis. b:
(model s11.2-90) the upper half was simulated with reflgdtioundary condi-
tions at the polar axis and the equatmr(model s11.2-wedge-refl) a 9vedge
around the equator was simulated. Here also reflecting lmoymdnditions were
applied.d: (model s11.2-wedge) a 80nvedge was calculated. The red arrows
indicate the use of periodic boundary conditions.

VA

VA

Our 2D—simulations with spectral Boltzmann neutrino tors are computationally very
challenging, and need more that 70000 CPU hours. Needlessyiasuch a problem has to
be solved in parallel on modern supercomputers on a largdeuai CPUs.

4.2. An exploding model of a 11.2 Mg progenitor star: a test
case for geometry effects

Buras et al. (2006a) reported two simulations of a 11 2gdvbgenitor star of Woosley et al.
(2002) in two diferent geometrically setups: First, a90edge centred around the equatorial
plane with periodic boundary conditions was calculatednffrhereon model s11.2—-wedge).
A second full 180 model (north pole to south pole) with reflecting boundaryditbons was
calculated (from hereon model s11.2-180). In Fig. 4.1 anview of the setup is given. Except
for the volume and the boundary conditions both models hagesame angular and radial
resolution and the same input physics and the same physineégses were considered (for
details see Buras et al. 2006a).

Nevertheless, Buras et al. (2006a) reported a (low—eneygeiplosion of model s11.2-180
whereas model s11.2-wedge failed to explode. It was specuthat this dference is caused
by a combination of the factor of two larger volume and theefhg boundary conditions in
the 180 model compared to model s11.2—wedge with half the volumepaniddic boundary
conditions.
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To investigate this further we have simulated two additian@—dimensional models: The
first one, model s11.2-90, was set up as one quarter of thestab;-or upper hemisphete
, (9C¢° from pole to equator) with reflecting boundary conditionsddfionally this model
was calculated with slightly changed input phy$its investigate these influences in a two—
dimensional simulatio. The second model, model s11.2-wedge—refl, was calcula@®h
wedge around the equator but irffdrence to model s11.2—wedge reflecting boundary condi-
tions were applied, otherwise this model is identical to i@ 1.2—-90.

In particular these new models allows us to investigate kndrethe smaller volume in model
sl11.2—wedge, or the periodic boundary condition, or thetertce of the singular polar axis was
responsible for the failed explosion of the model s11.2-geed his comparison is possible for
the following reasons:

e model s11.2—wedge—-refl is comparable to model s11.2—-wedggpEfor the boundary
conditions. This is a test for the boundary conditions.

e model s11.2-90 is identical to model s11.2-180 except fersthaller volume (factor
0.5). This tests the volumetect.

e model s11.2-90 is identical to model s11.2—wedge—refl, éf rmtates the model by 45
By “leaving” the polar axis, one is able to test the axi®et.

Furthermore this comparison also allows us to investigdtetier the time evolution in the
model s11.2-90 is fterent compared to the model s11-2-180. This might tell ughener
not it is important to calculate a “full” 2D—model (i.e. 180or a smaller volume is sficient.
Last but not least, from this calculations we can learn tlfleemce of the newly implemented
electron capture rates on heavy nuclei, see Appendix Awhich is expected to be very small,
and we can judge the influence of the existence of small amaglientropy oscillations (see
Buras et al. 2006b) on a two—dimensional simulation.

First, we show in Fig. 4.5 the averaged neutrino luminasiéied rms energies for thefidirent
models. Here a two groups are visible: the models s11.2-048G4a1.2—wedge show almost
similar neutrino luminosities and energies in all neutiilawours, and the models s11.2-90 and
s11.2—-wedge—refl do show almost identical behaviour. Batbfs are separated from the early
beginning (i.e. from roughly 40 ms after the shock lunch) theldiferences become larger at
a time of about 70 ms after the shock formation. All the time lditer group (models s11.2—
90 and s11.2—wedge-refl), which were calculated with therg®n of electron capture on
heavy nuclei according to Langanke et al. (2003) (cf. Apperd3.1) shows lower neutrino
luminosities and rms energies. The reason for this can bedfguthe faster collapse of these
models which implies that the nuclear O-Si—interface readhe shock front earlier. This
reduces the mass accretion rate through the shock fronteasdjravitational binding energy

3We define a “hemisphere” of a “2D-star” as the computationahain from the north—pole to the equator...

“4Instead of the standard Bruenn (1985) description for edaaapture on heavy nuclei the newer rates of Langanke
etal. (2003), see Appendix A.3.1, were used. Note that iptistbounce phase electron capture on heavy nuclei
below the shock front is unimportant, and thus the modelsaidehaviour dferently.

SNote that in spherically symmetric models these new electa@pture rates have almost no influence on the
postbounce phase (cf. A.3.1).
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Figure 4.2.: Snapshots of entropy contours foffdrent models at a time of 50 ms after the
shock formation.a: model s11.2-18®: model s11.2—-wedgec: s11.2-90.d:
s11.2—-wedge—refl. Note that model s11.2—180 was calcuilated 180 setup.
The snapshots are oriented such that the equator lies htalo except in the

wedge modes where the equator goes from the lower left togperuight corner.
Different times are shown in Figs. 4.3 and 4.4.
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Figure 4.3.: Snapshots of entropy contours foffdrent models at a time of 80 ms after the
shock formation.a: model s11.2-180b: model s11.2—-wedge: s11.2-90.d:
s11.2—wedge-refl. The orientation of the snapshots is thme & in Fig. 4.2.
Different times are shown in Figs. 4.2 and 4.4.
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Figure 4.4.: Snapshots of entropy contours foffdrent models at a time of 150 ms after the
shock formation.a: model s11.2-180b: model s11.2-wedgec: s11.2-90d:

s11.2—wedge-refl. The orientation of the snapshots is thme & in Fig. 4.2.
Different times are shown in Figs. 4.2 and 4.3.
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Figure 4.5.: a The laterally averaged neutrino luminosities as functbtime for electron
neutrinos (upper group of lines), anti-electron neutrif@®up of lines in the
middle), and other neutrino flavours (bold, lower group a&k) as function of
postbounce time for all modelb.the rms energy for the electron neutrinos (low-
est group), anti—electron neutrinos (group in the middieyl heavy lepton neu-
trinos (upper group).

is released in less and cooler neutrinos. Figure 4.5 alsovsstivat the (laterally averaged)
neutrino luminosities and rms energies diok cause the dierent behaviour of the exploding
model s11.2-180 and non—-exploding model s11.2—-wedges bwity show the same values for
the neutrino emission. Furthermore the generic lower wluéhe models s11.2-90 and s11.2—
wedge—refl are also not very important, since model s11.2x@lbdes very similar as model

s11.2-180.

600 ,
400} AL .
- s .
- NN 1 Figure 4.6.: The laterally averaged shock
200+ o q . : §
L s11.2-wedge position as function of post
___s11.2-180 bounce time for all models.
__.s11.2-90
0 " ..s11.2-wedge-refl
0 50 100 150 200 250
tpp [MS]

This can be seen in Fig. 4.6 where we show the laterally aedrafpock position of the
models s11.2-180, s11.2-90, s11.2—wedge-refl, and slddBewAs it is clearly visible both
models that include the polar axis (s11.2-180 and s11.2s88) an explosion, thus simulat-
ing only a hemisphere did not suppress physics that was tanudior the explosion of model
s11.2-180. Both exploding models show the beginning of ¥pbosion when the O-Si com-
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position interface (see Fig. 4.6) falls through the shodktrand the decreasing ram pressure
triggers a shock expansion. This happens earlier in the hsdde?—90 which is however not
a consequence of the geometry of the model but is insteadseegoance of the used electron
capture rates of Langanke et al. (2003) that cause a fadtepse of the star. The fact that both
models explode also shows that the larger volume in modeRs180 wasot responsible for
the explosion. From Fig. 4.6 it is also obvious that both ni®deat were centred around the
equator do not explode, independent from the choice of tefipooundary conditions (model
s11.2—-wedge—refl) or periodic boundary conditions (motlélZ-wedge). This implies that the
periodic boundary conditions in model s11.2—-wedge alsmdicduppress the explosion. Quite
the opposite seems to be the case: The quite similar shgekttdes in the models s11.2—
wedge and s11.2—-wedge—refl suggest that the choice of thedaguconditions in a wedge
model is not very important, but rather that a wedge—modelfits a bad choicé.

In Figures 4.2 — 4.4 we show snapshots of the entropy for all imodels at a time of 50ms,
80ms, and 150ms after the shock formation. Clearly, in allet®convective instabilities begin
to develop at the same time independent of the geometry ohtitel. On can also clearly see
that the entropy fluctuations due to “entropy wiggles” (seea3 et al. 2006b) in models s11.2—
wedge and s11.2-180 (visible as circular stripes in thestefapcause a faster growth of small
scale convective instabilities (see e.g. the snapshotérash which are visible at later times
on top of the larger convective eddies. However, at a timeb0frhs this large scale convective
flows show nearly the same pattern (i.e. one big and one snimilgble) in all models In
this sense the geometry of the calculations shows at earistonly little influence on the time
evolution of the convective flows. That convection develimpan indeed very similar way can
be seen in Fig. 4.7a, where we show the lateral kinetic engegyeen the shock front and the
gain radius:

. I's
Eo (1) = f f %m(r,e,t)vgz(r,e,t)drde, (4.1)
g

wherery andrg are the gain radius and the shock radius, anid the lateral velocity. Ob-
viously, the energy contained in convective flows develogy wimilar in all models and the
exploding models s11.2-180 and s11.2-90 do not contain Br@egy in convective motion
than the other models. Rather we find again two separateggrronodel s11.2—-180 and model
sll1.2—wedge contain at the early times more “convectivegghehan models s11.2-90 and
s11.2—-wedge—refl. However, this demonstrates clearlycthatective energy contained in the
gain layer does not trigger the explosion. This, on the dtled, is also expected from the anal-
ysis of Foglizzo et al. (2005) which suggests that convadavours the growth of larger modes
than the observed loWw= 1,2 modes. The dlierent energies contained in convective motion
are probably caused by the perturbations that break theisphgymmetry of our models at the
beginning of our simulations: As already explained, mogéls.2—180 and s11.2—-wedge show
larger entropy perturbations (due to the entropy wiggleth@se models) which allow a faster
grow of convection on smaller scales. Although, as we dsedisbove, this does not lead to
large changes in the development of the convective flowggitnsto produce initially stronger

SHowever, one may of course argue which boundary conditiokesahysically “more” sense...
"Look also at the related discussion in Appendix E.
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Figure 4.7.: a The integrated lateral kinetic energy (cf. Eqn. 4.2) in bieé bubble region
between the neutron star and the shobk.The “heating” energy deposited by
neutrinos in the gain layer between the gain radius and thekshont as function
of time.

convection. The fact that two models explode, one with thisnger early convection and one
without, clearly shows that this does not influence our esiplo mechanism.

Thus, if convection energy is not responsible for the onséteexplosion in models s11.2—
180 and s11.2-90 what else may be responsible? Is it poskétl@eutrino heating deposits
more energy in the gain layer in the exploding models ?

The energy deposited by neutrino heating in the gain layerbeacalculated by integrating
the net neutrino heating term over the volume in the gainrlaye

SEqi(t) = f . f Qu(r. 6.1) ng (1. 6, t) dr do | 4.2)

with Qy(r, ,t) being the local net heating rate per baryon agft, 9, t) being the baryon num-
ber density. Again we find two distinct groups for the newrireating, see Fig. 4.7b. In the
exploding models the energy deposition becomes largetttteaone in the non—-exploding mod-
els at a time of 150 ms after the shock formation. Howeves, ihidue to the fact that at this
time the exploding models already show a significantly iaseel shock radius and the contri-
bution to the heating region in the integral of Eqn. 4.2 iases. Obviously, the heating alone
is not responsible for the start of the explosion, since anha df 110 ms model s11.2-90 al-
ready shows the shock expansion although the integratéshgeate is equal to the one of the
non—exploding model s11.2—wedge—refl. Furthermore, metieRP—wedge shows almost all
the time a similar neutrino heating as model s11.2-180 (&ed &rger heating than model
$11.2-90) but does neverthelesx explode.

The angular dependence of the neutrino heating rate, sed Bigreveals that at a time of
130 ms after the shock formation it is also not obvious thatekploding models gain more
energy by neutrino heating. We find a strong angular depeedenall models and one always
finds angle® where the heating is stronger in the models that do not egplétbwever, both
exploding models have in common that neutrino heating asze in the vicinity of the north—
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Figure 4.8.: The net heating rate as function of anglet a time of 130 ms (where the bifurca-
tion into exploding and non—exploding models already happgfor all models.
a: at a radius of 80 knt: at a radius of 100 kne: at a radius of 150 knd: at a
radius of 180 km

pole @ = 0) and energy transfer from neutrinos to the stellar plasnemihanced at this region.
Since both models explode with a large oscillatory modegtbe polar axis, this implies that
neutrino heating certainly helps the shock expansion aoagolar axis. But as Fig. 4.9 shows,
in the exploding models one does not find a significantly iaseel neutrino energy or number
flux in the region around the polar axis and thus the neutmmisgion does not cause the “polar”
explosions.

However, obviously, two of our simulations — the ones witflegting boundary conditions
— show an explosion. As Buras et al. (2006a) discussfizcgnt condition for an explosion
is that the ratio of the advection timescale and heatingdgake is larger than unity for some
advection timescales. Note that in 2D—simulations the disfimof the advections timescale
according to Eqgn. 3.2 is not appropriate since this defimitioes not take into account the con-
vective flows that inevitably prolong the advection. Thus2D—models we adapt the definition
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Figure 4.9.: The neutrino energy flukg (solid) and the neutrino number flieg (dashed) as
function of angle at a time of 130 ms after the shock formation. Note that both
quantities contain the contribution of all neutrino flavwuand that the number
flux was multiplied by eight in order to be of the same order afymitude as the
energy flux. Again dferent radial cuts are showa: at a radius of 80 knb: at a
radius of 100 kn: at a radius of 150 knd: at a radius of 180 km

of an dfective advection timescale (see Buras et al. 2006a) whauisre
TadlMi) = Taatl) = t2(M;) — t2(M;), where (4.3)

to is defined by the conditioM(r = rgain t = t2) = M; andty by the conditionM(r = rsnock t =

t1) = M;. This represents the timeftBrence when the same madsis enclosed by the shock
and later by the gain radius. Indeed evaluating this adwetimescale reveals a ratio of advec-
tion timescale to heating timescale larger unity for thdesipn of model s11.2-180, see Fig. 17
in Buras et al. (2006a). We show in Fig. 4.10 the heating toakesand advection timescale for
all models with the 11.2 M progenitor model. For all models the heating timescalevang
similar. However, the advection timescale increases ftin bgploding models at the time the
shock starts expanding. From this one can conclude twoghing
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Figure 4.10.: a The heating timescale as defined in Eqn. 3.2 for all model$he advection
timescales as defined in Eqn. 4.3 for the same models.

¢ Firstly, since the heating timescales develop in the sameimall models it is finally
ruled out that neutrino heating causes the onset of the gxplo

e Secondly, same heating timescales bffedent timescale ratios imply that in the explod-
ing models theadvection timescalbas to grow (as observed in the exploding models)
in order the ratio to exceed unity. The advection timescabsvg is the shock expands
and matter has to be advected over a larger distance to themnetar surface. Since,
neutrino heating does not cause this initial shock expanaimther mechanism has to
trigger the shock expansion and the increase in the adwetitieescale.

In recent years it became more and more obvious that addittomeutrino heating the ex-
istence of fluid instabilities can be helpful for a succeksfipernova explosion, since they
can lead to a shock expansion. This instability, which is wmmly called “a standing accre-
tion shock instability” (or SASI) does lead to a non—radialy—mode shock instability (see,
e.g. Blondin et al. 2003). A promising candidate that cadisissfor instability is the so called
“advective—acoustic cycle” (Foglizzo & Tagger 2000, Fegt 2001, 2002), where an acoustic
feedback is produced by advection of entropy and vorticgstyrbations from the shock front
down to the neutron star. These acoustic waves travel battketehock front and disturb it
which again causes entropy and vorticity perturbationdeénl, as Scheck (2006) convincingly
showed the growth of low—modé € 1,2 ...) shock instabilities can be linked to the existence
of the advective—acoustic cycle.

Following the analysis of Blondin et al. (2003), Scheck @0®e analyse our models for
the presence of the standing accretion shock instabilitg¥panding the pressuRr, 6, t) into
spherical harmonics

(o)

| )
PO, = ) > amr)¥im(®) = D a0t )¥o(0) | (4.4)

=0 m=-I =0
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Figure 4.11.: The lowest possible cdigcienta o/apo for the expansion of the pressure into
spherical harmonics, as function of time and radius. Theimam shock posi-
tion is indicated by the dashed line. The “zebra” strip patteelow the shock
front (setting in at roughly 70 ms) is a clearly indicatiornr the presence of
oscillatory pressure fluctuations, which are possibletertay the advective—
acoustic cyclea: model s11.2-90. Note that in this model the lowest possible
mode which is not zero is tHe= 2 mode.b: model s11.2-180. Here the= 1
mode is shown.

where the last step expresses the rotational symmetry ahodels around the polar axis.

Pressure fluctuations caused by the presence of the cyctharerisible as regular pattern
with a characteristic frequency, see e.g. Fig. 7 in Blondial.g2003).

Indeed our models show the presence of oscillatory presunteiations, which a clear sign
for the presence of a standing accretion shock instabgig Fig. 4.11, but only the models
containing the polar axis do show an explosion. The reaspthie is depicted in Fig. 4.12,
where the coicient of the expansion of the shock radius into sphericahbaics

rsh(®,8) = >~ ao¥io(®) (4.5)
=0

(analogous to Eqn. 4.4) are shown.

The important point to note is, that on the one hand, in modélis2—wedge and s11.2—
wedge-refl the low modes do not grow, whereas on the other thenldwest possible modes
do grow in the models s11.2—90 and s11.2—-180.

In model s11.2—wedge the modes do not grow because of thedjperiodic boundary con-
ditions: the necessary condition that the shock positioesqual at the borders of the wedge
forbids the growth of uneven modes, and the constraint tlewélocity at the borders of the
wedge are equal does not permit the growth of even modes. trelnsd1.2—wedge—refl the
reflecting boundary conditions do not forbid the growth ofdes but nevertheless no growing
modes are observed.

85



Preface to the 2D—-simulations

0.3 T T T T 0.3 T T T iy
|'| Ir"v'. ;: :: -'I‘
0.2F " E 0.2F AV
sll.2-wedge 7\ __ . F RN
- S| s11.2-180 iy
o __.s11.2-180 i . o FI Y
& s1l.2-wedge-refl ¢ & s11.2:90 s 1”
> O1f — S 9 e, . 'h;ul E 3 O01fF - IO AN E
& A 8 Lo
0.0f — - m— s e ‘\‘ K E
. 0.1 . \ \ \
0 50 100 150 200 250 0 50 100 150 200 250
ton [MS] ton [MS]
a b

Figure 4.12.: Some time—dependent deients obtained by expanding the shock position
into spherical harmonics. Note that the filaments are normalised to the= 0
mode. a: The codficient corresponding to the= 1 mode. Note that A= 1
mode does not exist for the model s11.2-80.The codficients for thel = 2

mode.

It remains thus to be answered why the standing accretiockshetability leads to a shock
expansion — and thus an increase of the advection time sdathws suficient to cause the
explosion — in the models s11.2-90 and s11.2-180, wherea®del s11.2—wedge-refl this
is not observed. In the exploding models the cycle leads tweaksexpansion along the polar
axis which in turn leads to an explosion along the polar axikis, however, seems logical
since along the polar axis an expanding shock has to movenlatter than at every other angle
0 and thus less pressure has to be applied below the shockafrené polar axis. In model
sl11.2—wedge—refl the pressure perturbations induced hyytie can not create a ficiently
shock expansion since in a wedge modekdt® around the equator matter located in a shell
has to be moved in order to allow a shock expansion. Thusgththe standing accretion shock
instability is allowed in the wedge calculation with refiagtboundary conditions it cannot lead
to a shock expansion and can thus not trigger the onset okfiteston.

Of course, one has now to ask oneself whether the explosiotieimodels s11.2-90 and
$11.2-180 are caused by the numerical features of the patamaa 2D simulation and these
explosions would dissappear in a 3D simulation. While agkiivat one should bear in mind that
in a 3D simulation, however, mass can be easily moved in coduivery similar to the situation
at the pole in a 2D simulation) and the shock expansion is awidered at any angie

Summary

From the analysis of the models presented in this Sectiorowelede that in two—dimensional

models the choice of the simulation setup can artificallypsegs an explosion although the
physical conditions favour an explosion. In particular,dels where the computational domain
is centred in a wedge around the equator and the polar axisligded can suppress explosions,
since rotational symmetry requires that matter has to besghovshells. Furthermore, we con-
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clude that in the particular case of the 11.2 Mrogenitor model discussed in this Section the
explosion is powered by neutrino heating in favourable @t that are created by an initial
shock expansion which is caused by the presence of the stpadcretion shock instability.
Only small diferences are observed in models where the computationalinl@meers 180

or 9C¢ (from north pole to the equator), though the lowest possimbeles of fluid motion are

| = 1orl = 2, respectively. From this we conclude that though a caticuiawith a grid that
covers the area between both poles makes physically mose $ean a simulation with a grid
that covers “only” the area between pole and equator, naallriboth setups seem to be al-
most equivalent. As a remark it should be mentioned that walsim not find an evolutionary
difference of a pole—equator or pole—pole setup in models imgudtation, see Section 6.1
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Effects of the nuclear EoS in
multi-dimensional simulations

5.1. The growth of neutron star convection and g—mode
oscillations

As we have already discussed in Part | of this thesis, theeau&oS influences the supernova
evolution in various ways. With spherically symmetric misdene is able to investigate and
understand many aspects of the interplay between the Eothasdpernova evolution. Exem-
plary we mention here the ffiness of the EoS, which controls the compactness of the meutro
star, which in turn directly influences the shock trajectdfpwever, as we have have already
discussed, spherically symmetric models suppress thieages of multi—-dimensional phenom-
ena, such as convection, which seem to be crucial ingregdieriie supernova explosion mech-
anism, see e.g. Section 4.2. Furthermore, an analysis fenfi@ convectivly unstable regions
in 1D-simulations (cf. Section 3.2) already indicated eofgg) EoS dependence. It is known
for a long time that convection inside the proto—neutrom glays a special role and has thus
been investigated in numerical studies (see, e.g. Burads 20@6b,a, Swesty & Myra 2005,
Dessart et al. 2006, only to mention a few). The large inténggroto—neutron star convection
can be summarised as follows:

e Proto—neutron star convection happens in the dense cdrestbptically thick for neu-
trinos. Thus, by convective flows in the direction of the miewgispheres, neutrinos are
dragged upwards together with the matter flow. This can ahamg neutrino luminosi-
ties and energies compared to non—convective spherigatiynetric simulations. These
changes in the neutrino flux may be important for the re—préss of the stalled super-
nova shock.
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e Convective flows inside the proto—neutron star change thetste of the core. Thus the
shrinking of the core can be influenced by the presence ofexbine instabilities. Since
the shock expansion also depends on the compactness ofrtbe decretor, thisfiect
has to be taken into account.

However, what is still missing is a study which investigabesv the EoS of the dense core
influences the convectioimside the dense core. Inevitably, it is expected that the EoS does
influence the growth of convective instabilities, see ehg.discussion in Buras et al. (2006b),
but it is totally unclear to what extent this will influenceetBupernova calculations.

Therefore, the investigation of EoSfldirences and their coupling to multi-dimensional ef-
fects is crucial to understand more deeply the role of the Eo&re collapse supernovae,
especially for convection inside the core and its feedbackhe whole supernova evolution.
For this purpose we have performed two 2D—simulations ofMJlStar (Woosley & Weaver
1995) with the Waff and L&S—E0S. In both simulations the same input physics astte
discussed for models Wi{io)sims and L&S(io)sIms from Section 3.2 was used, and gual
mapping procedure (see Section 4.1) onto a 2D—domain waig@pplowever, the timevhen
the mapping was done wadldirent. Since we expect a rapid start of neutron star correftr
the model with the Wdf-EoS (remember Fig. 3.17 in Section 3.2), this model was ethpp
2D directly after the shock formation. The first tens ms attershock formation, however, are
computationally very expensive. In order to make this dalkooen feasible model Wé-2D was
mapped in a first step onto an angular domain that covers #tegfiadrarit (from north pole
to the equator) with 96 angular bins which corresponds tealugon of 0.91. Subsequently
after an evolution time of around 100 ms after the shock féionahis model was than mapped
onto a full 180 domain.

On the other hand (see Section 3.2) we expect neutron steeamn to start more slowly in
model L&S-2D. Thus this model was mapped to a®180main with a resolution of 0.91at a
time of 10 ms after the shock formation.

We start our discussion by studying (Fig. 5.1) the Brunt-s¥ki frequency (cf. Eqn. 3.10). As
described in Section 3.2 the Brunt—\Vaisala frequence gi®di growing convective instability
for positive values of the Ledoux criterion (cf. Eqn. 3.9Metwise stable modes are predicted.

It is clearly visible, that at early times a convective itlity is found deep inside the dense
core of model WdF-2D , whereas model L&S-2D is stable against convectionm® tevolu-
tion of the neutron star convection is depicted in Fig. 5.2mhwe show the the lateral velocity
for the conditionvy > 7 x 10’cm/s. Though the behaviour is very similar in the models with
both EoSs, one again clearly sees that modelf#2D shows convection immediately after
the bounce, extending outwards to the neutrinosphere. , Hitam a few 10 ms this instability
disappears and a convective region similar to model L&S—2ietbps, however with the re-
markable diference, that in model WiBt-2D a gap of convective stability separates the region
of convection around the neutrinosphere from the “deep”amravection. Interestingly, the
onset of the early convection in this model can not be diydiiked to the presence of heavy

1As was shown in Section 4.2, calculating only & 8@main does not suppress essential physics, since we found
explosions for a model that was both calculated with & 2@l a 90 grid. The growth of & = 1 mode, however,
is prohibited in such a model — and replaced by the growth efrtixt lowest = 2 mode — which made the
second mapping at later times onto a 18€id necessary. See also the discussion in Appendix D.
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Figure 5.1.: The Brunt—Vaisala frequency as function of the mass coatdifor the laterally
averaged 2D—models (thick) and the corresponding 1D—radtieh) at diferent
times and dferent EoSa: The Wolf—EoSbh: The L&S-Eo0S

nuclei in the dense core. Although one would assume that genstatification, where heavy
nuclei are stacked on a fluid of free nucleons, and free noslace again stacked onto the layer
of heavy nuclei is convectivly unstable (since the specifgight of nucleons bound in nuclei
is smaller than that of free nucleons), however, it is notiels that convection starts in the
vicinity around the region of heavy nuclei (i.e. for masslisheetween B8 M, and 05 M, ),
but rather the early convection extends outwards to therinesphere. This implies that the
start of early proto—neutron star convection in model fi¢@D is not only due to the presence
of heavy nuclei in the dense core, but also that during the biefore shock formation the struc-
ture of the dense core develops such that it is unstable sigaonvective flows. It would thus
be interesting to calculate also the collapse phase of thideirin 2D, in order to investigate
whether convection would start even earlier than we obserudel Wolt-2D.

A more detailed impression of the neutron star can be olatdnoen Figs. 5.3 — 5.5. Clearly,
Rayleigh—Taylor instabilities, which caus&.~fingers”, develop much earlier in model Vifel
2D, then dissappear around 50 ms, and then reappear atrsiimiés when model L&S-2D
shows the first signs of neutron star convection. Overaliaéli¥.—fingers” are very similar to
the ones found by Swesty & Myra (2005), cf. Figs. 2 and 3 inrthaper, but they observe them
very early (at roughly 5 ms) after the shock formation eveththie L&S—Eo0S, and they claim
that this is due to the fact that they calculated the collap&®. However, as was discussed in
Buras et al. (2006a), calculating the collapse in 2D doedeaat to this early convection with
the L&S—E0S in our simulatiods

As a measure for the “strength” of the neutron star conveatie calculate the lateral kinetic
energy inside the electron neutrinosphere

. Ive
E, (1) = % fo fg (T, 60, g (1 6, )2 dr do (5.1)

2Swesty & Myra (2005) use totally fierent numerical schemes and physical approximations teastovand these
differences may be responsible for thfetience in the onset of convection.
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Figure 5.2.: Regions of convective instability inside of the proto—mentstar as function of
time fora: the Wolf—EoS and: the L&S—Eo0S. The dashed lines from bottom to
top represent density contours of'4010'3, 10'2, and 16'g/cm?, respectively.
The solid lines indicate the radii of 5 km, 10 km, 15 km, 20 krd,k2n, 30 km,
and 50 km (bottom to top). The thick solid line representgtbstion of the elec-
tron neutrinosphere and marks the “border” of the neutran $te almost black
shaded region indicates regions where the evaluation dfadeux criterion with
the laterally averaged 2D—data indicates instability. dhek grey region indi-
cates where the conditiap > 7 x 10’ cnys is fulfilled in a 2D—simulation. Fi-
nally, the light grey region indicates where heavy nuclé) (> 57 A Xy > 0.1)
are present (compare also to Fig. 3.8). Note that the evatuaf the Ledoux
criterion with laterally averaged data predicts convexinstability where indeed
convective flows are found (compare e.g. to Fig. 3.17), extmpthe band for
M < 0.2 M, . a: the Woli—EoS and: the L&S-Eo0S.

depicted in Fig. 5.6. At early times, model ei2D shows stronger convection, which is
expected from the Figs. 5.3, where model We2D shows vigorous fluid motion, whereas
model L&S—-2D seems to be in a quiet phase. However, accotdirkgg. 5.6 at later times
model L&S-2D shows about roughly 5 to 6 times stronger caimedhan model Wdt-2D,
which is due to the fact that more mass is in convective motemember Fig. 5.2.

This stronger and “continuous” convection (i.e. withow feparating stability band) in model
L&S-2D leads to a stronger adjustment of the neutron stactstre on the convective flows, see
Fig. 5.7: As expected, convection tends to “blow up” the reustar in both models, however
the changes are larger in model L&S—-2D than in modelff¥@D. Whereas the average neutron
star radius changes only by roughly 5 km in model #¥1D, model L&S—-2D shows an neutron
star which is extended up to 10 km more than the corresporidizgnodel. The results from
our 1D studies in Section 3.2 suggest that thefferdint reactions of the proto—neutron stars in
2D-simulations will also influence the evolution of the ghpositions, which will be discussed
in Section 5.2.
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Figure 5.3.: Snapshots of the electron fractign(left) and the entropg (right) for the models
with the Wolf—EoS (panels a and c) and the L&S—EoS (panels b and d). Shown
are the inner 50 km — to give an impression of the neutron stavection and
the compactness of the neutron star. The upper row depétstthation at a time
of 10 ms after the shock formation, the lower row at a time oih®0after the
shock formation. Oferent times are shown in Figs. 5.4 and 5.5.
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Figure 5.4.: Snapshots of the electron fractign(left) and the entropg (right) for the models
with the Wolf—EoS (panels a and c) and the L&S—-Eo0S (panels b and d). Shown
are the inner 50 km — to give an impression of the neutron stavection and
the compactness of the neutron star. The upper row depétstthation at a time
for 50 ms after the shock formation, the lower row at a time @ ins after the
shock formation. Oferent times are shown in Figs. 5.3 and 5.5.
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Figure 5.5.: Snapshots of the electron fractign(left) and the entropg (right) for the models
with the Wolf—EoS (panel a and c¢) and the L&S—EoS (panel b and d). Shown
are the inner 50 km — to give an impression of the neutron stavection and
the compactness of the neutron star. The upper row depétstthation at a time
for 150 ms after the shock formation, the lower row at a tim@J¥ ms after the
shock formation. Oferent times are shown in Figs. 5.3 and 5.4.
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Figure 5.7.: The neutrinospheres of all neutrinos for the 2D—models aedcbrresponding
1D—models. Note that the radii of the 2D—models were caledlas the lateral

average.
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Figure 5.8.: The relative diference between the energy (top) and total lepton numbegdoss
(bottom) of the 2D—models and the corresponding 1D—moditdse, £ denotes
the total lepton number flux, anddenotes the total neutrino luminosity. model

Wolff-2D b: model L&S-2D
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5.1.1 Excitation of g—mode oscillations

As already mentioned, it is expected that convection alsceases the neutrino emission of
the dense core. However, as one can see in Fig. 5.8 this ienessarily true. Whereas model
Wolff—-2D shows an enhancement of the neutrino number and energs ffar all times in
the 2D model compared to the 1D model, model L&S-2D shows danestime areduction
of the neutrino luminosity. Since at the same time the neoitriumber flux isncreasedthis
implies that model L&S—2D emits at this phase more neutrinitk lower mean energy than
the corresponding spherically symmetric mddeMoreover the vigorous convection in the
early phase of model Wi-2D leads to very strong enhancement of the neutrino (number
emission. As Buras et al. (2006a) showed, an increased fidspton number (relatively to an
1D model) leads to a more extended proto—neutron star, \vitteasing the energy loss leads
to a more compact core. This is absolutely consistent witmmdels, wherdoththe neutrino
number and energy losses in model L&S-2D tend to produce a sxended core, whereas
in model Wolt—2D the dfects work against each other, resulting in a smaller expart the
proto—neutron star.

5.1.1. Excitation of g—mode oscillations

Recently, in a series of papers Burrows et al. (2006a,caineld to have found a new possible
explosion mechanism of core collapse supernovae whiclhasgly coupled to the dense core.
In their scenaricsound wavescreated by low—modd & 1,2...) g—-mode oscillatiosof the
proto—neutron star (with a typical period of 3 ms), travetveards and power the explosion.
The g—modes are excited by the mass accretion flows onto tise dmre, which acts like an
excited oscillator and emits the sound waves. Burrows efl@in that this might be a robust
explosion mechanism, since as long as a supernova doespiotlexaccretion on the neutron
star goes on and acoustic flux can be generated. Furtherheeathors claim that supernova
modellers will observe this mechanism if they a) calculagerhodels from north to south—pole,
b) calculate the model in 2D without treating any whatsoereall part of the core in 1D (as
we do in our 2D—model8) and c) calculate to long enough times (t®.> 1s).

As striking and interesting this new idea is, however, sooiatp need to be mentioned here:

o Firstly, it is verylikely that proto—neutron stars can be excited to osaitai However,
whether the energetics allow to power a supernova explasidabatable.

e Secondly, though in principle mass accretion on the coregas as long as a supernova
does not explode, the mass accretion rate drops dramwtittaihg the first few hundred
ms (from several M /s to a few hundredth M/s, see e.g. Fig. 2 in Burrows et al. 2006¢),
whereas the proto—neutron star becomes more massived(tydic- 2M, ). This makes it

3The same behaviour was already found in Buras et al. (2006a).
“In gravity—modes or g—-modes the gravity acts as restoriragf(for details, see e.g. Finn 1986, 1987).
SWe will discuss this in more detail in the next Section.
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difficult to continously re—excite the core to oscillations aadverse this energy (minus
the losses) in acoustic power at times larger than a few leahahs.

e Thirdly, the fact that in Burrows et al. (2006a,c,b) the egibn sets in suddenly without
any indication of why at this particular time shows that tiischanism has to be studied
in great detail in order to understand and judge it properly.

Nevertheless, given the fact that this energy transferqgeep an interesting alternative to the
standard supernova explosion mechanism paradigm, we leavehed for the possibility of
such a new mechanism to occur in our 2D-simulations. Howsuaply the long simulation
times needed by Burrows et al. in order to see this new phemam®kes it impossible for
us to do a comparison calculation. What wan do is to analyse our models looking for the
excitation of the core oscillations that should be visidteraa few hundred ms after the shock
formation (see, e.g. Fig. 7 in Burrows et al. 2006a).

In a core collapse supernova an oscillating neutron staedddd in the accretion atmosphere
below the shock front inevitably causes pressure fluctnatio the fluid. In order to be con-
sistent with Burrows et al. (2006a) we analyse our modelstmh pressure fluctuations and
expand these into spherical harmonics, in order to see tlgke swectrum. Thus one can write

P(r,0,t) — (P(r, 1))y

Pruc(r, 6, 1) := PEO and then (5.2)
Piuc(r, 6,8) = " ao(r, ¥0(6) , (5.3)
=0

where again rotational symmetry around the polar axis (gh.E.5) was used. Indeed, as
Figs. 5.9 — 5.10 confirms, the proto—neutron star shows lawagle oscillations in our simula-
tions. We observe that all modes are excited with roughhakswength and no mode seems to
be suppressed. Independent of the used EoS, or the radiue thikenodes are measured, we
find that the = 1 mode starts to grow at 150 to 200 ms after the shock formatiowever, the
amplitudes reached are larger for the L&S—EoSfor25 km. Nevertheless we find amplitudes
roughly two orders of magnitude smaller than the ones reddsy Burrows et al. (2006a), see
Fig. 7 in their paper. This discrepancy is already preseattahet,, < 300ms where we can
compare our results to the ones of Burrows et al. (2006aeSire were not able to calculate
our models to longer times, we can not say if the oscillationsur models will grow to their
predicted strength at later times. Furthermore the modeBuaows et al. are calculated in
Newtonian gravity, whereas we apply general relativisticections. Thus it might be possible
that this also causes afitirent growth of modés Looking more carefully at model Wi+2D,
one finds that thé = 1 mode shows a higher frequency (period of 3—4 ms) far25 km and

5A way around this problem would be that the excitation of teeiltations stem from the early phase when the
mass accretion rate is still high. However, then the dampimd) conversion of kinetic energy in sound waves
must be small so that the oscillation is still present arlatees. Which of course leads to the following question:
Why will then —suddenly— the conversion of energy become mofigogent and trigger the explosion?

7If, however, the growth of the modes and thus this new expiosiechanism depends on the formulation of
gravity then fully general relativistic models are necegs$a give a final answer.
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a smaller one (period of 9-10 msrat= 35km) forr > 30 km, see Figs. 5.11 — 5.13. Since
in this region convection appears and than disappears,meereFig. 5.2, this shows that the
modes are influenced by the convective regions. A frequehapge off = 1 mode across the

convective region is also observed in model L&S—-2D.

5.1.2. Testing the code ability to follow neutron star g-mod es: artifically
triggered neutron star oscillations

As we have seen in the previous Section we find the existenlosvdfequency g—modes in the
dense supernova core in our 2D—simulations. However, frenpoint of view of Burrows et al.
(2006b) our numerical treatment inWABATH to calculate the innermost 1.6 km of the star
in spherical symmetry does not allow to excite core osaiiet. Indeed, one may believe that
a spherically symmetric centre of the core does only allosvekcitation ofeven(l = 2,4,...)
modes which do not imply fluid flow through the centre, whergasvenmodes may be sup-
pressed since they require mass flow through the (1D) cddtwever, this is in contradiction
to the fact that we find modes — even and uneven ones — with hpegjual strength, which
implies that the growth of uneven modes is not suppressetihengrowth of even ones is not
favoured. This for itself is already a strong argument fer ability of our numerical scheme to
follow such neutron star excitations.

Nevertheless, we came up with a numerical test which prdweeahility of our code to follow
the lowest possible mode (i.e.= 1): On a existing 2D—simulation we artifically imposed a
velocity field in the proto—neutron star which triggers tixeigtion of al = 1 mode. We then
followed the subsequent evolution and checked whether ode cloes rigorously damp this
mode.

For this purpose we have chosen two ragiandrz inside the proto—neutron star, but outside
of the spherically core witlh; = 1.6 km. Inside the spherical shell with < r < r, we added
a constant velocity,* in z—direction (i.e. along the polar axes) to the alreadgtég velocity
field. In the spherical shell with, < r < r3 the same procedure was applied, however, here the
velocity v,2 was chosen such that the total momentum of the system isveaseA sketch of
this procedure can be seen in Fig. 5.14.

As we explained in Chapter 2, in a 2D—simulation the graiaitetl potentiaincludinggeneral
relativistic éfects is calculated from a 2D Newtonian potential with 1D ections for relativis-
tic effects. Thus the general relativistic potential always idekia spherical monopole contri-
bution, which does not follow the neutron star oscillatiam®ur test calculations. One may
argue that this leads to unpredictable behaviour of modgagion. However, normally neu-
tron star oscillations are investigated in the so—called/®g approximation (Cowling 1941),
where the gravitational forces are considecedstant which is a stronger restriction than the
monopole contribution in our code. But to investigate thituence of this monopole term on
the oscillations we have also perturbed a Newtonian modedrevthe gravitational potential is
calculated in its “2D—beauty” without the need of a monopetert.

This perturbed Newtonian model is based on model L&S—2D-Newch was calculated
with Newtonian gravity, the L&S—EoS, on a full 18@omputational domain. As progenitor

8Then, of course, the radius = 0, since no spherically symmetric 1D—core is present.
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Figure 5.9.: The amplitudes of the expansion into spherical harmonitkepressure fluctu-
ations P — (P))/(P)s on spheres with radiusof 10 km and 25 km, respectively
a, b: model Wolf—2D ¢, d: model L&S-2D. Note that diierent radiir are shown
in Fig. 5.10.
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Figure 5.10.: The amplitudes of the expansion into spherical harmonitiseopressure fluctu-
ations P—(P)g)/(P)g on spheres with radiusof 30 km and 35 km, respectively
a, b: model Wolt—2Dc, d: model L&S—-2D. Note that dierent radir are shown
in Fig. 5.9.
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Figure 5.11.: The Fourier decomposition of theftirent g-mode oscillations at two radii of
25 km and 35 km, respectively. The upper row depicts modefA2D, the
lower row model L&S-2Da: | =1b: 1 =2c: | =1d: | =3 Note that diferent
modes are shown in Figs. 5.12 and 5.13.
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Figure 5.12.: The Fourier decomposition of theftirent g—-mode oscillations at two radii of
25 km and 35 km, respectively. The upper row depicts modefA2D, the
lower row model L&S-2Da: | =3b: |1 =4c: | =3d: | =4 Note that diferent
modes are shown in Figs. 5.11 and 5.13.
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Figure 5.13.: The Fourier decomposition of theffirent g—mode oscillations at two radii of
25 km and 35 km, respectivelg: | = 5 in model Wolt—2D.b: | = 5 L&S-2D.
Note that dfferent modes are shown in Figs. 5.11 and 5.12.
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Figure 5.14.: A sketch of the velocity field that

is superimposed on the existing
velocity field in our test calcula-
tions. Note the values ab, rs,
v/t (red arrows), and,? (blue ar-
rows) are chosen such that the
perturbation resides well inside
the electron neutrinosphere, mo-
mentum is conserved, and that
the masses inside the shells are
roughly equal, The green region
denotes the innermost 1.6 km of
our models were we use a 1D
calculation.



5.1.2 Testing the code ability to follow neutron star g—modes: artifically triggered neutron
star oscillations

Model | ri[km] [ ra[km] | r3[km] | v/t [cnys] | v [cmys] | Exin [erg] @
GR-5e7 1.6 15 50 5x 107 -5x 10" | 3.66x10® | GR
GR-2e8 | 1.6 15 50 2x10° | -2x10® | 586x 10 | GR

NEW-5e7 0. 14 49 5x 107 -5x 10" | 3.66x 10 | Newt.

Table 5.1.: Overview over all test models. Stated are the radii of thélskeere the veloc-
ities v,* or v, were superimposed. Also stated are whether a generabistiati
correction to the gravitational potential was applied.

model the same 15 M progenitor model of Woosley & Weaver (1995) was used whisb #ie
models Woff—2D and L&S-2D are based on.

An overview over all test models that were perturbed aréfigiis given in Table 5.1, where
we state the size of the perturbations and the radial shélsnvwvhich we applied the pertur-
bations. Furthermore we give the value for the kinetic epdngit we artifically fed into the
neutron star movement when we added the velocity field.

Figures 5.15 and 5.16 show convincingly that theDBaTu code is numerically able to
follow anl = 1 mode inside the neutron star once it is excited. More ingmblgt, our method
only excites thd = 1 mode and no rapid damping of this mode or a growth of highderor
modes is observed. Again we observe a frequency change iregiten where neutron star
convection begins, see Fig. 5.17. Thus, the code is abldltavfan| = 1 mode very accurately
as well in amplitude as in frequency, although we replacerther 1.6 km of the 2D—core by a
spherically symmetric core. Thus the fact that we do not esas large g—mode amplitudes
as Burrows et al. in our models Wb2D and L&S—2Dcannotbe justified by the argument that
our code is not able tfollow these modés Furthermore a comparison of models GR-5e7 and
GR-4e8, where in the later model the artifically input of kinenergy is 16 times larger than
in model GR-5e7, shows that the amplitudes grow almost lgxhgta factor of four, which
corresponds to the factor of four higher values of the pbation velocity. Thus, though the
energy input in model GR—4e8 was abotf 8 10°° erg, the growth of the g—-mode oscillations
is still in the linear regimeand the amplitudes stay at one to two orders of magnitudesvbel
the ones observed by Burrows and collaborators. Thoughnipsssible to judge — without
really doing the simulations — how much energy must be fed ihé nascent neutron star in
order to achieve a transition from the linear regime into e-fioear growth of the g—mode
amplitudes, we conclude that in our model this energy inplarger than ® x 10°° erg. Since
it seems logical that in an unperturbed model which shoutdvdhe same g—mode amplitudes
as reported by Burrows et al. a similar kinetic energy trangb the dense core is required,
an dficient mechanism to excite the neutron star oscillationstrbasproved to exist. This
mechanism must transfer enough energy that the amplitiategrow in a reasonable time to
the required values. Yet, the existence of such a mechasisot proved and in our models the
amplitudes do not reach the values which are reported byolgrand collaborators.

Finally, in Figs. 5.18a and 5.19a we show the conservatidgheot—component of the momen-

%It may, however, still possible that theudBaTH-code is not able to compute the natueatitationof these
modes correctly.
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Figure 5.15.: The amplitudes of the expansion into spherical harmonitisepressure fluctu-
ations P —(P)y)/(P)y on spheres with radiusfor model GR-5e7. In this model

an artificiall = 1 mode was excited inside the dense core by adding a velocity
field with an amplitude of 5 10 cnys. a: at 10 kmb: at 15 kmc: at 25 kmd:
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5.1.2 Testing the code ability to follow neutron star g—modes: artifically triggered neutron
star oscillations
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Figure 5.16.: The amplitudes of the expansion into spherical harmonitiseopressure fluctu-
ations P —(P)y)/(P)y on spheres with radiusfor model GR—-2e8. In this model
an artificiall = 1 mode was excited inside the dense core by adding a velocity
field with an amplitude of X 10° cnys. a: at 10 kmb: at 15 kmc: at 25 kmd:
at 30 km.

tum for models Wdf-2D, GR-5e7, and GR-2e8. Clearly, momentum is conservedynit
model Wott-2D. The artificially perturbed models GR-5e7 and GR-2e&shoscillation of
the momentum due to the motion of the core. In Figs. 5.18b at@b5ve depict the amount of
displacement of the core from the grid centre one obtaima fiee evolution of the momentum.
Clearly, on average the core does not move. We also show tlilemamt a mass shell located
atr = 10 km, which is caused by the artificially excitation of the 1 g—-mode.

Figure 5.20 shows the amplitudes of the expansion of thespredfluctuations for model
NEW-5e7. Although the amplitudes are of the same order omihade as the ones in the
calculations including general relativistiffects, no nice oscillations can be observed in model
NEW-=5e7. In contrast to the test calculations GR-5e7 and286&we also find that in model
NEW-5e7 not only thé = 1 mode is excited but rather we find non—-zero (but roughly con-
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Figure 5.17.: The amplitudes of the
| = 1 mode of the ex-
pansion into spherical
harmonics of the pres-
sure fluctuationsK —
(PY)/{P)e.
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Figure 5.18.: a The z—component of the momentum evaluated on the compog&iomain.
b: The radial displacement that would result from the momengwolution in
panel a. Also shown is the movement of a mass shell located=atl0 km
due to the perturbation that was imposed in the dense coris.nMidvement is
calculated from a time integration of the velocity at a raaic 10 km.

stant) contributions of higher order modes, which impltest the dense core in our Newtonian
calculation shows some deformation. The reason for thisuad studying Fig. 5.21 where the
momentum conservation is shown for the Newtonian modelgnkv the unperturbed model
we find a small violation of momentum conservation (buildiggaround 20 ms after the shock
formation). Despite the fact that the net value of this momenconservation violation is very
small it leads to a drift of our core of about 80 m in 40 ms, whichresponds to a velocity
of 2 kimys. This leads to the deformed dense core, which explainsathigiloution of spherical
harmonics with > 1 in Fig. 5.20. It also explains why we do not find an oscillataround the
centre in our artificially perturbed model. The momentuniation we observe in the Newto-
nian model is very small and causes only a small drift conp&wethe oscillation we excited
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Figure 5.19.: a The z—component of the momentum evaluated on the compngtiomain.
b: The radial displacement that would result from the momengéwolution in
panel a. Also shown is the movement of a mass shell located 40 km shows
due to the perturbation that was imposed in the dense coris.nfdvement is
calculated from a time integration of the velocity at a raaic: 10 km.

in Model NEW-5e7, see Fig. 5.21b. Also in the unperturbed ehtdte drift is so small that it
needs 150 ms in order that the centre of the nascent neuémoleates the first grid zone (width
=300 m). Nevertheless, it is quite unsatisfactory that in efdaian model a small momentum
violation is found, although physically momentum consgoramust be ensured. In Appendix
C we will thus discuss this problem in more detail.

Though model NEW-5e7 revealed that in a calculation with téevan gravity the MDBATH
code produces a small momentum conservation violationcomnclusion from the various test
model still holds: treating the inner most 1.6 km of the cotapianal domain as a spherically
symmetric core does not hamper the excitation oéf=a 1 g—mode oscillation. Furthermore,
once such a mode is (artificially) excited our numerical sohas well suited to follow this
mode.

Summary

We have found that flierent nuclear EoS may lead to totallyffdrent growth of convective
instabilities inside the forming neutron star. On the onedhtihe time when convection starts
can be diferent but then, of course, also the kinetic energy containgtle convective flow
— which is a measure for the strength of convection — can dgvéiterently. The strength
of convection is in our results strongly connected to the sizthe convectivly unstable re-
gions. Whereas model L&S-2D develops at late times a “futigiivective layer between the
neutrinosphere and a mass coordinate of roughly @.6Mdel Wolt—2D shows except for the
first few 10 ms, a stability stripe that separates the neagphere from the convective core.
The structural changes of the neutron star, due fi@mint convection patterns, lead then to
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Figure 5.20.: The amplitudes of the expansion into spherical harmoni¢e@pressure fluc-
tuations P — (P),)/(P)¢ on spheres with radiusfor model NEW-5e7. In this
model an artificial = 1 mode was excited inside the dense core by adding a
velocity field with an amplitude of & 107 cnys. a: at 10 kmb: at 15 kmc: at
25 kmd: at 30 km.

differently extended cores and neutrino emissions comparée tean—convective spherically
symmetric models. These changes definitely feedback orctiretaon layer, the neutrino heat-
ing, the development of “hot—bubble” convection betweengdhin radius and the shock front,
and thus also on the shock evolution, which will be discuss&kction 5.2.

Concerning the neutron star g—-mode oscillations we havedfed with several test calcula-
tions — that our numerical treatment is well suited to folltvese oscillations. Furthermore,
we have found that the amplitude of these excitations of #resel core is E0S dependent; in
a simulation with a softer E0S and thus compacter dense ceréing stronger oscillations
(at least a factor of two in amplitude) compared to a simafaivith a stif E0S. This result
is clearly interesting with regard of the new explosion nstbm proposed by Burrows et al.
(2006a). However, even with the soft EoS, where the ampm@gwade largest, we find at least 10
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Figure 5.21.: a The z—component of the momentum evaluated on the compn#iiilomain
for the Newtonian calculationsh: The radial displacement that would result
from the momentum evolution in panel a. Also shown is the muamat a mass
shell located at = 10 km shows due to the perturbation that was imposed in the
dense core.

times smaller amplitudes then the ones observed by Burrbads & their calculations. Thus
we conclude that although the excitations of the dense q@peaa we cannot see any indication
of an acoustic—driven explosion.

5.2. The growth of “hot bubble” convection and shock
instabilities

In the previous Section 5.1 it was shown thdfetient EoSs influence strongly the growth of
convection inside the proto—neutron star, the proto—peustars structure, and its neutrino
emission. Naturally, it is important to investigate howstlasiouples to the overall supernova
evolution. We have already discussed thaserically symmetriecnodels a larger extended
neutron star “pushes” the shock position farther outwaiddsmulti-dimensional models the
problem is a more complicated one: Firstly, the assumpticemdhydrostatic accretion atmo-
sphere, which was used to link the shock position to the sadfuthe inner core (cf. 3.7 in
Section 3.2), breaks down, as soon as hydrodynamic insiedi{i.e. convection) develops in
the accretion layéf. Secondly, convection below the shock front itself defothesshock and
leads to an angularly dependent shock expansion or reffédtdly, other shock instabilities
such as the advective-acoustic cycle Foglizzo & Tagger@Rdbglizzo (2001, 2002), Blondin
et al. (2003) do develop in multi-dimensional simulationsreif hot bubble convection is weak

10To separate these convective flows from the convedtisidethe proto—neutron star, this convection is commonly
called “hot bubble” convection, due to the fact that one olesethe rising and falling of bubbles of hot and cool
material.
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or not present at all, see Scheck (2006). However, thesegses are supposedly all subject to
the influences of the equation of state for the following oeas

e Itis natural to assume that the strength and structuh®olbubble convectiodepends on
the neutrino heating and on the positions of the neutronrathus, the gain radius, and
the shock position, which define the “volume” where hut beltdnvection can develop.
As we have already discussed the EoS influences all of thesktioms.

e Theadvective acoustic cycldepends strongly on the position of the so called “coupling
radius” where the advection flow towards the dense core ongly de-accelerated, see
Scheck (2006). First, order this coupling radius is set gy fbsition of the electron
neutrinosphere, which again is influenced by the EoS.

We start our discussion of the EoSexts on the overall supernova evolution by showing in
Fig. 5.25 some dierences between the two—dimensional and correspondinglionensional
simulations for the neutrino luminosities, rms energias] beating rates. First, one can see
from Figs. 5.25a,b that the time evolution of the neutrinmilosities is very similar in spher-
ically symmetric and 2D-simulations. However, the lumities decrease slightly in multi—
dimensional simulations as was already discussed in Btigls(@006a). The reason for this is
found in a diferent structure of the dense core and accretion layer,ghds|to lower neutrino
temperature§,, and thus less neutrino emission. For the same reason alsm#neutrino en-
ergies drop, see Figs. 5.25c¢,d. Nevertheless, the coropdsetween the runs with theftérent
nuclear EoS reveals that in 2D—simulations the saffexeis observed as in 1D-simulations
(see also Section 3.2) : a softer EoS produces higher luitis’osind (rms) neutrino ener-
gies, because a more compact core — which as we have showmtind?ahis thesis is the
consequence of a softer EoS — allows that more gravitatibimaling energy is converted
into neutrino emission. Although the neutrino heating aadling of matter is reduced in a
2D-simulation compared to a 1D—simulation (since the lwsities and neutrino energies are
reduced), this nevertheless results in the fact that evar2iD—simulation a softer EoS leads to
stronger neutrino cooling but also neutrino heating thatifies EoS, see Figs. 5.25e,f.

The neutrino energy deposition is almost angle independsrmne can deduce from Fig. 5.22,
where we show snapshots of the heating #edent times. Of course, the energy deposition
shows an angle dependence if the shock does so. Howevele itie heating and cooling
region the values of the energy deposition do not vary Igrgsla function of the polar angle,
except for the fact that convection distorts the surfacdefdooling region. Obviously, model
Wolff—2D develops at later times a more extended cooling regidrthle absolute values of the
cooling stay an order of magnitude below the ones of model-+&% This, however is already
observed in spherically symmetric calculations, remenfigers.25e. Nevertheless, this clearly
shows how strongly the EoS influences the structure of theeion layer between the dense
core and the shock front. Since Foglizzo has found (privateraunication) that the details of
the advective—acoustic cycle depend strongly on the acnratmosphere, the cooling region,
and the position of strongest de-acceleration of fluid fleee(@lso Scheck 2006) this is another
argument for the influence of the EoS on the standing acarstiock instability.

It is very interesting, that the EoS influence on the neuténmssion as well as the influence
on the neutrino energy exchange with the stellar fluid isegsiinilar (e.g. the dfiness of the
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Figure 5.22.:Snapshots of the net neutrino

heating source term at ftir-
ent times after the shock forma-
tion (@ 200 ms,b: 250 ms,
c. 300 ms). The left hand
sides of the snapshots depict
the situation in model W@H2D,
whereas the right hand sides de-
pict the situation in model L&S—
2D. Note, since the net neutrino
heating term is positive in case
of neutrino heating and nega-
tive if neutrino cooling is dom-
inant, the following procedure
was taken: logQy) := log(Qn)

if Q4 > 1 MeV/baryons,
log(Qn) = —log(-Qn) if
Qy < -1 MeV/baryons, and
|Og(QH) =0if-1<Qy<1
MeV/baryorys.

EoS controls the heating and cooling in a comparable wayj)mulations applying radial or
rotational symmetry.

Figure 5.23a depicts the total neutrino energy depositidhe gain layer. Due to the facts that

model L&S—-2D shows stronger neutrino heating and that thelgger is more extended in this
model, the neutrino energy deposition is at least 50% hiteen in model Waf-2D. As we
will discuss in the following the EoS dependent neutrinotimggand cooling — which behave
very similar in spherically symmetric simulations, and imslations applying rotational sym-
metry — leads in multi-dimensional simulatiotegetherwith multi—-dimensional fects (such
as convection) to a noticeably changed supernova evolufldris can be seen in a compari-
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Figure 5.23.: a The total neutrino energy deposition (cf. Eqn. 4.2) as fiomcof time for
models Woff—2D and L&S-2D.b: The laterally averaged shock positions
(upper solid lines) and the laterally averaged positionthefelectron neutri-
nospheres of models Wt2D and L&S—2D. Also shown are the same quanti-
ties for the corresponding spherically symmetric modedsed).

son of the laterally averaged shock position, see Fig. 5@3models Woff—2D and L&S-2D.
Clearly, the model calculated with the L&S—E0S shows steviaip—dfects than the model with
the Wolf—-EoS, since the switch from a spherically symmetric model #b—model results in
a much stronger expansion of the average shock positionitharodel Wolt—2D. This Fig-
ure impressively demonstrates that in multi-dimensionatiefs an easy correlation between
the radii of the neutron star and the shock can not be obtaimbdugh we only plot the lat-
erally averaged shock positions one can see the alreadyamedtcomplex (oscillatory) time
dependence of the shock position, which can be caused byn(ailcation) of convection aridr
the advective—acoustic cycle. By expanding the shock sad{4, t) into spherical harmonics
(cf. Egn. 4.5) one gets a clearer impression of the shockbiigtes in our two—dimensional
models, see Fig. 5.26. Due to the early start of convectionadel Woff-2D shock deforma-
tions are immediately observed, which, however, are dameth this convection subsides. As
convection grows again later, also the shock instabiligiesv, but the amplitudes stay roughly
a factor of two smaller than in model L&S—-2D. A more compreties overview of this low—
mode shock instability is given in Figs. 5.27 — 5.29, wheredepict at diferent times contours
of entropy and of the electron—fraction from the centre tadius of 300 km. Obviously model
Wolff—2D is much more stable against shock formations — and theksttays more spheri-
cally — than model L&S—2D though both models develop voluriied convection in the hot
bubble region between the dense core and the shock froneciadlp at time between 200 ms
and 350 ms after the shock formationlasn 1 deformation of the shock front is visible in model
L&S-2D.

In Fig. 5.30a we show the lateral kinetic energy containedoinvective motion in the gain
region between the gain radius and the shock, cf. Eqn. 4hdih models. Again in model
Wolft—2D we find at early times more energy contained in convectiggon than in L&S-2D,
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5.2 The growth of “hot bubble” convection and shock instabilities

due to the fact that convection develops immediately in toeehwith the Woff—-EoS. As this
convection subsides the lateral kinetic energy developsa minimum, before it rises steadily
during the later evolution. At this time the convective gyegrows faster in model L&S-2D
and at later times in this models a factor two to three moreggnis contained in hot bubble
convection. Though it is not possible to find a final reasonity the model with the L&S—
EoS develops a more energetic hot—bubble convection thalelnwgolf—2D, we suspect that
this due to the fact that neutrino heating (the driving fdsedind the hot—bubble convection) is
stronger in this model, since stronger temperature grégliegeneral supports the development
of convectiot!. As we mentioned already in Section 4.2, an analysis of Epglet al. (2005)
suggests that the convection in model L&S—-2D is probablythetdominant source for the
development of the observed low—mdde 1, 2 shock instabilities. Similar as in the explosion
models of a 11.2 M progenitor star, see Section 4.2, we suspect, that the bracoustic
cycle and not convection is the driving force for the time andular evolution of the standing
accretion shock instability. In deed, an expansion of tiallpressure into spherical harmonics,
remember Eqn. 4.4 in Section 4.2, of both models reveals<ilteace of an advective—acoustic
cycle, see Fig. 5.31. Thus, why does model ##iD show only a moderate development of
a shock asphericity, whereas model L&S-2D shows a strontutemo of a bi—-pol mode ?
Following in large parts the lead of Blondin & MezzacappaO@Qwe determine the power of
the advective—acoustic cycle by

Is
Power(t):f ago(r, t)?r?dr , where (5.4)
I'ns

rns andrg are the radii of the neutron star and the shock front, res@dygt anday g is the
amplitude of the = 1 contribution to the local pressure deviations from the mgessure,

cf. Egn. 4.4. This analysis shows that the conditions in #leutation with the L&S—-EoS are
such that the cycle grows stronger than the one in modeti\&d, see Fig. 5.30b, and thus
model L&S—2D shows a more domindnt 1 shock deformation, and leads (at sometimes) to
stronger shock expansion.

In both models we find rather similar advection timescales,Sg. 5.24a. At the early times
when the average shock radius is slightly larger in modelfM2D, see Fig. 5.23b, we also
find a larger advection timescale in this model. At later 8m&hen the average shock radius
expands more strongly in model L&S-2D and at the same timéndlading region becomes
smaller (due to the growing of the cooling region) in modell#¥&D, the advection timescale
is slightly larger in model L&S-2D. However, thesdfdrences are small (due to the fact that
the shock positions are quite similar) compared to thtedinces we observe in the heating
timescales: as we have explained model L&S-2D shows stramgtrino heating (at least
50%) which leads to a shorter heating timescale, see Figh5:Phough both models have not
reached a condition which favours an explosion at a time 6fi88 after the shock formation,
the situation is definitely more advantageous in model L&3-see Fig. 5.24c, since the ratio
of the advection timescale and the heating timescale igiangthis model. Furthermore, this
ratio increases steadily at later times of the simulatiomnt@uing this simulation to larger

As an analogy one may thing of a soup boiling on an oven thatldps a stronger fluid flow if the heating is
stronger.
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evolution times is thus necessary in order to see whethetrgmd increases until an explosion
sets in or whether the situation will change such that noasiph will be obtained at later
times. Figure 5.24 once more clearly shows that an extraponl&rom spherically symmetric
simulations to 2D—simulations is not possible in a strdayiatard way.

Finally, an overview over the whole evolution of the modeddcalates so far is shown in
Fig. 5.32, where we show for the laterally averaged 2D maaiedsthe corresponding 1D mod-
els trajectories of select mass shells and information efdbminant composition. A strik-
ing difference between our spherically symmetric and multi—dinoeas models occurs in the
region directly ahead of the shock front. Whereas in sphlyicymmetric models alpha—
particles contribute in this region 60% of the mass fragtibis is not found in 2D—simulations.
The explanation for this is that in the 2D simulations thecisoreach larger radii and “swal-
low” this region. More importantly, however, is the fact the do not find alpha particles
behind the shock front in the 2D models. Thus, the shock hagetexpanded to radii where
the conditions are such that alpha—particles are formeedymbination of nucleons. This is
important, since the shock would gain additional energyhgyprocess, which would support
the explosion.
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5.2 The growth of “hot bubble” convection and shock instabilities

Summary

The stronger convection and a stronger advective—acotigtie in mode L&S-2D leads to a
conclusion that is not expected from spherically symmetriciels: from the models of Section
3.2 one concludes that afééir EoS, like the Wdf—-Eo0S, leads to more favourable conditions
for an explosion. Though the 8tiEoS shows less heating (and cooling) than a soft EoS, the
more extended neutron star pushes the shock front to sigmilyclarger radii. From this one
may conclude that a $fiE0S is also more favourable than a soft EoS in multi—-dimeragio
simulations. However, coming as a surprise, the conclusmn the 2D models discussed in
this Section, is exactly the opposite. As in 1D models, weifindulti—-dimensional simulations
that a soft EOS produces a compacter core and leads to strioegiéng and coolingBut this
leads now to stronger convection and shock instabilitieslveem to be more promising for an
explosion. This is consistent with the analysis of Fogliezal. where it was found that a smaller
cooling region with stronger cooling, leads to a sharpeacieeleration region of the accretion
flow, which in turn leads to stronger advective—acousticleeydhus, the EoSféects on the
cooling region but also the of the neutrino heating of matiem out to be far more important,
than the diferent shock positions one obtains from spherically symme#iculations.
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Exploring other physical parameters in
multi—-dimensional simulations: rotation and
the progenitor star

In the following Chapter the focus of interest will be shifteom the influence of the EoS on the
supernova evolution towards other uncertainties, which imduence the supernova evolution.
In this sense this Chapter is somewhat special to the rebisotttesis, since the focus does not
lie on the nuclear physics part of the simulations but ratimesome selected other ingredients of
supernova simulations that are unknown and might cruciaflyence the supernova explosion
mechanism. Talking about the ingredients for a supernaowalation, immediately the progen-
itor star comes to ones mind. Related to the used progenidiehis of course the question to
what extend the supernova explosion mechanism might reth@details and uncertainties of
the progenitor stars. The details of the progenitor staratspdvhich are used at the beginning
of a core collapse supernova simulation, are uncertain fewareason: Firstly, though it is a
(too?) large simplification, stellar evolution models apberically symmetric. Thus, the de-
viations from spherical symmetry are completely unknowd smpernova modellers normally
imposerandomperturbations of a certain amplitude, see the discussidpertion 4.1. Sec-
ondly, spherically symmetric pre—supernova models shawpsbomposition interface, where
different regimes of nuclear burning appear, and which arelateteto sharp density gradients.
Fryer & Young (2006) claim that these sharp interfaces wolisdappear in multi—-dimensional
stellar evolution models, which as we will discuss in Sett2 might influence the results
of supernova simulations noticeably. Thirdly, core cakysupernovae occur on a huge diver-
sity of progenitor stars, whose mass range might easily bgr0 M,, . This implies that the
structure of pre—supernova progenitor cores also largdéigrd, which might also be influence
the supernova explosion. Even without the first two uncetits, the large variety of flerent
progenitor models has to be studied systematically in sitraris of core collapse supernovae.
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Exploring other physical parameters in multi—dimensional simulations: rotation and the
progenitor star

Since such a parameter study is computationally too demgmwiith the MuDBATH—code, we
will discuss in Section 6.2 the supernova evolution for otiepprogenitor model.

Another physical aspect of multi-dimensional simulatianil be discussed in Section 6.1,
namely the influence of rotation on the supernova evolutiénom observations (e.g. from
our Sun) it is clear that stars do rotate, furthermore neustars are also known to rotate.
Since neutron stars are born during the event of a core sellsppernova, rotation is obviously
present at the time of stellar core collapse and the subsegqupernova explosion. However,
much more uncertain is the rotation of the iron core shordfole the onset of gravitational
instability since the transport of angular momentum carreopredicted very accurately, see
e.g. Woosley et al. (2002) and Heger et al. (2005) féiedent predictions of stellar evolution
modellers.

Thus, though it is commonly accepted that stellar iron cal@sotate, and that this might
influence the supernova evolution (see, e.g. Yamasaki & dan2805), it is not clear what
kind of rotation rates should be assumed. Thus, rotatioftés gtudied in parameter studies in
order to investigate the influence of rotation, howevers¢hgtudies use mostly simplified cal-
culations of the neutrino—transport problem. As we willcdiss in following Section, we have
thus calculated with the spectral Boltzmann neutrino partscode MIDBATH the evolution of
a 15M, progenitor star including rotation.

6.1. The influence of rotation on the supernova evolution

As already mentioned, the rotation rates of stellar irores@t the onset of gravitational insta-
bility are highly uncertain. Thus an possible approach testigate the influence of rotation
on the supernova evolution is that one calculates severdélmavith diferent assumed rotation
profiles and rotation frequencies. However, due to the ehglhg computational demands of
a multi—-dimensional simulation with the NDBaTH-code, we refrain from this approach. In-
stead, it was chosen to calculate a rotating model whosgawtarofile maximises thefiects
of rotation. However, since the model must still be physptalsible, the following constraints
were put on thessumedotation profile:

¢ Since the initial progenitor model is spherically symnwtthe rotation physics is cho-
sen such that the model superimposed with rotation canbgtitonsidered spherically
symmetric.

e Superimposing a rotation profile must not imply significgriteviations from the hydro-
static equilibrium and from the gravitationally bound staf the (spherically symmetric)
progenitor model.

Thus, in order to guarantee both constraints the rotatitenwas chosen such that the influence
of rotation is small at the onset of gravitational instapiand the ratio of the centrifugal force to
the gravitational force is smaller 1% everywhere on the aaatpnal domain. Keeping these
requirements in mind the initial angular frequency at thgif@ing of the collapse of the stellar
core is assumed to & = 0.5 rad's (which corresponds to a rotation period of roughly 12 s).
This rotation rate is kept constant throughout the Fe and®i and decreases beginning at a
radius of 1750 km (corresponding to 1.43Wwith r=3/2. This choice of the rotation profile was
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6.1 The influence of rotation on the supernova evolution

motivated by results for pre—collapse stellar cores obstdrose evolution is followed including
the angular momentum transport by magnetic fields (Heger 20@5). However, our choice of
the initial angular frequency is about then times lower theedicted by Woosley et al. (2002)
for non—-magnetic stars, and roughly ten times larger thamdtation rate for magnetised stars
predicted by Heger et al. (2005). Nevertheless, for theoreasliscussed above, the assumed
rotation in model L&S—rot is rather slow compared to the agstions of other core collapse
supernova modellers, see e.g. Kotake et al. (2004) and @itt(@004).

As progenitor model for our study we have chosen the same, & of Woosley et al.
which was already used in the discussion of E@8ats in Chapter 5. Contrary, to our normal
approach, this model (denoted L&S—rot) was already caledltom the onset of gravitational
instability and through the moment of shock formation in 2Dorder to follow the &ects of
rotation consistently from the beginning of the collapsetigh the whole supernova evolution.
The model is calculated on a 1'86omputational domain with an angular resolution @fit.
As the model name indicates we used the L&S—Eo0S and the naehagp of physical input
physics (cf. Table 2.1) was chosen. Note, however, thantioidel was not calculated with the
description of electron capture rates on heavy nuclei pwidad by Langanke et al. (2003) but
instead the description of Bruenn (1985) was used. Furthernsince we were not able to
compare our new approximation of general relativistiees (see Appendix B) in a rotating
model to a rotating fully general relativistic calculatjome have decided to use the original
approximation of general relativistidtects of Rampp & Janka (2002). Model L&S—rot, which
we will discuss in the following, is identical to model s18 6 (discussed in Buras et al. 2006a,;
which we will denote L&S-rot—90) except that the later walsalated in a 90 (pole—equator)
setup and the evolution was only followed to roughly 250 nisrahe shock formation A
detailed overview over the models discussed in this Secanorbe found in Table 6.1. Since the
collapse phase, which is identical in models L&S—rot and L&8-9F, is already discussed in
Buras et al. (2006a) the most important fact will only beesidiere: Due to angular momentum
conservation the angular frequency of the iron Fe—coreeasas from 0.5 rgslduring collapse
to 600—700 ras shortly after bounce, see Fig. 25 in Buras et al. (2006awplies that the
centrifugal forces also grow.

Centrifugal forces directly influence the supernova evofuin two ways. First, the dense
core becomes, due to dldirent hydrostatic equilibrium, oblate and this changessibieopy of
the neutrino emission. Second, centrifugal forces, wokirathe gravitational force and thus
prolongs the advection of matter. While the forméieet is trivial to show, see Figs. 6.1, 6.2,
and 6.4,and 6.6, the latter one is more complicated to obseimce violent convection tends
also to prolong the advection timescale.

We start our discussion of théects of rotation by comparing the laterally averaged shoek p
sitions of the rotating and non—rotating models, see Fig. ®bviously, all models behave very
similar for evolution time up to 300 ms after the shock forimat Note that slightly larger shock
radii in model L&S-rot compared to model L&S—2D during thjgoeh must not necessarily be

1A comparison of models L&S-rot—90 and L&S—rot is thus an tiddal test of the discussion in Section 4.2 that
calculating a model in 180or 90 (pole—equator) does not change the results strongly.

2The collapse phase was calculated in°180d only after the shock formation the a switch t6 @® model
s15 64 r was done.
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progenitor star

Model 2D | rotation | Setup GR—potential
L&S-rot Yes| Yes 18C¢° | Rampp & Janka (2002
L&S-rot-90 | Yes| Yes 9¢° | Rampp & Janka (2002
L&S-64 Yes No 90° | Rampp & Janka (2002

L&S-2D Yes No 180 Appendix B
L&S-rot—1D | No No — | Rampp & Janka (2002
L&S-1D No No — Appendix B

Table 6.1.: Overview over all models discussed in this Section. Stadeithé model name,
whether or not the calculation was done in 2D, and whethetioot was applied.
Also stated is the 2D—setup and which approximations of iggmelativistic ef-
fects were used. Note that the potential according to Ramgiardka (2002) is
stronger than the one discussed in Appendix B. Note alsontioalel L&S—rot—
1D was calculated with the same micro—physics and graeitatipotential as the
rotating models (but without rotation), whereas in the nietil&S—2D and L&S—
1D slightly different micro—physics and aftérent gravitational potential was used
(see text).

due to rotation, but might be caused by th&atient treatment of GR-approximations. To illus-
trate this we also show the shock trajectories of models L8%5and L&S—rot—1D, which both
were calculated — as the models L&S—-2D and L&S-rot — witfiedent GR—approximatiofs
Despite these small flierences both the rotating and non-rotating calculations/ewery sim-
ilar at early times. More important, however, is the fact thadel L&S-2D-rot shows the onset
of an explosion at a time between 500 ms and 600 ms after thok $biomation. In the follow-
ing, we will try to understand whether this onset of the egao is due to rotationfeects or
whether it is due to changed conditions in the supernova wbieh are not necessarily influ-
enced by rotation. Sadly, since our non-rotating two-disnamal model (L&S-2D) is not yet
evolved to the time where model L&S-rot shows the explosgotiyect comparison and pinning
down the rotational fects is not easily possible.

An overview of the angular dependence and of the evolutiocoof/ection can be obtained
from Fig. 6.8, where we show snapshots of the entropy andeoglictron fraction at elierent
times. Model L&S—rot develops volume filling convection aamd = 1 shock instability, which
however can be seen much better in Fig. 6.9a where thé@eats of the shock expansion
into spherical harmonics (cf. Eqgn. 4.5) are shown. The stgndccretion shock instability
can again be linked to the power of the advective—acoustitecgee Fig. 6.9b. Obviously the
shock instability shows in the rotating modelsteient evolutionary phases of violent shock
deformation and rather quiescent stages (e.g. at a time0afn3$, however, only after a time of
roughly 500 ms (i.e. when the explosive shock expansioradyratarted, Fig. 6.7), the power
as well as the shock oscillations grow noticeably. At eatii@es the power in the rotating

3Note that in spherically symmetric calculations a strongetential produces a smaller shock radius but also
higher neutrino luminosities, see the discussion in Apped These higher luminosities might trigger in
multi-dimensional simulations stronger convection andreng shock expansion, similar to the Eoffeets
discussed in Section 5.2.
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and non-rotating model is comparable, which is consistettt tlve similar amplitudes of the
shock instability. The absence of a clear trend to largemeslin both quantities at earlier
times makes it very dlicult to judge, whether this sudden increase at the explatame is due
to the expanding shock (which of course influences both thiledion of the shock modes
and of the power of pressure fluctuations behind the shock)far whether small changes in
both quantities triggered the explosion. The latter canbeoéxcluded due to the fact that the
situation is highly non—linear.

However, looking at the advection and heating timescales, sees for quite some time a
trend towards a condition that favours an explosion, see@if. As is already discussed in
Buras et al. (2006a) rotation tends to prolong the heatmggcale (since a rotational flattened
neutron star, i.e. extended neutron star in the equatoonegimits less and cooler neutrinos
at the equator, see e.g. Figs. 6.2 and 6.3) but rotation atsedses the advection timescale.
Both dfects are clearly visible in the timescales of our modelsertstingly in the exploding
model L&S—rot from a time of roughly 200 ms after the shockration on, the advection
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Figure 6.2.: The angular dependence of the neutrino energy fluxes forotla¢ging and non—
rotating models at times of (a) 200 ms, (b) 300 ms, (c) 400 mg,(d) 500 ms
after the shock formation. Note since not all models werdvexbto so late times
not all panels depict all models. The fluxes were measuretGakeh.

timescale increases more strongly then the neutrino festireduced. Thus, though the heat-
ing timescale is longer, matter staydisuiently longer in the heating region that the conditions
become favourable for an explosion. However, again, weaasay that rotation is necessary
for the obtained explosion. Looking carefully at the nornatiog model L&S—2D, one observes
the same trends, however, starting from “more unfavoutatdeditions (i.e. a lower ratio of
the advection timescale to the heating timescale). Butlgléze rotating and the non-rotating
model behave quite similar, which renders it impossibleutige from the timescales the in-
fluence of rotation on the onset of the explosion. Howevekiltg at the “energy budget” of
the simulations, one can investigate the influence of mtathuch better. Figure 6.11 shows
for the diferent models the time evolution of several energies in tlatitige region between
the gain radius and the shock front. Obviously, rotatioreases the internal energy in this
region, due to the fact that more mass is contained in thelggér, see Fig. 6.11c. However,
the internal energy as well as the kinetic energy containedtationE¢k‘” do not vary strongly
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Figure 6.3.: The angular dependence of the mean neutrino energy for tagng and non—
rotating models at times of (a) 200 ms, (b) 300 ms, (c) 400 mg,(d) 500 ms
after the shock formation. Note since not all models werdvexdbto so late times
not all panels depict all models. The energies were measuié@0 km.

at late stages of the evolution. The lateral kinetic en&g{l' and the kinetic energy contained
in convective flowsEcon " = EgKM + EK". on the other hand show a longtime trend to grow,
and during the last 250 ms of the calculation this amountsdrerthan a factor of two.

This suggests that the increase of the turbulent enEggy" in the gain layer, which on the
one hand increases the convection but on the other handtedsgthens the “sloshing” of the
shock front, becomes at a time of about 500 ms after the slwwokation large enough in order
to trigger a strong shock expansion and an increase of thecadm timescale. This increase
of the advection timescale seems to béisiently large in order to produce the conditions for
the explosion. As one can see from the rate of energy deposifi neutrinos into the gain
layer, see Fig. 6.11d, the increase of convective energgsidyeexplained by neutrino heating.
During the time from 350 ms after the shock formation to 570afitsr the shock formation the
energy contained in convection in the gain layer increagesighly 2x 10°° erg, whereas the
neutrino energy deposition during the same time is rougkl¥®° erg. Thus the increase of the
turbulent energy in the gain layer can be easily explaingt thie amount of neutrino heating
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Figure 6.4.: The angular dependence of the neutrino energy flux of aett®n neutrinos
(bottom) and muon and tauon (anti) neutrinos (top) for thatiog model L&S—
rot at times of (a) 200 ms, (b) 300 ms, (c) 400 ms, and (d) 500ftasthe shock
formation. The positions of the electron neutrinospheskd}s anti—electron neu-
trinosphere (dashed), and heavy (anti) lepton neutrinashid—dotted) are also
shown. Note that the fluxes are shown in units o¥*1eV/cmé/s. Also note that
the plots are oriented such that the rotation axis lies battzally.

and the observed explosion is indeed triggered by delayettine heating. Furthermore, we
can exclude that the explosion is acoustically—driven apgsed by Burrows et al. (see the
discussion in Section 5.1), since the observed amplitufilgsraode oscillations, see Fig. 6.12
are again roughly a factor 100 smaller than the ones obséedirrows et al. (20064)
Although it is clear that the explosion in model L&S-rot isven by neutrino heating, or more
precisely by neutrino heating together with turbulent flpthie influence of rotation is not very
obvious. For the evolution time we are able to compare the-rmtating model L&S-2D with
the rotating one L&S—-rot both models behave very similapdeglly the shock oscillations and

4For a detailed discussion of the g—-mode amplitudes seecBextl.
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Figure 6.5.: & A comparison between the laterally averaged luminosiiemodel L&S—
rot and L&S—-2D. Electron neutrinos are represented by dioles, ant—electron
neutrinos by dashed lines, all other flavours are repregdemtedashed—dotted
lines. b: The laterally averaged rms energies for the same modeis @aniel a.
Note that the same linestyles were used.

the power of the turbulent flows (Fig. 6.9), the ratio of theexdion timescale to the heating
timescale (Fig. 6.10), and the kinetic energy containedinvective motion (Fig. 6.11a) show
the same trends in both models, affii@ets of rotation are thus not obvious. But rotation clearly
increases the mass in the gain layer (Fig. 6.11c) and sfligiithances the neutrino energy
deposition rate (Fig. 6.11d). The lattdfext, however, seems almost to vanish at a time of about
300 ms after the shock formation, which again makediitadilt to understand the importance of
rotation on the found explosion. This implies that only aletion of the non—rotating model to
the time where in the rotating case the explosion startsgivié a final answer to this question.

Last but not least, we have to mention that it is possiblertiadel L&S—rot is contaminated
by hitherto unknown numerically problems. This might begiole for two reasons: Firstly,
model L&S—rot is the longest multi-dimensional simulatiewer performed with the MD-
BaTH-code, which implies that no experience for such simaifetiexists so far. Secondly,
model L&S—rot is a rotating model, which implies that the tnen star becomes strongly de-
formed, see Fig. 6.1. Since the closure relation for the ZBwdtnn equation — the variable
Eddington factor — is calculated on a spherically averagedlel) see Chapter 2, this also
might lead to yet un-encountered problems. However, allerical tests done so far show
consistency of model L&S—rot, nevertheless we will furtirestigate the numerics of this
particular model.

6.2. A simulation of a 10.2 My progenitor star model
In the following Section we will discus the evolution of a supova simulation of a 10.2

progenitor star, without considering anfjexts of the nuclear equation of state. The focus of this
Section lies thus not on the nuclear physics part of the sitimuls but rather on “special” prop-
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Figure 6.6.: The colour coded density (top) and temperature (bottomhefrotating model
L&S-rot at times of 200 ms (a), 300 ms (b), 400 ms (c), and 50Qdnafter the
shock formation. The lines represent the electron newphere (solid), anti—
electron neutrinosphere (dotted) and heavy (anti) lepgutrmosphere (dashed).
Also note that the plots are oriented such that the rotatkslies horizonthally.
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— L&S-rot-90 ] Figure 6.7.: The laterally averaged shock radii

300 —tgg:i‘im 3 (upper lines) and the laterally
_ "7 L&S-1D ] averaged positions of the electron
£ 200 ] neutrinospheres (lower lines) for
= the rotating models L&S-rot,
100 L&S-rot-90, and the the cor-

. responding non-rotating model

o L&S-2D. Also shown are the

corresponding one—dimensional
models.

erties of the used progenitor model. The motivation for gtigly can be summarised by men-
tioning that sofar in multi-dimensional simulations of eaollapse supernovae with spectral
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Figure 6.8.: Snapshots of the distribution of the electron fractiont{leihd of the entropy
(right) distribution at diferent times after the shock formation for model L&S—
rot. Shown are the times of 100 ms (a), 200 ms (b), 300 ms (€) 49 (d), 500
ms (e), and 577 ms (f). Note that the scale of the colour baaegds from time
to time.

Boltzmann neutrino transport (or approximation to it) mewt driven explosions were only re-
ported for a few models with peculiar progenitor models vehomsses were below 12M see
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Figure 6.9.: a The normalised cdBcientsa g/ago of thel = 1 andl = 2 modes of the

projection of the shock position onto spherical harmonigsown are the two
rotating models and the non—rotating model. Note that fasoes of clarity the
I = 2 modes where shifted down by 0.3. Note furthermore that mo&l&—
rot—=90 can not posses an= 1 mode due to geometnyfects. b: The power
(cf. Eqn. 5.4) contained in the pressure fluctuations.

Kitaura et al. (2006), Buras et al. (2006a). Except for thatmog model of a 15N progenitor
star discussed in Section 6.1 of this thesis, neutrinoedriexplosions of progenitors whose
masses exceed 12Mhave not yet been reportedClearly, a smaller (i.e. less massive) pro-
genitor star favours for several reasons the chance forexrisoya explosion:

o Firstly, a smaller progenitor also produces a smaller ilame cThis implies that the shock

has to travel through less material which contributes tedesn the energy budget of the
shock. These energy losses are caused by the fact that atdblk fsont iron—group
nuclei are dissociated into free nucleons, an event whioswoes roughly 8.8 MeV per
nucleon of binding energy.

e Secondly, smaller progenitor models show a charactedstitine of the density—profile

at smaller radii (due to the smaller core) than more massiwgemitors. This density
decline marks the region of a composition interface, wheralue to the onion shell
structure of the stellar core — the composition changes fraimly iron—group nuclei to
a significant contribution of Si and O. Once this composifiderface reaches the shock
front it reduces on the one hand the ram pressurg) (of the matter on the shock front,
see the discussion in Section 3.2, and on the other hand aditdea shock acceleration
if the density gradient is large enough. For example, in teehof an O-Mg-Ne—core
of a 8-10M, star (see Kitaura et al. 2006) the explosion sets in whenhbeksfront

SNote that the explosions of massive progenitors (up to 20 k&ported by Burrows et al. (2006a,c,b) are thought
to be acoustic—driven and are thus not “standard” neutdrieen explosions.
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reaches such a density gradient and the shock continouglgtadhydrodynamically to
larger radif.

Thus the question has to be answered whether the two sugicegplosions reported by
Kitaura et al. (2006) and Buras et al. (2006a) can be tracel tmavery special conditions
of the particular progenitor models (e.g. the density grat)j or whether the neutrino heating
mechanism works sficiently well to produce supernova explosions for a cert&w) mass
range of progenitor modéls The answer of this question is a very important one, sinee th
following questions are immediately linked to it: Is the trewo heating mechanism a robust
mechanism for a certain class of progenitors? If this is Hsecwhat classifies these progenitor
models? Does one have to consider only the progenitor maskdcalassification, or is it a
multi-parameter space which makes understanding of assfot@eutrino heating mechanism
more complicated?

Of course it is not feasible to answer or even address alktigegstions in the following
Section. However, we can address the question whether thenteheating mechanism works

5Though note quite correct one might think of the analogy aifrées moving down a wave on a step gradient.
"The reader may remember from the discussion in Section atZhk explosion of the 12 M, progenitor also
started when the composition interface reached the shook fr
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Figure 6.11.: a The kinetic energy in the gain layer contained in lateraéction E",

dashed—dotted) and in lateral plus radial directiBg", solid) for all models.

b: The internal energy (solid) and kinetic energy contaimerbiation (dashed)
for all models. Note that model L&S—2D does not rotateThe mass contained
in the gain layer as function of time: The energy deposited by neutrino in the
gain layer as function of time.

for stars with a mass lower than 12Mby investigating the supernova evolution of a 102 M

progenito?.

The particular model of this progenitor was provided by Hegjeal?, and its initial density
profile at the moment of the onset of gravitational instapiis compared in Fig. 6.13 to the
density profiles of the 8.9 M model of Nomoto (1984, 1987) (denoted model O—Ne—Mg) and
the 11.2 M, model of Woosley et al. (2002), which show successful neatdriven explosions.

Obviously, the progenitor model O—Ne—Mg shows the alrea@yntioned fast drop of the
density at radii below 1000 km. Both the progenitors with sessof 10.2 M and 11.2 M, do
not show such a steep density decline. However, both moldels the mentioned composition

80f course, a successful explosion of this model will only hether hint and no final answer. However, a failed
explosion will rule out an easy correlation between the pnitpr mass and the explosion mechanism.
%from www.stellarevolution.org

138



6.2 A simulation of a 10.2M, progenitor star model

™

5 T T 40 T
‘t_’. r =10 km 2 r =25km
X X
Y m & 20t ]
= O%—%r‘:—v——'fm R 8 =
E _|=1 6.\ ! . l*'.\ %
i1 —1-2 i1 oﬁww kv
9__’ 51 :I;4 | 9_" =1 ﬂ
S - =5 ° =2
= = -20F 123 ]
= = |:4
= =1 ~1=5
g -10 . s E -40 ! .

0 200 400 600 0 200 400 600

tpn [MS] tpn [MS
a b

‘é’D ™
a r =30 km S 150
s 1 % 100
& N
= ] = 50
S I
| y | 0f
e e
© y 5 -50
(] (]
© ©
2 . 2 -100
g g
z £ 150

600

Figure 6.12.: Different coéficients of the expansion of the pressure fluctuations for mode
L&S—rot into spherical harmonics, cf. Eqn. 5.1.1. Note ttet rotational flat-
tening of the dense core leads to strong growth ofl tae2 andl = 4 contribu-
tion. Shown are the amplitudes measured at positions otaonsdii of 10 km
(panel a), 25 km (panel b), 30 km (panel c), and 35 km (panel d).

interface and a drop of density at radii of roughly 3000 km 4660 km, respectively and the
overall density profiles are very similar. Since the exmgosin model s11.2 starts when this
density drop reaches the shock front, see the discussioaciiog 4.2, it seems promising that
the same will happen in model s10.2 when the correspondirgs istzells will have collapsed
to the shock front. By simulating the supernova evolutiothwhis progenitor model s10.2 we
wanted to investigate this hypothesis, and we will discadbeé following our results from this
calculation.

The gravitational collapse and the subsequent supernalatien of this model (denoted
$10.2-1D and s10.2-2D, respectively) were calculated twélstandard physics used through-
out this thesis. Since in a first step we were not interestegtjiration of stateftects for this
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Figure 6.13.:The initial density profile of

101 ; ; ; different low—mass progenitor
models at the beginning of the
collapse simulations. Model O—
Ne—Mg denotes the progenitor
model which showed an explo-
sion in the study of Kitaura et al.
(2006). Model s10.2 denotes
the progenitor used in this study,
and s11.2 denotes the progeni-
10 . . . tor which also showed an explo-
1 10 100 1000 10000 sion in the StUdy of Buras et al.
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Figure 6.14.: a The (laterally averaged) shock positions (upper linesinoflels s10.2-2D
and s10.2-1D and the positions of the electron neutrinasghgower lines).
b: The time dependent chitientsa o/ap0, Which were obtained by expanding
the shock position into spherical harmonics, as explain&kiction 4.2. Shown
are the first five non spherical modes, which are normalisettidospherical
contributionag .

model, and we wanted to be able to compare the new model tolmbe discussed in Buras
et al. (2006a) and in Section 4.2, we chose the L&S—-E0S asipisc for the matter in the
dense core.

Figure 6.14a shows that model s10.2-2D does not show ansésplduring the first 300
ms after the shock formation. However, the model shows agtshock instability, which if
amplified could launch the explosion at later times. A proggcof the shock position onto the
system of spherical harmonics, analogous to Eqn. 4.4, Isetiest in this model thé= 1 mode
contributes strongest to the shock instability, see Fitdl&. Figure 6.16 gives a more detailed
impression of the sloshing of the shock front from one hehesp to the other, and shows the
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growing axis ratio of the shock front, which at a time of 300 aiter the shock formation
reaches a value of 1.6 to 1.

Despite the strong shock oscillation and the volume fillingwection, model s10.2-2D does
not show an explosion, since the shock front is still far a wayn roughly 300 km where the
shock will gain energy from alpha—particle recombinatfonHowever, the question remains
to be answered how close this model comes to an explosiont pisssible that the model
will show an explosion at later times ? Of course, a definiamswer can not be given, but
several conditions seem to be promising. On the one hanchiakirig composition interface
which reduces the ram pressure onto the shock front, hashoégched the shock front during
the first 300 ms after the shock formation. Thus, a stronglskapansion is expected when
this interface reaches the shock front. Sadly, this will happen before 600 ms after the
shock formation. On the other hand, the shock shows alreaisoag instability and strong
convection. This leads to an increasing ratio of the adeadime scale to the heating timescale,
see Fig. 6.15. Though this value is far below unity at a tim8Qf ms, i.e. the model shows a
factor of two too low heating for a successful explosions tfaitio has steadily increased from a
time of 200 ms after the shock formation on. Only a continugldwdation to longer evolution
times will show if this trend will hold on and an explosion Wk triggered or if this model will
also fail to explode.

Nevertheless we can conclude from this model several thiligsugh, it is still an unan-
swered question whether the neutrino heating mechaniswrigalty drives the explosion for
progenitors with small iron cores, we can conclude thatdichgprogenitors the explosion must
not necessarily set in fast, i.e. for times lower than rop@@0 ms after the shock formation.

10A shock radius larger than 300 km is a quite a good first hinttfier onset of the explosion, since experience
shows that once the shock reaches this “point of no returd”gains extra energy it will not recede anymore,
see the discussion in Section 6.1.
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Figure 6.15.: T a: The ratio of the advection timescale and the heating tisleso model
s10.2-2D. A value above unity indicates a successful eigipsee Buras et al.
(2006a) b: The advection timescale (cf. Eqn. 4.3).

The successful early explosions reported by Kitaura eR@D§) and Buras et al. (2006a) are
supported by peculiar properties (i.e. density gradiesftf)e used progenitor models that have
rapidly collapsed to the shock fronts. Although it is stilgsible that model s10.2—-2D will show
an explosion at later times when its steep density gradeamtres the shock front, the conditions
are not favourable for an explosion during the first 300 merdfte shock formation, despite a
strong shock instability and convective fluid flows. Thistfaagether with all existing models
of successful explosions shows that the neutrino heatiegsthe support of other processes
(such as a drop of the ram pressure onto the shock front oomgsstanding accretion shock
instability) that cause a shock expansion andraneaseof the advection time scale. Volume
filling convection alone, driven by neutrino heating , se¢mise instficient in a at least some
models, such as model s10.2-2D. Thus we conclude that thenwebeating mechanism for
shock revival in core collapse supernovae is not robust énséimse that the final explosion
depends — even for low mass stars — strongly on the detailsegfitogenitor structure.
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Figure 6.16.: Snapshots at tfierent time after the shock formation of the electron fractio
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Summary and Conclusions

In the main part of this thesis | have investigated the infbeeof the nuclear equation of state
on the evolution of simulations of core collapse supernovide motivation for this study can
be summarised by mentioning that the equation of state afreopa matter is neither from
experiments nor from theory well constrained and the uaggrés are thus high. Berent
theoretical models of the nuclear equation of state of sugy@ matter reflect these uncertainties
in their different predictions of such quantities as, e.g. , the nuctsaposition or the stiness
around nuclear matter density.

In a first step, in Part | of this thesis, one—dimensional atnons have been used in order
to clarify how the nuclear equation of state governs the sup@ evolution and to clarify
to what extent uncertainties of the description of denseenaifluence the results obtained
from supernova simulations. Although one—dimensionalbations neglect multi—-dimensional
effects, which are important for the supernova explosion m@shg these simplified models
are helpful for understanding these questions becausestheed complexity allows one to
concentrate on the equation of statéeets without having to deal with complicated multi—
dimensional &ects.

These studies, which are discussed in Part | of this thesissanparable to the earlier ones
of (e.g. Thompson et al. 2003, Marek 2003, Sumiyoshi et &)52thly to mention a few),
however, for the first time the influence offfdirent regimes of the nuclear equation of state
(i.e. the supra—nuclear regime, the intermediate densgyme, ...) has been investigated in
self—consistent simulations.

In my studies | have used mainly the description of hot ande@matter according to Lattimer
& Swesty (1991), which is based on the compressible liqumpdnodel by Lattimer et al.
(1985), or | have applied the equation of state of Hillebtaam! Wolt, which is based on a full
Hartree-Fock calculation and a Skyrme force for the nuclaeocleon interaction is assumed,
see Hillebrandt et al. (1984). In some studies as a thirdrative, the relativistic mean field
equation of state of Shen et al. (1998b,a) has been used.
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Summary and Conclusions

With these equations of state it has been found that the auebpation of state influences
sizeably the supernova evolution: Firstly, the collapegetcale and the deleptonisation of the
core are dterent for simulations with dlierent equations of state. This results iffetient neu-
trino luminosities of the burst signal, when the neutriniost twere trapped in the dense core
are suddenly released in large numbers. Secondly, duridatb-time evolution (i.e. start-
ing at several 10 ms after the shock formation) the equatistabe controls the compactness
(i.e. the mass to radius ratio) of the dense core and the abrasdics of the emitted neutrinos,
in particular the neutrino luminosities and the mean neatgnergies, change strongly when
different descriptions of dense matter are applied in the stironga As the results from both
non—exploding models and (artificially) exploding oneséhaliown, this is true for the “accre-
tion neutrinos” (i.e. neutrinos that are produced from #ease of gravitational binding energy
as accreted matter settles on the proto—neutron star) aalgo true for neutrinos flusing
out of the dense core. It was found that in models with sofa&quas of state, i.e. equations of
state that produce compact cores, the neutrino luminosdynaean neutrino energy are higher
than in models that were calculated withfiséquations of state. The importance of this result
cannot be stressed enough: On the one hand these equatistat®finduced fierences have
to be taken into account when one calculates the detecfoomes to a supernova neutrino sig-
nal of modern or future neutrino detectors, see e.g. Kaelfiet al. (2005). On the other hand
measurements of neutrino signals might be used to constomre properties of the nuclear
equation of state of supernova cores, since they leave afiimgein the supernova neutrino

signal.
In particular, it has been shown in this thesis that the suprelear regime of the equation
of state — which is also the most unknown regime —, influentessupernova evolution

strongly. By stifening or softening of the nuclear equation of state in thggnne one can
reproduce the dierences found in the simulations with the L&S and the i¥&oS. This leads
to the conclusion that the fiérences in runs with alternative equations of state stenmlynai
from the supra—nuclear phase. Furthermore it has been stiawtheoretically possible and
experimentally not excluded phase transitions from nomoalear matter (i.e. a homogeneous
phase of protons and neutrons) to an exotic phase (suchrasipiyperon condensates), which
can soften the equation of state considerably, lead e.ggndisantly changes of the neutrino
signals. However, it has been found that this depends dyramgthe amount of softening of
the supra—nuclear phase and the mass of the progenitorFstaeither low—mass progenitors
or only minor softening of the equation of state the influencethe supernova evolution is
small and in the range of the variations observed in simaratwith the Walf and the L&S—
EoS. More massive progenitors with a considerable amousofiéning of the equation of
state lead to significantly increased neutrino luminosiéiad to a collapse of the proto—neutron
star to a black hole. The implications of these results a@fdid. On the one hand, they
clearly demonstrate the influence of the supra—nuclearepbiithe equation of state on the
proto—neutron star evolution. Dependent on the combinatiothe supra—nuclear phase and
the mass of the progenitor star a collapse of the dense casebtack hole can occur and
simultaneously the neutrino emission rises strongly. Thight be of large importance for
the so—called collapsar model of gamma ray bursts (MackFa&yé/oosley 1998), in which a
delayed collapse of the dense core to a black hole is negetsspower the central engine of
the gamma ray burst. If the supra—nuclear phases influeitbes ®r which progenitor masses
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or at which time such a black hole collapse can occur, thesupea—nuclear phase also sets
constraints on the possible progenitors for gamma ray fufh the other hand, the (strong)
sensitivity of the supernova evolution (i.e. the neutrintigsion as well as the possible collapse
to a black hole) on the supra—nuclear regime of the equaticgtiabe might be — together
with observations of core collapse supernoaae with the knowledge about the mass of the
progenitor star — used to constrain the supra—nuclear iequatt state.

Altogether, the one—dimensional simulations of Part | hstvewn that the influence of the
equation of state is of significant importance for the supeanevolution. Consequently, in
Part Il of this thesis | have investigated the influence ofribielear equation of state in multi—
dimensional simulations, that take multi—-dimension@¢e&s such as convection into account,
which — as supernova modellers do agree — are necessaryefeufiernova explosion mech-
anism. It shall be stressed here that a clean comparisoneobrie—dimensional and two—
dimensional simulations, and thus a direct comparison ofggn of state #ects in simula-
tions where spherical or axial symmetry was applied, is polgsible due to the advantage that
both types of simulations could be performed with the sante @nd thus the same numerical
treatment.

For the first time, it has thus been possible to study equafietate &ects in two—dimensional
simulations with spectral Boltzmann neutrino transgort to compare these simulations with
the corresponding spherically symmetric calculationse #o—dimensional models discussed
in Part Il of this thesis have shown that the conclusions fepherically symmetric simula-
tions still hold, but convection inside the proto—neutrd¢ar significantly changes the structure
of the dense core. The region where convection develops khasvehe strength of convec-
tion depends on the choice of the equation of state. Thisenfles noticeably the neutrino
emission of the dense core, but the general trend of onerdiomal simulations that models
with softer equations of state emit more and more energetitrimos has been found to hold in
multi—-dimensional simulations as well.

Furthermore, it has been observed that the proto—neutesnssexcited to perform g—mode
oscillations. The amplitudes of these oscillations are -e-wuthe diferent compactnesses and
structures of the dense cores — also influenced by the nuetpetion of state. With regard
on the possible explosion mechanism of core collapse sapaen where the explosions are
powered by acoustically damping of these g—mode osciliat{see, e.g. Burrows et al. 2006a),
these results require further investigation.

It has also been found thatffrent equations of state change the strength of the nomradi
shock instability, where the shock front oscillates in lomsdes [ = 1, 2...), and the equations
of state influence the growth of convection in the region leemvthe proto—neutron star and
the standing supernova shock front. These purely multiedsional &ects are mainly influ-
enced by the equation of state through the structural clsaoigbe dense core and thefdrent
neutrino luminosities and neutrino energies emitted framdore, and show that the neutrino
heating of matter is strongly equation of state dependehusTat a time of 250 ms after the
shock formation, the conditions for shock revivatdr drastically for the models with flerent
equations of state. The conditions in the model, which wésutzted with a soft equation of
state seem more favourable for an explosion than in the atroalwith a stif equation of state.
From this the conclusion arises that the neutrino heatimdosion mechanism may crucially
dependent on the nuclear equation of state.
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Summary and Conclusions

However, all multi—-dimensional models which were presgmethis thesis also show clearly
that modern supernova simulations are not far from suaglesgplosions: all models, except
for the model calculated with a fitequation of state, show a clear trend to favourable comditio
for an explosion. These conditions stem from continuougrimeuheating of matter on the one
hand, and on the other hand from the presence of the stanttingtian shock instability, which
increases the advection timescale of matter through thiinlga@gion (i.e. the time that it takes
matter to be accreted from the shock front down to the lowedldroof the heating region). The
latter increases the time in which matter is heated, whehesi®rmer supplies the energy input.
In late-time calculations, in all models both quantitiesdgarce a trend towards conditions that
are necessary for an explosion. This is independent of & p®genitor model, or whether or
not the model includes rotation. However, as the modelssilsw, these favourable conditions
need a long evolution time to develop, and the model of aingidt5 M,, progenitor star shows
an explosion at roughly 600 ms after the shock formations €Rplosion is not directly caused
by the rotation but by a combination of the standing accnesizock instability and the neutrino
heating. A comparison of the rotating model with a non—mogabne has shown that until a time
of 350 ms after the shock formation the evolution in both n®devery similar and no large
influence of rotation could be observed. It is thus necedsargntinue all models discussed in
this thesis to longer evolution times, in order to decide tiveethis promising trend will really
continue and will lead to an explosion.

Despite the long evolution times no indication of an acaudstiiven explosion as proposed
by Burrows et al. (2006a) has been found in the multi—dinm@mradi models. Although the —
for this explosion mechanism necessary — g—mode oscilisittd the proto—neutron have been
observed, the amplitudes are at least two orders of magnitetbw the ones observed by
Burrows et al. (2006a). Although the models discussed mttiesis do not rule out the possi-
bility of acoustically—driven explosions as proposed byrBws et al., they rather indicate that
the delayed neutrino-driven mechanism might actually paive explosion at late evolution
times, which had not been investigated in multi-dimendismaulations before. The explosion
obtained for a rotating 15 M progenitor star, together with the promising conditionsimu-
lations of non—rotating stars offtierent stellar progenitors do actually inspire the hopettieat
neutrino heating supernova explosion mechanism might w&oldter evolution times.

Only evolving all these promising models to later evolutiomes will show if this hope is
justified. Furthermore these long evolution times of the et®dvill be necessary to investigate
in more detail the acoustic damping of proto—neutron stan@de oscillations. Finally, if the
finding of this thesis we be confirmed that for a soft equatibstate an explosion is obtained
and not for a st one, this will stress the importance of the nuclear equatiostate for core
collapse supernovae even more. Thus | want to conclude hétfflirave) statement that it is
still possible that the “correct” nuclear equation of stiathe missing ingredient to understand
the explosion mechanism of core collapse supernovae.
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Neutrino opacities

A.l. lon-ion correlation effects in stellar core collapse

Heavy (iron-group or more massive) nuclei dominate the amsition in stellar iron cores until
nuclear densities are reached in the inner core and the balmuck raises the entropies in the
outer core to values where free nucleons are favoured ireaustatistical equilibrium (NSE).
During the infall phase therefore coherent, isoenergegttsring ¢ nuclei is the main source
of opacity for the electron neutrinos produced by electraptures (cf., e.g., Bruenn 1985,
1989a,b). Neutrino-nucleus scattering thus hampers deeefscape of neutrinos, is responsible
for neutrino trapping around a density of'#@cni3, and regulates the deleptonization and
increase of entropy during core collapse.

In the medium of the supernova core nuclei are coupled diyavith each other by Coulomb
forces. They thus form a highly correlated plasma, in whighihteractions of neutrinos with
wavelengths larger than the average ion-ion separafigricorresponding to neutrino energies
€ < 2hc/aon ~ 20MeV) are reduced by phase interferenékeas (Iltoh 1975). The corre-
sponding ion screening was more recently calculated by Wwite@1997) and Itoh et al. (2004),
and investigated in itsfiects on stellar core collapse by Bruenn & Mezzacappa (199
latter authors employed the correction factor for neutnogleus scattering cross sections as
given by Horowitz (1997).

Itoh et al. (2004), however, pointed out that the Monte Cadlzulations, which Horowitz’s
fit was based on, did not allow him to accurately representtbss section reduction for low
neutrino energies, i.e., for energigs< iic/ajon ~ 10 MeV, thus underestimating the importance
of ion-ion correlation &ects. Itoh et al. (2004) provided a more accurate analytindgiformula
by using the correct behaviour of the liquid structure fadtw small momentum transfer in
neutrino-nucleus scattering.

The investigations presented in this Section have two g@aighe one hand we aim at study-
ing the diferences for stellar core collapse and the formation of tiperswva shock which
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Neutrino opacities

15 T

Figure A.1.: The ratio of the angle-
averaged ion-ion correlation
factor as calculated with the
fitting formula of Horowitz
(1997) (see Fig. 9 in Bruenn
& Mezzacappa 1997) rela-
tive to the one obtained from
the prescription provided by
Itoh et al. (2004) (see their
Fig. 2) as a function of the

109((Sion(¢, T)YHor/ {Sion(€, T)itoh)

05 , variable¢ for different val-
0.1 1.0 10.0 ues of the dimensionless pa-
4 rameten”.

arise from the improved description of ion screening as ssiggl by Itoh et al. (2004), com-
pared to a treatment using the formulae of Horowitz (1997i. ti2 other hand we intend to
explore the sensitivity of the evolution to ion screenifigets associated with the ionic mixture
of nuclei and nucleons that are present during core collalpsaccordance with the treatment
of NSE in current equations of state (EoSs) for supernovalsations, we consider the nuclear
components to be free neutrons, free protangarticles, and one kind of heavy nucleus which
is considered as representative of the NSE distributioruofei beyond*He. Two diferent nu-
clear EoSs with largely flierente mass fractions during core collapse are employed. The first
EoS (“L&S”), provided by Lattimer & Swesty (1991), is based @ compressible liquid drop
model and uses a Skyrme force for the nucleon interactiottifher et al. 1985). Our choice

of the compressibility modulus of bulk nuclear matter is M8V, and the symmetry energy
parameter 29.3 MeV, but theftkrences in the supernova evolution caused by other values of
the compressibility were shown to be minor (Thompson et@032 Swesty et al. 1994). The
second EoS used here (“Shen”) is the new relativistic me&hEeS of Shen et al. (1998a,b)
with a compressibility of nuclear matter of 281 MeV and a syetmyenergy of 36.9 MeV.

A.1.1. lon-ion correlation factor

In this study we make use of twoftirent fitting formulae for the angle-averaged correla-
tion factor (Sijon), Which describes the reduction of the neutral-currenttegag of neutri-
nos df nuclei by ion-ion correlation féects. It is used as a multiplicative correction to the
neutrino-nucleus isoenergetic scattering opacity (cfravatz 1997, Bruenn & Mezzacappa
1997, Rampp & Janka 2002). The first formula is provided byadddtz (1997) and is based
on Monte Carlo results. The second one is given by Itoh eR8D4) and was obtained from
data calculated with the improved hypernetted-chain nte(see Itoh et al. 1983, and refer-
ences therein) for a classical one-component plasma. Bimaillations with ion screening we
also take into account (the rather small) electron scregedsfiects according to Horowitz (1997)
by applying the additional correction factor of his Eqn.)(1®the rates of coherent neutrino-
nucleus scattering.
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A.1.1 lon-ion correlation factor

One-component plasma

If the stellar plasma consists of only one nuclear specigsnd Zion, Aion), the ion sphere
radius which gives the mean inter-ion distance is defined as

1/3
3 ) (A1)

dion = (—47Tni0n
wherenion = NpXion/Aion iS the number density of the ions with mass numbBgp, charge
Zione, and mass fractioon (np is the number density of baryons). The strength of the ion-io

correlations is characterised by the dimensionless pdeame

z2 € z2 Xion |/
[=—9""_ _ Q22750 ﬂ) , A2
aionks T T10 (Plz Aion (A2)

which is the ratio of the unshielded electrostatic potérgizergy between the neighbouring
ions to the thermal energy. Heflgg denotes the temperature in units of'4K and p12 the
mass density in 28 gcnT2. Note that the definition of in Horowitz (1997) difers from the
ones used here and in Bruenn & Mezzacappa (1997) and Itoh (@084) by a factor (#) in
the denominator of Egn. (A.2). In Horowitz’s notation théfor is absorbed in the employed
value ofée?.

Horowitz (1997) provided the following fitting formula fohé¢ angle-averaged suppression
factor (Sion(¢, T))Hor:

1 4
(Sion(&, T)Hor = , for £€<3+ iz ° (A.3)

6
1+ exp[— E Bi (r)g]
i=0

and
(Sion(&, 1))Hor = 1, otherwise , (A.4)

to be applied for X I' < 150; for values of" < 1 orI" > 150, Horowitz (1997) recommends to
simply sefl" to 1 or 150, respectively. Thg& are codicient functions of” determined from fits
to Monte Carlo data. In Eqgn. (A.3) the varialglés the ratio of the mean ion-ion separatiagh

to the wavelength for neutrinos (during core collapse pritp&lectron neutrinos with energy

€), i.e.,
€

hc

Itoh et al. (2004) provide a fierent fitting formula, see Egs. (23)—(26) in their paper,clhs
restricted to the case of a strongly degenerate electroragesially well fulfilled condition dur-
ing stellar core collapse. Their treatment give$atent results for the ion-ion correlation factor,
(Sion(&,T)), in the limit of low neutrino energieg (< 1). This can be seen in Fig. A.1. Itoh et al.
(2004) argue that the reason for thigfdience compared to the description by Horowitz (1997)
is their correct calculation of the liquid structure fac®(k) for small momentum transfek.
This makes the suppression of neutrino-nucleus scattbirign-ion correlations more impor-
tant than estimated by Horowitz (1997) and Bruenn & Mezzpagfi997).

& = @ion (A.5)
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Figure A.2.: Composition as a function of density at the centre (top) dratha@nclosed mass
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of 0.5M;, (bottom) for the evolution during core collapse with the Ea$ Lat-

timer & Swesty (1991; left) and Shen et al. (1998a,b; righithe plots show
the evolution of the number fractionéfor free neutrons, protong-particles,

and the representative heavy nucleus until shock formatidme results were
obtained with ion-ion screening treated according to c&s&S’ ion_Itoh” (see
text).



A.1.1 lon-ion correlation factor

The simulations presented here intend to study the dynammacesequences of thesefer-
ences during supernova core collapse.

Up to now we have considered a stellar medium consisting lyf @me nuclear species and
referred to formulae derived for a classical one-compop&rgma. However, in the collapsing
core of a massive star a mixture of nuclei besides free nesi@ad protons is present, usually
approximated by particles plus one representative, heavy nucleus. To déaltat we de-
cided, in the simplest approach, to calculate the supmedactor(Sjon(&,T)) for a particles
and for the heavy nucleus independently, using the valuabdoaverage distan@g,, between
ions of the same kind, derived from the number densiijgsr np, respectively. This assumes
that diferent ionic components coexist without collectivefieating the screening of neutrino-
nucleus interactions. Alpha particles thus change thedmgesing for heavy nuclei only by the
fact that their presence may reduce the number density ofdraauclei.

lonic mixtures

For a liquid mixture of diferent ions Z;, Aj) including free protons, Itoh et al. (2004) suggest
a modified treatment, referring to earlier work by Itoh et(&B79). Employing the so-called
linear mixing rule, one can extend the calculations of neatnucleus scattering cross sections,
obtained for a one-component ion liquid, to the case of rugthponent fluids.

The ion sphere radius for an igrin the mix is now given by

aj = anjl/?’ (A.6)

with a¢ being the electron sphere radius,
Y " (A.7)
*\arzzn) '

where the sum extends over free protons and all nuclei withbau densities;. The dimen-
sionless variablg; then becomes

€
& =3q e (A.8)

The ion-ion correlations of nuclear speciedepend on the dimensionless paramétetefined
as

2°P¢ _Z}€ (4n S 4, v
ackeT ~ kT (3 &7
5/3

xz\"
0.2275-_ bl A.9
o [puZ A_] (A.9)

The angle-averaged ion-ion correlation fagiBpn(éj,I)) is now evaluated fow particles and
heavy nuclei with the fitting formula provided by Itoh et &#004), using‘; andIj as given in
Egs. (A.8) and (A.9), respectively.

Applying the naive procedure of Sect. A.1.1 for the condisian a supernova core shows that
usually¢é > 1 for « particles because’s are less abundant than heavy nuclei in the central part
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Figure A.3.: a: Central electron fractionYe and lepton fractionY,, as functions of
central density for core collapse calculations with the EfSShen et al.
(1998a,b). Model Shen_ionffadoes not include thefiects of ion-ion corre-
lations, Model Shen_ion_Hor uses the description of iomesting according to
Horowitz (1997), Model Shen_ion_ltoh employs Itoh et a12004) treatment
for a one-component plasma, and Model Shen_ion_mix theatriment of ionic
mixtures.b: Same as panel a but for the central (matter) entopy

of the core and during most phases of the collapse. Thisithen less than unity. Both factors
diminish ion screening faz’s to a negligible level. In contrast, following the descigm in this
section, the presence afs can dfect also the ion screening of heavy nuclei by reducing the
inter-ion separation (Eqn. A.6) and thls(Eqn. A.8). Moreoverl"; for heavy nuclei according

to Eqn. (A.9) might become larger than in Eqn. (A.2). Therefthe presence ai’s has an
indirect influence on neutrino scatterinff beavy nuclei and thus on ion-ion correlations during
stellar core collapse, despite the fact that the screertiiegte fora particles are still small
because their is usually below unity (following Horowitz (1997); is then set to unity for
evaluating the angle-averaged cross section suppressitor)

While our procedure for treating th&ects ofa particles in an ionic mixture with heavy nuclei
and free nucleons adopts the recipe of Itoh et al. (2004) y8a(2005) recently discussed an
alternative approach to the problem for multi-component#iy applying the Debye-Huickel
approximation. He pointed out that in multi-component plas the ion-ion correlationfiects
might be greatlyreduced leading to much larger neutrino opacities than for a omaganent
plasma, even if the constituent ions have only a small rarige/a ratios. Electron density
fluctuations for an ionic mixture enhance this tendency. y@aiw calculations therefore yield
a result which isopposite toour application of the linear mixing rule for calculating Hiu
component plasma parameters. They tend to bring one baskrdo the case with ion-ion
correlations being ignored, simulations of which will begented below, too. Thus we pro-
vide a set of models with the intention to encompass and btable “extreme” possibilities
discussed in the literature.
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A.1.2 Numerical simulations
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Figure A.4.: Gas entropy vs. enclosed mass at the moment of shock fommatitbe models
of Fig. A.3. The shock formation is defined by the instant wttementropy in
the core first reaches a value dfg3per nucleon.

A.1.2. Numerical simulations

For our study we apply the same micro-physical input as de=tiin Section 3.2. The core
collapse simulations presented here were started from&Mg, Jprogenitor s15a28 from Heger
et al. (2001).

For describing the thermodynamics and composition of thkastplasma, the EoS of Lat-
timer & Swesty (1991) and the one of Shen et al. (1998a,b) pplieal at high densities
(0 > 6.7x 10" gem3 or p > 2.7 x 10 gcenT3, respectively). At lower densities the EoS
contains a mixture of electrons, positrons, photons, mnsend nuclei, with the nuclear com-
position being described by a simple approximation to a-&pacies NSE for temperatures
above about 0.5MeV. Below that temperature the composisi@dopted from the progenitor
star and modified if nuclear burning plays a role during gE&(for details, see Appendix B in
Rampp & Janka 2002). The two EoSs show majdiiedénces in the abundancesagbarticles,
which can be larger by up to a factor ©f10 in case of the Shen et al. (1998a,b) EoS. This is
visible in Fig. A.2 where the number fractions of free nens,gprotonseg’s and of the represen-
tative heavy nucleus (whose mass and charge numbers tygicalv with density until nuclei
disappear at the phase transition to nuclear matter) gotagled as functions of increasing den-
sity during collapse both at the stellar centre and at arosaedl mass of 0.8l,. Although their
mass fraction is much lowed; particles in the Shen et al. (1998a,b) EoS can become equally
or even more abundant (by a factor up to about two) than heawiginn the outer layers of the
collapsing core, in particular exterior M(r) Z 0.5-0.6M.

For each of the employed EoSs four core collapse simulati@re performed, all starting
from the onset of gravitational instability and carried oriiuithe moment of shock formation.
Calculations with ion-ion correlation (and electron saiag) efects in neutrino-nucleus scat-
tering being switchedfd, i.e. for (Sion) = 1 (andRe = 1 instead of Eqn. 19 of Horowitz 1997),
are denoted with “EoS_ionfiJ, where EoS stands for “L&S” or “Shen”. They are compared
with simulations (models “EoS_ion_Hor") where the ion-ioarrelation factor of Horowitz
(1997; Eqgs. A.3,A.4) is used, and with models in which ion-gmrrelations are described ac-
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Figure A.6.: Profiles of electron fractioiYe, lepton fractionYi, (left), and (gas) entropg
(right) versus enclosed mass for Models Shen_ifin(dmtted), Shen_ion_Hor
(solid), Shen_ion_lItoh (dashed), and Shen_ion_mix (dkted) at the time
when the central density has reached a value &fgonr3.

cording to Itoh et al. (2004) (models “Eo0S_ion_Itoh"). Higathe sensitivity of stellar core col-

lapse to the treatment of ion screening for ionic mixturasvsstigated by simulations (models
“E0S_ion_mix”") in which the correction factokSion(£j,1'j)) are calculated from Itoh et al.’s
(2004) formulae witl¢; andI'j as given in Sect. A.1.1.

A.1.3. Results

Figure A.3 shows electron fractior, lepton fractionYjep and (gas) entropg, respectively, at
the core centre during collapse simulations with the Shexh. ¢1998a,b) EoS. For both EoSs
employed in this work, the same relative changes are fourehwiodels without ion screening
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Figure A.7.: The energy source term for neutrino-electron scatteringdinsities of (a)
10t gcent2 and (b) 182g cnr? at the stellar center in the collapse models with
the Shen et al. (1998a,b) EoS. Negative values mean thatneehergy is “ab-
sorbed” (net scattering out of the corresponding energly positive values mean
“emission” of neutrino energy (i.e., net scattering of meas into the energy
bin).

are compared with calculations with ion-ion correlatiomsading to Horowitz (1997) (see
Models Shen_ion_Hor and Shen_iofff m Fig. A.3). We shall mostly concentrate here on
the results obtained with the Shen et al. (1998a,b) EoS,useceaparticles are much more
abundant there (see Fig. A.2) and many aspects of ion soge@nisimulations with the EoS
of Lattimer & Swesty (1991) were already discussed by Bru&rviezzacappa (1997). Our
results agree qualitatively with those of the latter pajg@uantitative diterences compared to
Bruenn & Mezzacappa (1997) are caused by the inclusion afdweg electron capture rates on
nuclei in our work, which significantly increase electrorpzaes above a few g cnr? so
that lower values o¥ep ands result after trapping (cf. Langanke et al. 2003, Martinéze&o

et al. 2005).

As explained in detail by Bruenn & Mezzacappa (1997), theested cross section for neutrino-
nucleus scattering reduces the transport optical deptlovefehergy neutrinos (cf. Fig. 3 in
Bruenn & Mezzacappa 1997) and allows them to escape fromdteernore easily. This is
obvious from a flux enhancement of neutrinos at energies10 MeV in Fig. A.5, where the
situation is displayed at a density@f 102 gcnT2. lon-ion correlations thus cause a decrease
of Ye andYiep that is stronger by about 0.02 until neutrino trapping setéFig. A.3a). The
homologously collapsing stellar core correspondinglyrétsr and the shock forms at a some-
what smaller enclosed mass (Fig. A.4). The shock formasatefined by the moment when
the postshock entropy first reaches a value ki Ber nucleon. A part of thefiect visible in
Fig. A.4 might therefore be a consequence of the slightiyhéiigcore entropy after neutrino
trapping in models with ion screening (see Figs. A.3b and.A.6

Neutrino-electron scattering is verffieient in downscattering neutrinos from the high ener-
gies, where they are mostly created by electron captureewer energy states. Therefore
the phase space at low energies is quickly refilled. Figuré #hows the source term for
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Figure A.8.: The optical depth for energy exchange between neutrinostetidr plasma as
a function of the neutrino energy at the centre of the iroredor densities of
(@) 10 gent3, (b) 102geni3, (c) 103 g ent?, and (d) 18*g cnT3. The results
are taken from collapse calculations with the Shen et aB§a%) EoS. The left
panels show enlargements of the low-energy window wheréaomorrelations

have the largestfiect.
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Figure A.9.: The cross section suppression fagi®in) for neutrino scatteringfb heavy nu-
clei (bold lines) as function of neutrino energy at the ceofehe iron core for
densities of (a) 18 g cnT3, (b) 102gcnt3, (c) 10 gent?, and (d) 16*g cnrs.
The results are taken from collapse simulations with thenSheal. (1998a,b)
EoS. Also plotted (thin solid lines with crosses) are thal@pectra of the neu-
trino energy density (normalised to the spectral maximuvh)ch are practically
identical for all simulations.

energy redistribution by neutrino scattering$ eectrons for two density values below trap-
ping conditions. The downscattering of high-energy neaosiexplains why the local energy
spectra, &,/de, with E, being the neutrino energy density, are essentially the sarived-

els Shen_ion_féand Shen_ion_Hor, despite of cleaftdiences between the energy flux spectra
of both runs (Fig. A.5).

On their way out escaping neutrinos transfer a part of theergy to electrons in collisions,
thus heating the stellar medium (Bruenn 1986). Since iogestng of neutrino-nucleus scatter-
ings reduces the transport opacity and therefore fifeetéve optical depth for energy exchange
with the stellar background mainly for low-energy neutanbut hardly changes the downscat-
tering probability of high-energy neutrinos (Fig. A.8)etlarger loss of lepton number leads
to an increase of the central entropy by about @gl@er nucleon (Fig. A.3b). In Fig. A.8 the
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optical depthr at the centre is calculated as

7(e) = fo " ar (le(e. 1), (A.10)

where gz (e, 1) is the dfective mean path for energy exchange, i.e., the averag&acdkspent
between two reactions with energy exchange between nesitaimd target particles (see Rybicki
& Lightman 1979). It can be expressed as

Aer(€,1) = VA€, 1) Ae(e, 1) (A.12)

when e is the mean free path for reactions with energy exchangeneugtrino absorption and

neutrino-electron scattering in the present context, &rd the total mean free path for mo-
mentum transfer (“transport mean free path”), which inekudll processes by which neutrinos
interact with the stellar fluid.

Figure A.9 displays the ion screening factd&o,) superimposed to the normalised neu-
trino energy spectrak)/de, at the stellar centre for densities of 4@ cni3, 1012gcent?,
103 gcnt3, and 184 g cnT3. Figure A.9 once more demonstrates that the reduction dfineu
nucleus scattering mostlyfacts neutrinos at energies below the spectral maximumIfplcdt
ted cases. In combination with Fig. A.8 it also shows thatttapping conditions for the bulk
of the neutrino spectrum are not influenced strongly by ioeesting. This was identified by
Bruenn & Mezzacappa (1997) as the reason why ion-ion coiweihave no dramaticfiect
on the core deleptonization.

From Fig. A.1 it is clear that dierences between the treatments of ion-ion correlations by
Horowitz (1997) and Itoh et al. (2004) are largest4at 0.5. The improvements by Itoh et al.
(2004) are therefore most important for the lowest neutenergies in the energy window
affected by ion screening. Since the phase space availabletalau energies is small, one
cannot expect large quantitative consequences for stallar collapse. This is confirmed by
Figs. A.3-A.4 and Fig. A.6. Itoh et al.’s (2004) descriptibn Model Shen_ion_lItoh) leads
to values ofYe, Yiep, ands after trapping which are essentially indistinguishablenfrthose
obtained with Horowitz’s (1997) formulae, consistent vtttk insignificant dierences between
Models Shen_ion_Hor and Shen_ion_lItoh seen in the othés.glote that the crossing of the
Ye~, Yiep- ands-profiles for simulations with and without ion screening &3, (Fig. A.6) was
also present in the results of Bruenn & Mezzacappa (199#allyitesting the sensitivity of the
core collapse evolution to the treatment of ion screenimghfe ionic mixture of free protons,
a particles and a representative heavy nucleus, we also catildiscover any dierences of
relevance.

A more detailed analysis reveals the reasons for this iftsgtys which are valid for both em-
ployed EoSs: Below the neutrino trapping regime (i.e.pfar 102 g cnt3) even for low-energy
neutrinos §, ~ 5MeV) the parametef is larger than or around unity (except for neutrinos in-
teracting witha particles in an ionic mix wheé, is computed from Eqgs. A.6—A.8). Moreover,
I' £ 50 holds at the same time, implying that the ion-ion corretatactors(Sion(¢, I'))Hor and
(Sion(&, D))ion for neutrino scattering f heavy nuclei are essentially the same (see Fig. A.1).
Only at densities above the trapping density the valug drops significantly below unity and
I" exceeds 50, causing visible (typically factors 2—3doE 5 MeV; Fig. A.9) diferences in the
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ion-ion suppression factokSion). At these densities, however, the exact value of the neutrin
nucleus scattering cross section has no noticeable inffugm¢he evolution of the core proper-
ties and on the neutrino transport.

Alpha particles in the inner core do not becomdisiently abundant to cause mentionable
differences. Their indirectfiect on ion-ion correlations of heavy nuclei in an ion mixtbse
reducinga; (and thus¢j) and increasind’; (Sect. A.1.1) for the heavier nuclei is essentially
negligible, because their contribution to the sum in Eqn7{As diminished by their number
density being multiplied with a factdf,/Z; < 1. Moreover,a particles do not account for a
significant contribution to the total neutral-current $eahg opacity, because the opacity for
coherent scattering of neutrinos by nuclgj Iy, A) scales roughly wittN?/A and therefore is
much smaller forx particles than for heavy nuclei. For this reason the dineftiénce ofa
particles and thus of the suppression of their coherenst{e)ascattering cross section for low
neutrino energies is miniscule, despite the fact #hatlrops below unity already at densities
p < 10" gen? in a mixture with heavy nuclei. (On the other haig,turns out to be always
less than unity and, following Horowitz (1997), is therefaet tol', = 1 for evaluating the
angle-averaged ion screening correction factor.)

In this Section we presented results from simulations diesteore collapse with the aim to
investigate the consequences of ion-ion correlations utrim®-nucleus scattering, comparing
Itoh et al.'s (2004) improved description with an older oryeHorowitz (1997). We employed
the EoS of Shen et al. (1998a,b) in addition to Lattimer an@sys (1991) EoS and treated
electron captures on heavy nuclei according to Langankie @093), making nuclei dominant
over protons in producing neutrinos up to the density of tigspe transition to nuclear matter.

Despite these étierences in the input physics, our models essentially coaflrthe previous
calculations by Bruenn & Mezzacappa (1997) who followeddwaitz (1997) in their descrip-
tion of ion screening. Because ion screeningffeaive only in a low-energy window where
the available phase space is rather small, the influencenebio correlations during stellar
core collapse and on the formation of the supernova shockdenate (Bruenn & Mezzacappa
1997).

We found that the improvement by Itoh et al. (2004) does raat te any noticeable flerences
because it fiects only neutrinos of very low energies (5MeV) before trapping densities
(0 ~ 102 gcnr3) are reached. Mierences at larger neutrino energies occur only at higher
densities and thus do noffect the deleptonization and entropy evolutionfeEts due to the
ionic mixture of free protonsy particles, and a representative heavy nucleus — usingrtearli
mixing rule as suggested by Itoh et al. (2004) — were founcetadgligibly small, too, mainly
because the abundancengparticles in the inner regions of the collapsing stellaedsrtoo low
to dfect the ion screening of heavy nuclei indirectly (see Sect.14. Alpha particles do not
contribute to the total opacity for elastic neutrino-nudescattering on a level where their ion
screening (which becomes sizable only when the mixtifiects of Sect. A.1.1 are accounted
for) might be relevant.

Improving the description of ion-ion correlations for thentplex mix of heavy nuclei with a
large variety of components, alpha particles, and freeemnd in the supernova core, however,
is desirable. Referring to multi-component calculatioasdd on the Debye-Hickel approxima-
tion in the limit of small momentum transfer, Sawyer (200&jLees that a range &f/Z ratios in
ionic mixtures can protect against the strong ion screesipression of neutrino-nuclei scat-
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tering predicted by theffective averages of one-component plasma parameters éppliee
current literature and in this work. Moreover, the desaipbf nearly free nucleons and nuclei
in NSE is expected to hold only up to a density of aboutxnT3. Above this density and
below the normal nuclear matter saturation density, a gaisige may develop with nucleons
clustered in subtle and complex shapes. Correlatiteces for coherent neutrino scattering can
then not be treated within the single heavy nucleus appratkim (e.g., Horowitz et al. 2004a,b,
Watanabe et al. 2004).

A.2. Effects of electron polarisation

In the previous Section A.1 we described thEeets of ion-ion correlations during the stellar
core collapse phase. In the following Section we will disctise related féect of electron
polarisation that also modifies the iso-energetic scatjerross section of neutrinos on nuclei.

Traditionally, the diferential cross section for energy conserving scatteringeatrinos &
nuclei is written as (see, e.g. Rampp & Janka 2002)

do oo ( €

— —~

2
do ~ 12822 ) A2y W2e /P (1)1 + w) (A.12)

wherew is a abbreviation for the cosine of the scattering afgle4*<’/¢*(1-%) represents the
nuclear form factorSjon(w) is due to the ion—ion corelation (see Section A.1), and

2Z-A

W = [(CA -Cy)+(2-(Ca—-Cy) ] , Where (A.13)

Ca, Cy are the coupling constants for axial and vector currenthefiteak interaction.
Then the total cross section reads

do L do
oot = —1—wdQ=2ﬂf do—(1 - w) =
dQ( ) 3 dQ( )

2 1
g0 €y 2 ) ) _
o (mecz) AZnaW I 1 dw(1 + w)(1 — w)Sion(w) =

)

2
€ 4
641 ( 2) AznAW2 '3 (S(€)dion

MeC
(A.14)

where(S(e))ion NOW indicates the angularly averaged ion—ion corelati@tofa(see Section
Al).

Expressing this in the first two Legendre @ogents, and by considering the low and high
neutrino energy limits one finally obtains (see Bruenn & Meappa 1997) for the transport
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opacity due to scattering

KO(e) - %K(l)(e) = 21€? (Do(e) — D1(e)) =

2 —2
-1+ +ye”
) AznAWZZy (y3 y) (Sion)

g0 (&
327 \ mec?
(A.15)

where(Sjon) takes account of the angularly averaged ion—ion correlatiorhe implemen-
tation of the transport opacity is straightforward. Howewee make the assumption that the
ion correlation correction factaiSion) is proportional to bothby and ®; and not only to the
combination®dy — @1 (see Rampp 2000)

Seizing a suggestion of Leinson et al. (1988), Burrows ef28l04) describes an additional
Cios term to the cross section of Eqn. A.12 that includes the darttons of the electron polar-
isation in the iso—energetic scattering of neutrinos orleiat low neutrino energies (i.es, <
5 MeV).

Taking this additional term into account, theéfdrential cross section for isoenergetic scatter-
ing reads

d L\ 261w 2
d_g = 6%(; (%) A’na (We 26/ (1-w) | Clos(w)) Sion(w)(1 + w) ,
(A.16)
where
Z (1+4sirf Oy
Clos(w) = A (W) (A.17)

andrp is the Debye radius

f nh2c
= , A.18
o 4aprEr ( )

k2 = |p- p'I? = 2(¢,/0)?(1 - w), pr andEr are the electron Fermi momentum and energy, and
a is the fine—structure constant.

Note, thatCiys(w) is in principal angle dependent and thus the straightfaiwategration
from Eqn. A.16 is not possible.

We thus simply assume, that the angle dependenCggiv) can be mimicked by introducing
an average angk) into Cis(w).

Then by using(We‘bez/ (l-w) 4 C|os(w))2 = W2g4e’/c*(1-w) | D\\ig20e*/(1-0) 0y o + Cz.in
the integral from Egn. A.16 we obtain:
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KO(E) - 549(E) = 20 (@o(e) - @1(0)

2 —2
oo & 2 2 y—1+(L+y)e”
= 3o (mecz) A“na W2 e (Sion) +
2 _

oo [ €& 2 y/2-1+(1+y/2)eY
2@ (_2) AnaW2 /2P (Sion)Cios +
oo [ € 2 4

v 2 2

Note that the original implementation is retainediag _,,Cjos = 0.

Again, we assume that the ion correlation correction fa¢qy;,) is proportional to bothdg
and®; and not only to the combinatiofhy — @1 , see Rampp (2000).

As we have already statéll,s = O is negligible for neutrino energiesabove roughly 5 MeV.
To guarantee numerically a smooth transition we have thdeddn additional "Fermi-like "
suppression factdfsyp

Faup=(1+expl —a)/b)™", (A.20)

wheree, is the neutrino energya and b are parameters that can be chosen such that the
contributions ofCys is smoothly suppressed for higher neutrino energies.

Though the contribution of the additional tefps is not likely to produce significant changes
during a core collapse simulation we have simulated a fewlsitions from onset of gravita-
tional instability to core bounce of a 15Jwrogenitor star of Heger et al. (2001). We have
calculated a series of core collapse simulations where @eaali regard the polarisation term
(Cios=0 for all neutrino energies, model “NoClos”), and where wasidered the polarisation
term. For the latter simulations we used the extreme casewah angles ab=-1,0,1. Addi-
tionally, we simulated one collapse where the mean angleavatomly varied between —1 and
1 for each time step. Furthermore, we have varied the va@wlb from Eqgn. A.20 in order
to suppress the polarisation term foffdrent neutrino energies (see Table A.2) between 5 MeV
and 20 MeV. The reason for the latter cases is that thoughdhtgiloution of the polarisation
term should vanish for neutrino energies below 10 MeV, owiahof the neutrino energy grid
allows for only 2—3 energy bins in that neutrino energy rangeus by suppressing the polari-
sation term in Eqn. A.16 at higher energies we can test if esults converge and whether the
number of neutrino energy bins is important for thieets of the polarisation term.

A.2.1. Results

As one can see in Fig. A.10 considering the additional pgdéion term has — as expected —
only minor influences on the collapse phase. ThEedénce in the deleptonisation of the core is
roughly 3% and the entropy rises by roughly 2%. As one cansdsdhis &ect is even weaker
in the models where the contribution of the polarisatiomtevas suppressed above neutrino
energies of 5 MeV (and with two energy bins below 5 MeV) andeiffiect saturates for a sup-
pression of the polarisation term for neutrino energiesrald® MeV (and 4 energy bins below
10 MeV) and 20 MeV, respectively. This implies that indeeel ¢hiect of the polarisation term
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is limited to neutrino energies below 10 MeV. As one can codelfrom Fig. A.10 (small) dif-
ferences show up at a central density of?gpcm?, shortly before neutrino trapping sets in. The
reason for this can be deduced from Fig. A.11, where the igpeteélectron neutrinos are shown
at the moment when a central density of2g)cmdis reached. Obviously, the polarisation term
tends to reduce the high energy flex & 13 MeV) and increases the number of neutrinos with
an energy of 10 MeV. Those leave by down scattering to lowerges the core, as explained in
the previous Section A.1, and thereby increase the entfaging the phase—space for higher
energetic neutrinos also allows for more electron capthéch together leads to the results in
Fig. A.10. Allin all, we conclude that the inclusion of thelasation term in core collapse
supernova simulations, has a smdlket on the deleptonisation and the neutrino spectra. How-
ever, this &ect is smaller than theffiect of correlated neutrino scattering on the ion—ion laftic
which was discussed in the previous Section A.1, and theretas not considered in previous
calculations. However, it is still an open question if thieet influences the neutrino spectra at
the time of shock breakout. If this is the cases, then it mighinteresting to consider thigect

in the prediction of the measurements of the burst signaéuinmo detectors. However, to an-
swer this question it is necessary, to evaluate the modeéishwvere presented here, to longer
times in the postbounce phase, which will be done in the ngard. However, theféect of the
polarisation term during the collapse phase is also muctientiaan the influence of dierent
nuclear equations of state, see Section 3.2. Since the f88S m the shock breakout, though
obvious in our simulations, is not measurable in currentnmeudetectors, see Kachelriel et al.
(2005), it is unlikely that the inclusion of the polarisatiterm in postbounce calculations will
lead to detectable fierences in measurements of supernova neutrinos.

A.3. Electron capture during stellar core collapse

In this Section we will discuss the importance of electropteees (EC) on heavy nuclei dur-
ing the collapse phase and the evolution after the shockdiom Electron captures play an
important role during the supernova evolution: On the onedhalectron captures reduce the
electron degeneracy pressure, thereby supporting thé ohgevitational instability and thus
influencing the collapse dynamics. On the other hand, ECuym®dthe neutrinos that store the
released gravitational binding energy and which are crdiciathe neutrino driven supernova
explosion. Thus, it is very important to use an accurate rg@sm for EC in core collapse
supernova simulations that describes not only the captureeps as accurate as possible but
also the spectral information of the emitted neutrinos.

Electron capture can occur in two ways in the stellar core:tl@none hand, electrons can
be captured by free (i.e. unbound protons), and on the otwed klectrons can be captured
by protons which are bound in nuclei. Since in a stellar ca&vi nuclei are some orders of
magnitude more abundant than free protons, EC on heavyirarelelespite the smaller rates
more important than EC on free protons.

Traditionally, supernova modellers use the EC descriptiddruenn (1985) (which goes back
to Fuller et al. 1982) that gives analytic expression fordhpture on free protons and heavy
nuclei. However, the major shortcoming in this descript@rEC on heavy nuclei is that —
according to the approximations used — it is suppressedparaava calculations as soon as
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the N=40 shell of the nuclei is reached, which roughly happens whercentral density in
the stellar core exceeds %@/cm?. This implies that throughout most of the collapse phase
the EC in core collapse simulations, which make use of therg®n of Bruenn (1985), is
un-physically dominated by captures on free protons.

Because of the complicated (shell)-structure of a nucléissa hard task to calculate in detail
the capture rate and Q-value of the reaction for a large det@fy nuclei. Only recently, Lan-
ganke & Martinez-Pinedo (2000, 2001) started to calculataileéd EC-rates on heavy nuclei.
Langanke and collaborators use the shell model Monte C&NBMC) (see Koonin et al. 1997)
supplemented with calculations based on the random phawsexamation for the transition
operators (see Langanke et al. 2003).

Only a few supernova modellers have sofar made use of thes&@erates (see Langanke
et al. 2003, Hix et al. 2003) (from here on LMSH-rates) but taitied analysis that results from
the change of the physical EC-rates has not yet been done.

It is well known that calculations with the standard degawip of EC on heavy nuclei of
Bruenn (1985) (from here on FFN-rates) anfetient initial stellar progenitors converge to a
“norm” collapse (see, e.g. Liebendorfer et al. 2002, Butaal.e2006a). This leads to only
small diferences in the evolution of fierent progenitors up to shock breakout (see Fig. 2 in
Liebendorfer et al. (2002) and Fig. 5 in Buras et al. (200&a)a detailed progenitor compari-
son).

This astonishing feature is explained by the fact that instiaedard description for EC the
electrons are solely captured on free protons above demsitiroughly 18'g/cm?® and the free
proton abundance is tightly coupled to the value of the macfraction. Thus the stronger the
EC on unbound protons reduces the electron fraction the therEC quenches itself, thereby
establishing a feedback cycle that drives the electrorifra¢owards a “norm” trajectory (for
an elaborate discussion the reader is referred to Lieb&rdéiral. 2002) .

In the following Sections it will be investigated how the &w@n of a core collapse supernova
simulation is changed if the physical influence of EC on heawglei is regarded during the
whole collapse phase. It will also be addressed whetherdheecgence to “norm”trajectories
and thus the similarity of the neutrino burst signal stilldsowhen this newly description of
electron captures is used. In Section A.3.1 we will first déscan implementation of EC on
heavy nuclei where the spectra of emitted neutrinos in destby a fit—formula, before we will
discuss in Section A.3.2 a more accurate description ofgketsal information of the emitted
neutrinos.

A.3.1. A spectral fit for electron captures

Before the results of the simulations with the newly avddadlectron capture of Langanke &
Martinez-Pinedo (2000, 2001) will be discussed, a shortrig®®on of the implementation of
these electron capture rates into thexxx/MuDBATH code is given.

The rate of change (modulo a factgc)lof the neutrino distribution function due to absorption
and emission processes is given (see Bruenn 1985)

Bag(e. 1) = J()[1 - f(e. )] = f(e. )/ A(e) , (A.21)
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where j denotes the emissivity antlis the mean free path for neutrino absorption arttie
neutrino energy. The factor @ f) accounts for fermion phase space blockifigets of neutri-
nos. Using the Kirchhi@-Planck relation (“detailed balance”), and introducing @ibsorption
opacity corrected for stimulated absorption,

Soj+ s, (A.22)

Egn. A.21 can be rewritten as
Bae(e. 1) = &a(e)[ F*(e) — f(e. )] - (A.23)

Here £ := (1 + exp B(e — 1y D]) 1 is the equilibrium value of the distribution functiof,:=
ke T, andu%is the equilibrium neutrino chemical potential.

Egn. A.23 is the important equation for the implementatibthe electron capture rates on
heavy nuclei: Using the form for the neutrino spectrum, saedanke et al. (2001),

N
1+expB(e—q—pe)]

with g being the “Q-value’ of the reaction and a consthinthat normalises the neutrino spec-
trum to unity,«; can be written asi(=c=11):

n(e) = €*(e — )? (A.24)

K = (4m) "t 2 R? Fe (A.25)
? fed(e) 1+ expBle—d-pe) =
with
. (e -0
Te = f ders expB(e — q — e) (A.20)
and the baryon number density
Ng = p/MBYH = p/MBXH/AH , (A.27)

wherep is the matter densityng the baryon mass, amly, Zy the mass and charge number of
the representative heavy nucleus. Note that thus Eqn. A.24 was written as

N = (47) tngROF 1. (A.28)

Here a few facts are worth to mention: first, Langanke & Ma&ziPinedo (2001) provide®™
andq in tabular form (see below). Second, in Eqn. A.25 a faaweappears that can kather
calculated according to Egn. A.27, with the representdimavy nucleus provided in tabular
form by Langanke & Martinez-Pinedo (2004) with the representative heavy nucleus of the
used Eo0S. Thus, one can “rescale” the EC-rates on heavyi tuthe particular E0S employed.

Langanke & Martinez-Pinedo (2001) provide the quanti®R& g, andYy tabulated as func-
tions of the density, temperaturel, and electron fractiorYe. Since the table is confined to
a strip in parameter space typical for core collapse canthti (see Fig. A.12), we employ the
following procedure:
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Figure A.12.: ao Trajectories of core collapse simulations in the electh@ttion-density
plane for diterent models. The grey shaded region indicates the rate ¢dibl
Langanke et al. b: The same as panel a, only in the density-temperature plane.

e with the fluid density, temperature, and electron fractiainterpolate the values &',
g, andYy in the table.

¢ Calculatex; according to Egn. A.25: if we “rescale” the rate with repreaéve heavy
nucleus of the EoSYy is replaced with the EoS-values.

o If, by chance, the physical conditions of a fluid cell do notirithe LMSH-table, the
description for electron captures on heavy nuclei of Brug®85) is used. For a smooth
transition both rates are interpolated linearly.

Justification As one can see in Fig. A.12 for a standard progenitors the H\EDle is chosen
such that trajectories of fluid cells lie well inside thisl@bTherefore only in minor parts of
the simulations the description of Bruenn (1985) beconfiesve as a source for EC on heavy
nuclei.

Figure A.14 shows that the properties of the representhiday nucleus as given by Lan-
ganke & Martinez-Pinedo (2001) and calculated by a sophisil NSE-solver of Hix et al.
(2003) is very similar to the one given by the L&S—Eo0S. Howelrg. A.14 also reveals, that
different EoSs can predictftkrent representative heavy nuclei. We have thus also pesfibr
calculations where in the rate evaluation of Eqn. A.25 tlpgasentative heavy nucleus of the
EoS was used. With these calculations we have tested in hatdalynamics of the simula-
tions is dfected by the factong in Eqn. A.25.

Thus, in this Section we investigate the importance of edectapture rates on heavy nuclei
with different progenitor models and two equations of state: on teehand we examine pro-
genitor variations and the féierence of the new LMSH-rates and the conventional desonipti
of FFN. On the other hand we investigate the importance optbperties of the representative
heavy nucleus on the electron capture rates. To this end eveftine use two dlierent EoS,
namely the L&S-E0S and the WBHEOS.
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Figure A.13.: a& The central electron fractiole as function of the central density for the
models without screeningfects (-Imsh) and with screeningfects (-simsh)
for a 15M, (thin lines) and 25M (thick lines) progenitor starb: The lepton
fraction Yjep for the same modelsc: The central entropy as function of the
central density.

The simulations discussed in the following were calculatedpherical symmetry and the
neutrino—matter interactions described in Chapter 2 wseel.uln order to take fierent stellar
progenitors into account, simulations were performed withl.2 M, progenitor of Woosley
et al. (2002) (see also Section 4.2), a 15 ptogenitor provided by Heger et al. (2001) (see
also Section 3.2), a 20 Mprogenitor (Woosley et al. 2002), and a 25 ldrogenitor star (Heger
etal. 2001) were used. Note that in the stellar evolutioawations of the progenitors of Heger
et al. (2001) already the electron capture rates of Langah&k were used.

In Table A.2 we summarise the models presented in this saghther with the used EoS and
the used progenitor model .

We start the discussion of the importance of EC on heavy nbglenentioning that the new
LMSH rates used in this Section include electron screenffeges, whereas in previous studies
of Langanke et al. (2003) and Hix et al. (2003) electron suregdtects were not included.
Electron screening tends to shield the nucleus and thugigalte reduces the Q—value of an
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Model Progenitor| EC-rates| Nuclei | EoS
s11-FFN s11.2 FFN EoS | L&S
s11-LMSH | sl11.2 LMSH LMSH | L&S
s11-o0LMSH | s11.2 LMSH LMSH | L&S
s11-sLMSH | s11.2 SLMSH | LMSH | L&S
s11-0sLMSH| s11.2 SLMSH | LMSH | L&S
s15-FFN s15a28 FFN EoS | L&S

s15-LMSH s15a28 LMSH LMSH | L&S
s15-0LMSH | s15a28 LMSH LMSH | L&S
$15-sLMSH | s15a28 SLMSH | LMSH | L&S
s15-0sLMSH| s15a28 SLMSH | LMSH | L&S
s15-LS(a) s15a28 SLMSH | LMSH | L&S
s15-LS(b) s15a28 SLMSH EoS | L&S
s15-W(a) s15a28 SLMSH | LMSH | Wolft
s15-W(b) sl5a28 sLMSH EoS | Wolff

s20-FFN s20 FEN EoS | L&S
s20-LMSH | s20 LMSH LMSH | L&S
s20-oLMSH | s20 LMSH LMSH | L&S
s20-sLMSH | s20 SLMSH | LMSH | L&S
$20-0sLMSH| s20 SLMSH | LMSH | L&S
s25-FFN s25a28 FEN EoS | L&S

s25-LMSH s25a28 LMSH LMSH | L&S
$25-0LMSH | s25a28 LMSH LMSH | L&S
s25-sLMSH | s25a28 SLMSH | LMSH | L&S
$25-0sLMSH| s25a28 SLMSH | LMSH | L&S

Table A.2.: Overview of all models presented in this paper. Togetheh \he progenitor
model we state the employed description of electron capates (FFN: Bruenn
description, LMSH: LMSH-rates without screening correns, and sLMSH:
LMSH-rates including screeningdfects), the used EoS, and information how the
representative heavy nucleus is determined (see the tedefails). Note that in
the models with sfiixes -oLMSH and -osLMSH only electron captures on heavy
nuclei were taken into account and electron capture on fueleons was switched
off.

electron capture reaction. To study the influence of thiescé we shall compare a set of simula-
tions that include (models with ffix “sLMSH") or neglect (models with stix “LMSH”) these
screening #ects and were calculated with a 15 Mnd 25 M, progenitor model. In Fig. A.13
we show the evolution of the central electron and leptortifsas, and the central entropy during
stellar core collapse. Electron screening has obvioushpsi no influence on the development
of the central electron and lepton fraction. Only for a siperiod of time minor dierences are
visible at early stages of the collapse. In calculation$uiiog screening féects, the central
entropy is slightly higher (roughly 0.0kz/Baryon) compared with calculations that neglect
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Model Progenitor| EC-rates| Factor
s15a28-0.9 sl5a28 | sLMSH | 0.9
s15a28-0.8 s1l5a28 | sLMSH 0.8
s15a28-0.7 s15a28 | sLMSH | 0.7

s$15-0LMSH-0.125] s15a28 | LMSH | 0.125
$15-0LMSH-0.25| s15a28 | LMSH 0.25
s$15-0LMSH-0.5 s15a28 | LMSH 0.5

Table A.3.: Overview of the test models. Stated is the used progeniterapplied electron
capture rate, and the factor by which the EC-rate was scalwd dith. Note that
this scaling was only performedgf> 10! g/cm?.

electron screeningfiects. Note that all results presented in the following wdrioed by
calculations including electron screenineets.

As already mentioned, the electron capture rates used isiutations were calculated such
that they have to be multiplied with the number fraction o tepresentative heavy nucleus
of the NSE-composition. Up to now for this number fractioe tlesults of the NSE-solver of
Hix et al. (2003) were used, which gives very similar nuclempared to the L&S—-Eo0S, see
Fig. A.14a. However, as was shown in Section 3.&edent E0Ss in core collapse simulations
do predict heavy nuclei that mayft#r significantly from each other. This can also be seen in
Fig. A.14a. Then, of course, the question arises whethefimdings with the LMSH-rates are
influenced by the choice of the particular nuclear EoS whinges the representative heavy
nucleus and thus the target for EC on nuclei. We have thusle#ttl a few collapse models with
different nuclear EoS and used their predictions of the heavigusito calculate the electron
capture on heavy nuclei, i.e. in the rates we replace the aufrdictions of nuclei as given by
Hix et al. (2003) with the number fraction of the used EoS,Bge. A.27. In particular we want
to stress here that the number fractigncontains the information of the mass numBegrof the
representative heavy nucleus. In the Figs. A.15a-b we shewolution of the central electron
and lepton fraction, and the central entropy during cobbagsd the electron luminosities and
rms-energies during the postbounce phase. As one can sakasrardly a dierence whether
the number fraction is taken from the EoS or from the NSEeyobf Hix et al. (2003). Figure
A.14b reveals the explanation for this: finding the numbaction of the representative heavy
nucleus that is predicted by the LMSH-table or the partic&aS do not dier by more than
10% and as one can infer from Fig. A.14a th&eatience in the properties of the representative
heavy nucleus only occur at densities above! gpcm?.

We have performed some test calculations where we havecalitifreduced the EC-rate on
heavy nuclei by 10%, 20%, and 30% if the density was largen tt@! g/cm?, (see Table
A.3.1). These calculations showed nearly identical reswtien compared with calculations
performed with the Wdl-EOS, see Fig. A.16.

Thus the particular choice of an EoS does not change our §jadas long as the variations
of the number fraction of the predicted representative heacleus are in the range of some
ten percent. All calculations presented in the followingj thius make use of the representative
heavy nucleus as given by the NSE-solver of Hix et al. (2003).
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Figure A.14.: a: The mass number and charge number of the representativg haaleus
that of the L&S-E0S and of the WHEOS, compared to the average mass and
charge number of the NSE nuclei considered for the LMSH rateutations.
Note that these values are obtained for the conditions aotygical collapse
trajectory of matter at the core centte. The ratio of the number fractions of
the representative heavy nucleus as given by the LMSH-tatiléhe respective
EoS as function of central density.

Next, we will discuss the results with regard to the variagiof the stellar progenitor models
(see Table. A.2). In Fig. A.17 we show exemplary for the 15dogenitor the evolution of
the central electron and lepton fraction and of the cenmaiogy, if the FFN-rates or the the
sLMSH-rates are used in the calculations. If electron e¢aptan nuclei are taken into account,
and this process is not (artificially) suppressed at dasslarger than 18 g/cm® — as it is
done in the FFN description — then the core delpetonisesgto Furthermore, since the Q—
values for EC on free protons and heavy nuclei affecént, electron capture on heavy nuclei
produces more neutrinos with lower energies than electamtuce on free protons. Thus, in
the FFN description, where EC on free protons is dominanafmiost all the collapse phase,
high energetic neutrinos are produced that leave the cod®lyn—scattering to lower energies
(cf. the discussion in Section A.1), thereby increasingahtopy. Since this process happens
not so frequently in the models with EC on heavy nuclei, thiogy in these models stays
generically lower. A more detailed impression of th&eliences in the models using the FFN
or LMSH rates can be obtained from Fig. A.18, where the sanaatifies as in Fig. A.17 are
shown, however, for more progenitor models.

Obviously, Figs. A.18a—b show the already mentioned ca@arare of the trajectories of the
central electron and lepton fraction in models with the FFSaliption: Although, the initial
values of the electron fraction and lepton fraction show @genitor dependent spread, the
final values show, as already explained, a much smaller ti@viaStrikingly, the trajectories
of models calculated with the SLMSH rates converge everebefthus, is it possibly that a
self-regulating mechanism, similar to the feedback cyatesfectron captures of protons, does
act during the collapse phase? If this is the case, than FidcAimmediately reveals that the
entropy can not be — unlike in the feedback mechanism with E@e® protons — integrated
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Figure A.15.: Comparison of collapse simulations for a 15 Mtar with the EoSs of Lattimer

& Swesty (L&S) and of Wolf (W) for the electron capture rates on nuclei cal-
culated (a) with the nuclei abundance as given by the emgl&aS and (b)
with the abundance of heavy nuclei as provided by a NSE-so&eThe en-
tropy, and electron and lepton fractidfa, Yiep as functions of central density.

b: The rms energy and luminosity of electron neutrinos as fanaif time for

an observer at rest located at 400 km. Note that the collaftbe stellar core
takes more time with the WEBtEo0S and therefore the shock breakout happens
at a later time than in the models with the L&S-Eo0S. Time is suead from the
beginning of the simulations.

0.5 - - - - - Figure A.16.: The electron and lepton
fraction as functions of the
0.4¢ E central density for models
s15a28-W(b), s15a28-0.9,
g 03F E s15a28-0.8, and sl15a28-
;3 __ s15-W(b) 0.7. Note, that in the latter
02 s%gggg-g.g E three models the EC-rate
---S s on heavy nuclei was ar-
01f ---S15228:0.7 3 tificially reduced by 10%,
0.0 . . . . . 20%, and 30%, respec-
10° 10° 10" 102 10 10%* 10% tively, if the denSity was
plg/em?] larger than 18 g/cn.

in this potential cycle, since the entropies dot converge. In order to test a hypothetical
feedback mechanism working on the electron capture rategavy nuclei, we have calculated
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Figure A.17.: ao The central lepton and electron fraction for the modelsBEBl and s15-
sLMSH. This model is taken as an example for all other modéls ehifferent
progenitor stars where similarftérences between the FFN and LMSH-rates
are foundb: The central entropy for the same model.

some — unphysical — test models, where only electron capiareeavy nuclei according

to the description of Langanke et al. was considered andretecapture on free protons was
completely switchedfd. In the following these models will be denoted “osLMSH”oiLMSH”
depending on whether screeningieets were taken into account or not. From the convergence
of the electron and lepton fraction of these models, see RFigs88a—b, one concludes that the
convergence sets in before a central density of roughly2ix 10 g/cm? is reached. Indeed
Fig. A.19 shows that the total (i.e. EC on free protons andeiuneutrino production rates

in models with LMSH rates are filerent below a density of 4 2 x 10 g/cm® and at larger
densities the rates become very similar.

As Fig. A.19b shows the electron capture rates on heavy inaidesery similar for all diter-
ent models, which suggests that the similar deleptonisgtiespite dierent initial values) is
caused by some complex behaviour in our models. A possibfdamestablish a same delepton-
isation of the core, with similar capture rates bufefient initial values of the electron fraction,
is that the collapse timescale changes such that the sameedgigdeleptonisation is reached.
We have thus analysed for all our models, whether a consistemection between the collapse
timescale and the electron capture rate exists. Howevesefigeral models a slower collapse
does not imply less electron captures, which renders a tialegontrolled regulation model
impossible, see Table A.3.1. Electron captures on nadteie (i.e. when electron captures on
free protons are switchedfovhich is indicated by an “0” in the model name) do not produce
a convergence of the final values of the electron fractionis Tan be clearly seen in Table
A.3.1 by a comparison of the models s15-0LMSH, s25-0LMSH tuets s15-0SLMSH, and
s$25-0SLMSH. Furthermore, the models s15-0LMSH-0.5, 419H-0.25, and s15-0LMSH-
0.125 with artificially reduced rates compared to model slLB}SH do also not converge. This
clearly demonstrates that electron captures on heavyirdecteot produce a convergence of the
collapse trajectories. Realistic calculations that idelelectron captures on free protons, on
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Figure A.18.: a The central electron fraction for fiierent progenitor models andfidirent
implementations of EC rates. In the modelsfisied with “FFN” EC on free
protons and on heavy nuclei was implemented according terBr(1985). The
model names “sLMSH?” indicate that the conventional EC o fopeotons was
used and for EC on heavy nuclei the (screened) descriptidranfjanke &
Martinez-Pinedo (2001) was used. The models “osLMSH” aedases where
only EC capture on heavy nuclei according to Langanke & Ma#iPinedo
(2001) was considered and EC on free protons was switcfield: drhe central
lepton fraction for these models: The centraimatterentropy for these mod-
els. Note that in models “osLMSH” at a density of'8§/cm® no neutrinos
are produced anymore (due to the “border” of the LMSH-tahle) neutrinos
are only redistributed by scattering. This transfers madtgropy in neutrino
entropy.

the other hand, tend to converge, since the feedback mechd(Bruenn & Mezzacappa 1997)
for electron captures on free protons does work. Howevéhngiditerence in the values of the
electron and lepton fraction is too large, either becaudbeofnitial values (like in case of the
25M,, progenitor model) or if during the early stages of the calthe electron fraction dif-
ferences first grow compared to the initial state (like inecasthe FFN-models, see Fig. A.18)
then also the feedback mechanism for electron captureg®fdffrotons is not able to achieve a
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Figure A.19.: The rates of produced neutrinos for the central zone for thdeis with the
description of EC on heavy nuclei according to Langanke .etaal The total
rate (i.e. for EC on free protons and heavy nuckei.The contribution of EC
on heavy nuclei to the rate from panel @. The free proton contributiond:
The mean energy of produced electron neutrinos that areipeatby the rates
of panel a.

full convergence.

Finally, the progenitor dierences in supernova calculations with the new electroturap
rates of Langanke et al. are shown in Figs. A.20, A.21 and AT22 moment of shock forma-
tion (as defined by Bruenn & Mezzacappa 1997) is shown in FIgOAA lower value of the
lepton fractionYep in the models with the SLMSH rates (see Fig. A.18b) implie® & smaller
core and a shock formation at smaller radii (or smaller massdinates), which is consistent
with Fig. A.20. Though, these changes are not dramatic theg@mparable to the changes of
in the shock formation point resulting fromfiirent nuclear EoS, see Section 3.2. Note, that
in the models calculated with the electron capture ratesaoignke et al. the shocks form at
the same mass coordinate due to the fact that the trajectfribe electron and lepton fraction
converge during the collapse phase, see Fig. A.21. As exqulahowever, it seems likely that
this convergence is poorly coincidence due to rather sinpitagenitor properties, where the
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model At[ms] R™[1/by/s] RE™[L/by/s] AYiep Y™ Yigpmd

s15-0SLMSH 18.87 5.51 15.65 0.091 0.437 0.2['5
s15-0LMSH 17.11 5.38 24.58 0.079 0.437 0.283
s15-sL MSH 15.37 6.24 17.88 0.081 0.437 0.288
s15-LMSH 15.08 5.98 27.58 0.077 0.437 0.287
s$25-0SLMSH 15.94 7.07 20.02 0.099 0.444 0.2[72
s25-o0LMSH 14.13 6.36 29.71 0.077 0.444 0.281
s25-sLMSH 13.60 6.78 20.51 0.077 0.444 0.286
s25-LMSH 13.21 6.45 30.44 0.071 0.444 0.286
s15-0LMSH-0.125 19.89 5.84 8.80 0.095 0.437 0.301
s$15-0LMSH-0.25 19.05 5.69 11.20 0.091 0.437 0.297
s15-0LMSH-0.5 17.77 5.57 16.31 0.084 0.437 0.2B7
s15-0LMSH 17.11 5.38 24.58 0.079 0.437 0.283
s11-osLMSH 22.76 4.56 12.59 0.091 0.426 0.2[78
s15-osLMSH 18.87 5.51 15.65 0.091 0.437 0.2['5
s20-0osLMSH 19.64 5.28 14.78 0.091 0.435 0.2[r7
s25-0sLMSH 15.94 7.07 20.02 0.099 0.444 0.2[72
s11-sLMSH 19.63 5.02 14.04 0.084 0.426 0.289
s15-sLMSH 15.37 6.24 17.88 0.081 0.437 0.289
s20-sLMSH 16.18 6.03 16.98 0.081 0.435 0.289
s25-sLMSH 13.60 6.78 20.51 0.077 0.444 0.286
s11-FFN 19.65 4.60 6.60 0.068 0.426 0.321
s15-FFN 16.21 4.79 7.34 0.057 0.437 0.318
s20-FFN 17.38 4.63 6.87 0.059 0.435 0.320
s25-FFN 14.57 5.03 8.59 0.053 0.444 0.314

Table A.4.: Overview over all models. Tabulated is the titaéfor the collapse between a cen-
tral density of 1&*g/cn?® to a central density of #8g/cn?®. R™tis the time av-
eraged net-rate (neutrino emission and absorption) ferdénsity range, whereas
Re™ js the time-averaged neutrino emission rate.. Also giventiae change of
Yiep in this density range, the value ¥ at the beginning of the simulation, and
the value ofYe, after trapping.

initial values of the electron fraction are such that elattcapture on free protons achieves a
convergence. Figure A.22 depicts the evolution of the lusilly of electron neutrinos and of
their rms energy. The variations in the neutrino luminesitand neutrino energies clearly be-
come larger, and progenitorfiirences become more important at later times of the supgernov
evolution.

We conclude the discussion of this Section by summarisiag tthough the production of
neutrinos by electron captures during the whole core cedlagupernova evolution is of large
importance, the results of simulations whiclifeli in the description of electron captures are
only small. Even changing the physical picture by switchiram collapse simulations that
are dominated by electron capture on free protons to calapsulations where electron cap-
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Figure A.21.: & The central electron fractiort and lepton fractiorY,ep as function of central
density for four diferent progenitors modelb: The central entropy as function
of central density.

tures on heavy nuclei are dominant, changes the resultseddithulations only little. Thus
further changes of the electron capture rates on nucldh, asithe inclusion of screeningfects
or different nuclear compositions, have also only smfta on the result of the supernova
evolution. Furthermore, we do not find any feedback mechamsolving only electron cap-
tures on heavy nuclei that acts in producing a convergenteeatentral electron fractions and
lepton fractions. We rather find that the convergence we seeresult of the similar initial
states of the dierent progenitor models and of the well known convergencehar@sm (see,
e.g. Bruenn & Mezzacappa 1997) for electron captures onpire®ns. Thus, it is extremely
likely that with different progenitor models (where the initial electron fi@etprofiles deviate
more strongly) the discussed convergence of the collapgectories and of the neutrino burst
signals (Liebendorfer et al. 2002, Buras et al. 2006a) visthpdpear.
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Figure A.22.: & The luminosity of electron neutrinos as a function of tiroedll models that
were calculated with SLMSH-rates. Note that time is norsalito the moment
of shock formation.b: The rms-energy of electron neutrinos as a function of
time.

A.3.2. Considering real spectra

In the previous Section we have discussed the importancevdf/rimproved electron captures
on heavy nuclei during stellar core collapse and the posit®evolution. However, these
rates still used a simple form of the spectrum of emitted nees (remember Eqn. A.24). As
Sampaio (2003) pointed out the spectral fit from Eqgn. A.2%bigceably narrower than the real
data obtained from shell calculation of the nuclei, sin@gpectral fit does only consider the
transition from a definite state in the parent nucleus to anlefstate in the daughter nucleus.
However, a real spectrum is a superposition of several igpetdifferent nuclei with dterent
excitation energies. In order to take theskeets into account Sampaio (2003) gives a new
Gaussian parametrisation for the spectra, which reads:

Ex—£0\?

X
n(e) = f e - + Ex)?S N
0

———dEx , (A.29)
Avr l+e EBTEX

whereq’ is the new fitting parameter to the average neutrino endygis a normalisation
constant ancE?( = 2.5 MeV. Note, that in this notation it is suppressed that thétkvof the
distribution A is a function of temperaturé and that good agreement with the NSE-average
spectra is obtained with

A=2/3+(50/9)ksT . (A.30)

Note also that foA ~ 0 the parametrisation reduces to the fit of Eqn. A.24. In Fig3A
a comparison of the spectral fit of Eqn. A.24 (denoted froneber’old spectral fit") and of
Egn. A.3.2 (denoted from hereon "new spectral fit) is shown.

Langanke and collaborators kindly provided us with a simitdle of electron captures for
core collapse supernovae as described in Section A.3.laduitionally this new table also
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Model Progenitor| EC-rates| Nuclei | Eo0S
s11-SLMSH s11.2 OLD LMS | L&S
s11-SPEC s11.2 NEW LMS | L&S
s15-SLMSH s15a28 OLD LMS | L&S
s15-SPEC s15a28 NEW LMS | L&S

s15-SPEC-EoS | s15a28 NEW L&S L&S
s15-SPEC-E0S-W s15a28 NEW Wolff | Wolff

s20-SLMSH s20 OLD LMS | L&S
s20-SPEC s20 NEW LMS | L&S
S25-SLMSH s25a28 OLD LMS | L&S
s25-SPEC s25a28 NEW LMS | L&S

s25-SPEC-EoS | s25a28 NEW L&S | L&S

Table A.5.: Overview of all models calculated for the following disciass Together with the
progenitor model (cf. Section A.3.1) we state whether tHd $pectral fit” or the
“new spectral fit” was used. Furthermore, the used EoS isdtand information
how the representative heavy nucleus (cf. the discussi@ention A.3.1) was
evaluated.

contains the numerically integrated specife) from Eqn. A.3.2. In principle this table is iden-
tical to the one already described in Section A.3.1, ancetbez the numerical implementation
is straight forward. This table allows us to treat electraptare on heavy nuclei in a very
accurate form and allows us to consider realistic specttheoémitted neutrinos.

In order to test the influence of this new spectral infornratiee have again calculated a series
of core collapse and postbounce evolution models with tévg spectral treatment. In order to
make a comparison as easy as possible, we have orientateldadcs of models on the previous
study of electron capture in core collapse supernova siinoBwhich were discussed in the
previous Section. This means that we have used the sameahgsiscription (except for the
spectral treatment) as the models with the LMSH-rates dimliin Section A.3.1. The models
which were calculated for this discussion are summarisetalsie A.5. Again, as indicated
in Table A.5, we either used the number fraction of the regregtive heavy nucleus as given
by the LMS-table or as given by the used EoS. As already exgadhin Section A.3.1, this
different treatment was done in order to test the influence okauclompositions éerences
on the electron captures. However, since usitfecent number fractions of heavy nuclei does
not lead to diferent results (cf. the discussion in Section A.3.1), we inillhe following not
discuss these models.

In Fig. A.24 we show for the collapse phase the trajectorfehe central electron fraction
and central lepton fraction for some models with the old aea Bpectral fit. As expected the
spectral treatment has no influence of the deleptonisatidheocore and the trajectories for
one progenitor model practically lie on top of each otherteNibat the small dierences one
nevertheless observes are not a result from the new spgeatthent: using the same new table
of rates, however, with the old spectral treatment leadbeécsame small changes. However,
comparing the new spectral treatment with the the old sglfdton calculations which both use
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Figure A.23.: Solid lines: Spectra of emitted neutrinos produced by sdectaptures on
heavy nuclei. These results were obtained from shell catlicuis by Langanke
& Martinez-Pinedo (2000, 2001). The dashed lines reprasgmesentations
of the spectra obtained from Eqgn. A.3.2. The dashed-ddatted tepresent the
spectral fit used in the previous Section A.3.1. Note tha phot was kindly
provided by Sampaio (2003) and corresponds to Fig. 6.9 itheisis.

the new rates table, one discovers that these sntidreinces dissappear. Thus, th&etences
we discuss here are related to the rates tables and estemnslightly different grid points of
both tables, which lead by slightly féierent interpolation during the calculation to these small
changes. Trajectories of the central entropy for the modedsshown in Fig. A.25. Here it
is clearly visible that during the first phase of the collapise new spectral treatment slightly
increases the entropy stronger than the old spectral fit ddes leads than also to the slightly
higher entropies of the models with the new spectral fit aktiek of the stellar collapse.

This efect is caused by the slightly higher emission of neutrindbérenergy range above 15
MeV in the early phase of the collapse, see Fig. A.26, for rwtiat are calculated with the
new spectral treatment. These neutrinos are than dowressato lower energies which causes
a rise of the entropy in the models with the new spectral imeat. This &ect is identical
to the rising of entropy in some of the models discussed ini@ecA.1 and A.3.1. At later
times, around the time when trapping sets in, tiifect disappears, see Fig. A.27. However,
since shortly afterwards trapping conditions set in, tleaaly reached entropyftirence stay
behind.

We finish this discussion by stating, that the details of {hectal treatment have only little
influence on the results of our simulations of the collapsasph However, it is still unclear to
what extend the new spectral treatment of the electron pegptun heavy nuclei may influence
the neutrino emission at later stages after the shock famawhich will have to be addressed

by future studies.
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Figure A.24.: The electron fractiofY, and the lepton fractioiep as function of central den-
sity for models that were calculated with the old spectrariil the new onea:
for the models calculated from a 11.2Mnd 15M, progenitor starb: for the
models calculated from a 20jvand 25M, progenitor star.
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Figure A.25.: The entropy as function of central density for the same nwdgin Fig. A.24.
a: for the models calculated from a 11.2Mnd 15M, progenitor star.b: for
the models calculated from a 2QNand 25M, progenitor star.
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Figure A.26.: a The energy source term for neutrino—electron scattetitigpsstellar centre in
the collapse models using the old spectral fit. The plot shtbesnoment when
the central density reaches a value of 30'°g/cm®. Positive values indicate
that neutrinos are “absorbed” (net scattering out of theesponding energy
bin), and negative values indicate that neutrinos are ‘tenfiit(net scattering
into the corresponding energy bit). The diference of the energy source term
for different models. Calculated is for each progenitor tlitetBnce between
the models “SLMSH” and “SPEC".
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Figure A.27.: a: The energy source term for neutrino—electron scatteririgeastellar centre
in the collapse models using the old spectral fit. The plotshshortly before
neutrino trapping sets in, the moment when the central teresaiches a value
of 10*?g/cm?. Positive values indicate that neutrinos are “absorbeelt $nat-
tering out of the corresponding energy bin), and negativeegindicate that
neutrinos are “emitted” (net scattering into the corresfiog energy bin).b:
The diference of the energy source term foffeient models. Calculated is for
each progenitor the flerence between the models “SLMSH” and “SPEC”".
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Figure A.28.: The neutrino spectra for the central zone at the moment whenden-
sity reaches a value of bg/cm®. a: For the models calculated from a
11.2M, and 15M, progenitor star. b: For the models calculated from a
20M, and 25M, progenitor star.
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Figure A.29.: The neutrino spectra for the central zone shortly beforerimeutrapping sets

in when the density reaches a value ot4gycm?®. a: For the models calculated

from a 11.2M, and 15M, progenitor starb: For the models calculated from a
20M, and 25M, progenitor star.
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A general relativistic potential

This Section is a discussibof the approximations that were included into thexktx/MuDBAaTH
code in order to include general relativistitexts. The necessity to include general relativity or
appropriate approximations to general relativity in nuicercodes that one uses to study core
collapse supernovae can be easily summarised:

It is a well known fact that gravity plays an important roleidg all stages of a core collapse
supernova. Gravity is the driving force that at the end ofliteeof massive stars overcomes
the pressure forces and causes the collapse of the steflar Earthermore, the subsequent
supernova explosion results from the fact that various gsses tap the enormous amount of
gravitational binding energy released during the formrmatib the proto-neutron star. General
relativistic éfects are important for this process and cannot be negletigakintitative models
because of the increasing compactness of the proto-nesizan

Recently Liebendorfer et al. (2005) performed a comparifahe results obtained with the
supernova simulation codesenex and AciLe-BorrzTran which both solve the Boltzmann
transport equation for neutrinos. Therfex code (see Rampp & Janka 2002) is based on
the Newtonian hydrodynamics coded®erreus (Fryxell et al. 1989) and utilises a generalised
potential to approximate relativistic gravity. Thewe-BorrzTran code of the Oak Ridge-Basel
group (Liebendorfer et al. 2001, 2002, 2004, 2005) is a frdhativistic (1D) hydrodynamics
code. The comparison showed that both codes produce dalifavery similar results ex-
cept for some small (but growing) quantitativefdiences occurring in the late post-bounce
evolution. Inspired by this comparison we explored improeats of the fective relativistic
potential used by Rampp & Janka (2002) in order to achievevan better agreement than
that reported by Liebendorfer et al. (2005). To this end veetd diferent variants of ap-
proximations to relativistic gravity which we will discugs this Section. The results of these
calculations performed with flerent é€fective relativistic potentials are compared with those

1This work was done in collaboration with H. Dimmelmeier anaswpublished in Marek et al. (2006).
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obtained with the general relativisticcAe-BorrzTran code of the Oak Ridge-Basel group (cf.
Liebendorfer et al. 2005). Since this thesis is focused enitkestigation of core collapse
supernovae with the détex/MuDBATH code, the numerical results of Dimmelmeier, the col-
laborator to this study, will not be discussed. However, ititerested reader can find more
details in Marek et al. (2006).

Note that throughout this Section, we use geometrised wuititsc = G = 1.

B.1. Effective relativistic potential

Approximating the #&ects of general relativistic gravity in a Newtonian hydrodgnics code
may be attempted by using afiective relativistic gravitational potentidles which mimics the
deeper gravitational well of the relativistic case. In thidwing Subsections B.1.1 and B.1.2,
several of thesefkective relativistic potentials will be discussed.

B.1.1. TOV potential for a self-gravitating fluid

For a self-gravitating fluid it is desirable that affieetive relativistic potential reproduces the so-
lution of hydrostatic equilibrium according to the Tolm&ppenheimer—\Volkid (TOV) equa-
tion. With this requirement in mind and comparing the reiatic equation of motion (cf. van
Riper 1978, Baron et al. 1989) with its Newtonian analogoamigp & Janka (2002) rearranged
the relativistic terms into anfiective relativistic potential (see Kippenhahn & Weiger®Q9for
the hydrostatic, neutrino-less case).

Thus for spherically symmetric simulations using a Newaarfiydrodynamics code the idea
is to replace the Newtonian gravitational potential

CI)(r)——47rf dr'r 'er o (B.1)
by the TOV potential
< dr’
Drov(r) = —47rf = (WZOV +r3(P + pv))
r
1(p+e+P
= |— B.2
XFZ( p ) (:2)

to obtain the fective relativistic potentiabes as
SOgr = Oroy. (B.3)

Herep is the rest-mass densitg,= pe is the internal energy density withbeing the specific
internal energy, an® is the gas pressure. The TOV mass is given by

Mrov(r) = 47rf dr'r '2 p te+E+ ?F) (B.4)

wherep,, E, andF are the neutrino pressure, the neutrino energy densitythenukeutrino flux,
respectively (Baron et al. 1989, Rampp & Janka 2002).
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B.1.2 Modifications of the TOV potential

The fluid velocitywv is identified with the local radial velocity calculated byethewtonian
code and the metric functidnis given by

2
r= ,/1+02—@. (B.5)

The velocity-dependent terms were added for a closer maitbhilve general relativistic form
of the equation of motion (van Riper 1978, Baron et al. 1989)he treatment of neutrino trans-
port general relativistic redshift and time dilatioffexts are included, but for reasons of con-
sistency with the Newtonian hydrodynamics part of the cheadistinction between coordinate
and proper radius is ignored in the relativistic transpouations (for details, see Sect. 3.7.2
of Rampp & Janka 2002). The quality of this approach was &soed by a comparison with
fully relativistic calculations (Rampp & Janka 2002, Lielérfer et al. 2005).

In order to calculate thefkective relativistic potential for multi-dimensional flomge substi-
tute the “spherical contributior®(r) to the multi-dimensional Newtonian gravitational poteht

o(r, 6, ) = —fdr’d@’ dg’ "2 sing —2— (B.6)
v Ir—r’|
by the TOV potentiabroy:
D = (I)—(T) +(T)TOV- (B7)

Hered(r) and®roy are calculated according to Egs. (B.1) and (B.2), respalgtinowever
with the hydrodynamic quantitigs e, P, v and the neutrino quantitids, F, p, being replaced
by their corresponding angularly averaged values. Notevthare refers to the radial compo-
nent of the velocity, only.

B.1.2. Modifications of the TOV potential

In a recent comparison Liebendorfer et al. (2005) found ginatity as described by the TOV
potential in Eqn. (B.3) overrates the relativistiteets, because in combination with Newtonian
kinematics it tends to overestimate the infall velocitiesl &0 underestimate the flow inertia in
the pre-shock region. Thus, supposedly via the nonlineperience ofb on e and P the
compactness of the proto-neutron star is overestimatdd, this tendency increasing at later
times after core bounce. Consequently, the neutrino lusitiss and the mean energies of the
emitted neutrinos are larger than in the correspondingivisiac simulation.

In order to reduce these discrepancies — without sacrifittingsimplicity of Newtonian dy-
namics — we tested several modifications of the TOV potentigk. (B.2), which all act to
weaken it. In particular, we studied the following variaid

Case A:In the integrand of Eqn. (B.4) a factby Eqn. (B.5) is added. Sindé< 1 this reduces
the gravitational TOV mass used in the potential.

°Note, all of the cases listed here were tested in Marek e2@0) with the @CoNuT code of Dimmelmeier et al.
(2002, 2005). Only, the most promising cases were also imgiéed in the numerically much more expensive
VERrTEX code.
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Case B:In Egn. (B.4) the internal gas energy density and the neutenms are set to zero,
e = E = F = 0, which again decreases the gravitational TOV mass.

Case C:In Egn. (B.2) the internal gas energy is set to zere, 0, which directly weakens the
TOV potential.

Case D: In the equation for the TOV potential, Eqn. (B.B)ov is replaced by}(mrov +my).
Here a Newtonian gravitational mass is definedgs= m. — my with the rest mass
m = 4rn for dr’ r’>p and the mass equivalent of the binding enargy= 27| for dr’ r"?p @|.
As my < mrov, the strength of the potential is reduced.

Case E: Both in the equation for the TOV potential, Eqn. (B.2), and dguation for the TOV
mass, Eqgn. (B.4), we set= 0.

Case F: In the equation for the TOV potential, Eqn. (B.2), we Bet 1. AsT" < 1 otherwise,
this weakens the potential.

Case G: In the expression foF, Eqn. (B.5), the velocity is set to zero,= 0. Hence,I'2
increases in Eqn. (B.2). This modification is used to alsbagstential which is even
stronger than the unmodified TOV potential.

In addition to these cases with a modified version of the TOwemial, we use the following
notations:

Case N: This denotes the purely Newtonian runs with “regular” Newiam potential.
Case R:This is the “reference” case with the TOV potential as defimg@&qgn. (B.2).

Case GR:This case refers to fully relativistic simulations with tAeiLe-BorrzTran neutrino
radiation-hydrodynamics code of the Oak Ridge-Basel bolation.

Note that setting the internal energy densitg zero in Case B is unambiguous when a simple
EoS is used and the particle rest masses are conserved. drajdrowever, particles can be
created and destroyed, or bound states can be formed ¢ejgiriannihilation processes or
nuclear reactions, respectively). Then only the sum ofésemass energy and internal energy
per nucleon — both appear in Egs. (B.2, B.4) only combinedimfof the “relativistic energy”
per unit of mass,d + €)/p — is well defined, but not the individual parts. Therefore¢hexists
ambiguity with respect to which contribution to the energysét to zero. In order to assess a
possible sensitivity of the core collapse results to thibigonty, we tried two diferent variants
of Case B in our ¥rtex simulations with microphysical EoS. On the one hand we &sedE =
F = 0in Egn. (B.4), withe being the internal energy density plus an energy normadisgiven
by the EoS of Lattimer & Swesty (1998 = (o+€)—p (mMh—A)/m, (Wheremy, = 1.66x1072% giis
the atomic mass uniin, the neutron rest mass, and= 8.8MeV). On the other hand we tested
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e = E = F = 0 with & being€ without this energy normalisation, i.€. = (o + €) — p my/m,.
Nucleons are then assumed to contribute to the TOV mass, (Baf), with the vacuum rest
mass of the neutron, increasing the mass integral and regilicEqn. (B.5), relative to the first
case, thus making thefective relativistic potential a bit stronger again. In artlecompensate
for this we also sep, = 0 in the TOV potential, Eqn. (B.2). Both variants are foundield
extremely similar results and we therefore will discussyame of them (the first variant) as
Case B for the ¥rTEX Simulations.

Ideally, a Newtonian simulation with arffective relativistic potential not only yields a solu-
tion of the TOV structure equations for an equilibrium ste does Case R), but in addition
closely reproduces the results from a relativistic simafa{Case GR) during a dynamic evolu-
tion. Applying the modifications of the TOV potential listatiove, we find that Cases A to D
yield improved results as compared to Case R, while CasesEeither weaken the potential
too much or are very close to Case R.

B.1.3. Theoretical motivation

There are (at least) two basic requirements which appe@abisfor an &ective relativistic
potential in a Newtonian simulation. Firstly, the far fielohit of the fully relativistic treatment
should be approximated reasonably well in order to folloes ling-term accretion of the neu-
tron star and the associated growth of its baryonic masorsigg the hydrostatic structure of
the neutron star should well fit the solution of the TOV equai

A closer consideration of the first point suggests the matli®ective relativistic potential
of Case A as promising, and in fact it turns out to be the mostepable choice concerning
consistency and quality of the results. The other casexsllist Sect. B.1.2 are mostly ad hoc
modifications of the original féective relativistic potential of Egs. (B.2)-(B.4) (CaseWjh
the aim to reduce its strength, which was found to overes#irtiee éfects of gravity compared
to fully relativistic simulations in previous work (Liebdarfer et al. 2005). These cases are
also discussed here for reasons of comparison and comggsten

In Egn. (B.4) the hydrodynamic quantities (like rest-masagityp plus extra terms) are in-
tegrated over volume. In the Newtonian treatment there idisiinction between coordinate
volume and local proper volume. Performing the integral ghE(B.4) therefore leads to a
mass — used as the mass which produces the gravitationaitipbia Eqgs. (B.2) and (B.3) —
which islarger than the baryonic masey, = 47rfdr’ r'“p. In particular, it is also larger than
the gravitational mass in a consistent relativistic tresttmwhich is the volume integral of the
total energy density and includes the negative gravitatipntential energy of the compact ob-
ject. The latter reduces the gravitational mass relatiteadaryonic mass by the gravitational
binding energy of the star (see, e.g., Shapiro & Teukolsi8319age 125 for a corresponding
discussion). Therefore, théfective relativistic potential introduced by Rampp & JanRad?2)
[our Case R, Egs. (B.2—-B.4)] cannot properly reproducedhédld limit of the relativistic case
and thus overestimates thffexts of gravity. This particularly applies to the infall geities of
the stellar gas ahead of the supernova shock, as shown iaridéifer et al. (2005).

Introducing an extra factdr in the integral of Eqn. (B.4) for the TOV mass is motivated g t
following considerations (where for reasons of simpli@gntributions from neutrinos, though
important, are neglected and spherical symmetry is assunethe relativistic treatment the
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total (gravitating) mass of the star is given as

My = 47 j(;wdr’ 2o + ), (B.8)
where &/’ = 4zdr’ r’? is the coordinate volume element, whereas the baryonic imass

my = 47 f:odr’ r’r2p, (B.9)

with dV” = 4rdr’r’’I'-? being the local proper volume element. The fadtot > 1 in the
integrand ofm, thus ensures that, > my. The integral formy can also be written as

my =47rfoodr’ r'2£(p+e) = food(V’I“(p+e). (B.10)
0 0

Since in Newtonian hydrodynamics no distinction is madeveen coordinate and proper vol-
umes, one may identify¥” = dV’, consistent with the rest of our Newtonian code. This leaves
the additional factof” in the integrand of Eqn. (B.10), leading to a redefined TOV snased

for computing the #ective relativistic potential in Case A,

_ f F
Mrov(r) = 47rf dr’ r2r (p +e+E+ v?) (B.11)
0

The fact that a factoF~ in the volume integral establishes the relation betweenitgtang
mass, Egn. (B.8), and baryonic mass, Eqn. (B.9), in theiviltit case suggests that the factor
I' < 1in Egn. (B.11) might lead to a suitable reduction of the esgmated fective potential
that results when the original TOV mass of Eqn. (B.4) is usdfgs. (B.2) and (B.5). Indeed, a
comparison of the integral of Egn. (B.11) for langevith the rest-mass energy of a neutron star
reduced by its binding energy at tihécomputed from the emitted neutrino ener@dt’ L,(t")
with L, being the neutrino luminosity) reveals very good agreement

The arguments given above only provide a heuristic justifioafor the manipulation of the
TQOV potential proposed in Case A. A deeper theoretical wstdrding and more rigorous ana-
lytical analysis of its consequences and implications itagdy desirable, but beyond the scope
of the present discussion in this thesis. We plan to retuthisoquestion in future work.

In order to compare the results — obtained with the\x code — presented here with those
of the calculations of Liebendorfer et al. (2005) we usedstime set of neutrino interaction
rates as picked for Model G15 in Liebenddrfer et al. (2008 exactly the same parameters
for the numerical setup (e.g., the grids for hydrodynamias meutrino transport). Information
about this setup can be found in Liebendorfer et al. (2006 imitial model for our calculations
is the 18Vl progenitor model “s15s7b2” from Woosley & Weaver (1995).

Since — as already mentioned above — solving the neutrimsp@rt problem is computa-
tionally quite expensive we performed calculations only @ases A, B, and F (as defined in
Sect. B.1.2) with the ¥krex cod€. The quality of these results is then compared to the fully
relativistic treatment of the é&we-BorrzTran code.

3All other cases are discussed in greater detail in Marek ¢2606).
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B.1.4. Hydrodynamics and implementation of the effective r elativistic
potential

The implementation of anfiective relativistic gravitational potential or of affective rela-
tivistic gravitational force as its derivative into exiggi Newtonian hydrodynamics codes is
straightforward and does notftér from the use of the Newtonian potential or force.

The equations solved by the code used for our simulationsleseribed in much detail in
previous publications (see, e.g., Rampp & Janka 2002, M&lBteinmetz 1995,and references
therein). The implementation of the source terms of theigronal potential as discussed in
Muller & Steinmetz (1995) is also applied for the handlingla# efective relativistic potentials
investigated in this work. The only specific feature herehis tnutual dependence bfand
Mrov, Which is either accounted for by a rapidly converging itieraor by takingl” from the
old time step in the update a@fiyoy, when the changes during the time steps af&csently
small.

Since the actual form of the gravitational source term ieogied in the conservation laws
of fluid dynamics, the Newtonian potential can be replacethbygtective relativistic potentials
investigated in the current work in a technically straightfard way. Solving an equation for
the internal plus kinetic energy (as in our codes) requiresament of the gravity source term
in this equation that is consistent with its implementaiiothe equation of momentum.

Of course, the ffective potential must be investigated concerning its cpumseces for the
conservation of momentum and energy. Since a potentialtremtsd according to Egs. (B.2,
B.4) does not satisfy the Poisson equation, the momentuatiegicannot be cast into a conser-
vation form (cf. Shu 1992, Part I, Chapter 4). As a conseqeiethe total linear momentum is
strictly conserved only when certain assumptions abousyhemetry of the matter distribution
are made, for example in the case of spherical symmetry aflwsymmetric configurations
with equatorial symmetry, or when only one octant is modkitethe three-dimensional case.
In axisymmetric simulations the conservation of specifigldar momentum is fulfilled as well,
when using the fective relativistic potential. In general, however, dhisient quality of mo-
mentum (and angular momentum) conservation has to be vkehfienspecting the numerical
results.

The long-range nature of gravity prohibits to have an equain pure conservation form
for the total energy, i.e., for the sum of internal, kineoyd gravitational energy (Shu 1992,
Part I, Chapter 4). In contrast to the Newtonian case, horveue dfective relativistic potential
does also not allow one to derive a conservation equatiothéototal energy integrated over all
space. Monitoring global energy conservation in a simairevith efective relativistic potential
therefore requires integration of the gravitational seusrms over all cells in time. If the local
effects of relativistic gravity are convincingly approximéite as measured by good agreement
with static solutions of the TOV equation and with fully r@éstic, dynamical simulations —
there is confidence that the integrated action of the emgigyavitational source term approx-
imates well also the global conversion between total kinatternal, and gravitational energies
found in a relativistic simulation.

The recipes for approximating general relativity shouldabgplicable equally well in hydro-
dynamic codes dierent from our (Eulerian) PPM schemes, provided tfiects of gravity are
consistently treated in the momentum and energy equatiims proposed féective potentials
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are intended to yield a good representation of tfieots of relativistic gravity in particular in
the context of stellar core collapse and neutron star faomafor our approximation to work
well, the fluid flow should be sub relativistic. The numeritagts described in the following
sections show that velocities up to about 20% of the speddlufdre unproblematic.

B.2. Simulations in spherical symmetry with the V. ertex code

We simulated the collapse and the post-bounce evolutionegbtogenitor model s15s7b2 with
the Vertex code as detailed in Chapter 2. The calculations were peeorasing the TOV
potential given in Eqn. (B.2) (Model V-R, which is identicaith the Vertex calculation of
Model G15 in Liebendorfer et al. 2005), and we also testedntieifications A, B, and F
of the TOV potential (Models V-A, V-B, and V-F, respectivilyFor comparison, we refer in
the following discussion also to the calculation of Liebéridr et al. (2005) with the fully
relativistic AciLe-BorrzTran code (Case GR, Model AB-GR).

Fig. B.1a shows the central density as a function of timeHterdollapse (left panel) and for
the subsequent post-bounce phase (right panel). The &fedénsity is the density value at the
centre of the innermost grid zone of the AB-GR simulationc&ese of a dferent numerical
resolution it was necessary to interpolate thai¥x results to this radial position. During the
collapse only minor dferences between the relativistic calculation (bold satid)l and the
calculations with the ¥rtex code are visible. Note that the trajectories from th&Nx code,
with the modifications A, B, and F of the TOV potential as wedlwith the TOV potential
(case R), lie on top of each other.

We can thus infer that the fierences between the modifications A, B, and F of the TOV
potential are unimportant during the collapse phase. Euribre, we can conclude from the
good agreement of the general relativistic calculationtaed/ertex calculations that the TOV
potential works well during the collapse phase. Howevéerafore bounce this potential over-
estimates the compactness of the forming neutron star @neftine the density trajectories of
Model AB-GR and Model V-R diverge (see Fig. B.1)a. At 250 nisiathe shock formation the
central density in Model V-R is about 20% higher than the onéhe relativistic calculation.
At this time the modifications A and B of the TOV potential g&eentral density only about
2% higher than Model AB-GR, and the absolut&eatience stays practically constant during the
entire post-bounce evolution. This implies that both maodifons yield very good quantitative
agreement with the general relativistic treatment. In@stt in Model V-F the central density
after bounce is lower than the relativistic result of Mod@-&R. This indicates a strong un-
derestimation of the depth of the gravitational potentiaCase F, wher€ = 1 in the integrand
of Egn. (B.2).

Since the central densities suggest thdfedénces between a fully relativistic calculation
and Newtonian simulations withffective relativistic potential become significant only afte
shock formation (see also Liebendérfer et al. 2005), weudisthe implications of our potential
modifications in the following only during the post-bouna®letion.

Fig. B.1b shows the shock positions as functions of time.hEdse A (thin solid line) and
Case B (dashed-dotted line) reveal the desirable trend lofsarcmatch with the general rela-
tivistic calculation (thick solid line) than seen for ModéR, which gives a shock radius that is
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Figure B.1.: a Time evolution of the central density for Model AB-GR (bold solid line), V-
A (solid line), V-B (dashed-dotted line), V-F (dashed linahd V-R (dotted line).
The left panel shows the collapse phase (note that here dilsavith the \ér-
Tex code lie on top of each other), while the right panel showspihe-bounce
evolution. Note the dferent axis scales in both panels: Time evolution of
the shock positioms for simulations with the ¥rrex code using various modifi-
cations of the TOV potential compared to the general raktivresult from the
AciLe-BorrzTran code (Model AB-GR, thick solid line).

too small, and Model V-F, where the shock is too far out atiaies. In particular, Model V-A
reveals excellent agreement with Model AB-GR. The only mdjéference is visible between
170 ms and about 230 ms after shock formation when the shag&iéntly expands in theex-
tex calculation. This behaviour is generic for thervex results and independent of the choice
of the gravitational potential. In thesfLe-BorrzTran run the transient shock expansion is much
less pronounced and also a bit delayed relative to ttxasx feature (it is visible as a deceler-
ation of the shock retraction between about 200 ms and 250 T3 diference, however, is
not caused by general relativistifects but is a consequence of &elient numerical tracking
of the time evolution of interfaces between compositioretayin the collapsing stellar core
(for more details about the numerics and a discussion oftfahied physics, see Liebendorfer
et al. 2005). It is therefore irrelevant for our present cangmn of approximations to general
relativity. A good choice for theféective relativistic potential (like Case A) should just eres
that the corresponding shock trajectory converges agaimtvé relativistic result (Case GR)
after the transient period of shock expansion.

The time evolution of the central density or the shock posithowever, is not the only rele-
vant criterion for assessing the quality of approximatitmgeneral relativity. A good approx-
imation does not only require good agreement for partictime-dependent quantities (like,
e.g., the central density), but also requires that the rattiacture of the models reproduces the
relativistic case as well as possible at any time.

In the left panels of Fig. B.2 we show such profiles of the dgresnd velocity (top panel)
and of the entropy and electron fractidf, i.e., the electron-to-baryon ratio (bottom panel),
for Models AB-GR and V-A at a time of 250 ms after bounce, whem discrepancy between
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relativistic and approximative treatment was found to bigdat in Liebendorfer et al. (2005).
Fig. B.2 can be directly compared with Fig. 12 in the lattderence. Obviously Model V-A
fits the density profile of the general relativistic calcidat(Model AB-GR) extremely well at
all radii. Furthermore, both the velocity ahead of the shioakt and behind it are in extremely
good agreement between the two models (ttiEeinces at the shock jump have probably a
numerical reason associated with th&atient handling of shock discontinuities in both codes).
It is an important result that with this modification A of th@®©V potential one is able to ap-
proximate the kinematics of the relativistic run with agstingly good quality in a Newtonian
calculation (at least in supernova simulations when theciets do not become highly rela-
tivistic). In contrast, in \érTEXx runs with the original TOV potential (Case R) the pre-shock
velocities were found to be significantly too large (Liebéridr et al. 2005), which is due to the
overestimated strength of gravity in the far field limit asngared to the relativistic calculations
(see the discussion in Sect. B.1.3).

Also the entropy and/. profiles (bottom left panel of Fig. B.2) reveal a similarlyceXent
agreement between Models V-A and AB-GR. The minor entroffgiinces ahead of the shock
are associated with a slightly fierent description of the microphysics (nuclear burning and
equation of state) in the infall region (for details we retfet.iebendoérfer et al. 2005).

Not only the radial structure of the forming neutron star lirelevant quantities is well re-
produced, but also the neutrino transport results of tiaivedtic calculation and of the approx-
imative description of Case A are in nearly perfect agreem@uorresponding radial profiles
of the luminosities and root mean square energies — bothfaseden Sect. 4 of Liebenddrfer
et al. (2005) — for electron neutrinogg, electron antineutrinos;e, and heavy-lepton neutri-
nog, vy, are displayed in the right panels of Fig. B.2. The resultsModels V-A and AB-GR
for all neutrino flavours share their characteristic feasyiand in particular agree in the radial
positions where the fferent luminosities start to rise. While thg luminosities are nearly in-
distinguishable below the shock, the jump at the shockghgi higher for the \érTex run and
reflects the largerfiects due to observer motion, e.g., Doppler blueshift andlangberration,
for an observer comoving with the rapidly infalling stelfarid ahead of the shock. Thefeet
between results of Models V-A and AB-GR decreases at laaghr where the infall velocities
are lower. This discrepancy was not discovered by Liebdadét al. (2005), because there the
agreement of the radial structure for both investigatedetsogdas generally found to be poorer
than in the present work.

General relativistic fects are unlikely as an explanation, because they are vely araund
the shock (see Fig. 13 in Liebendorfer et al. 2005). A dedadlealysis reveals that both codes
produce internally consistent results, conserving to gaegision the luminosity through the
shock for an observer at rest and showing the expected arsicply correct behaviour in the
limit of large radii. Most of the observed ftierence (which has no mentionable significance
for supernova modelling) could be traced back to the fadt\Wrarex achieves only ordew(c)
accuracy, whereasdiLe-BorrzTran produces the full relativistic result including higher erd
in (v/c). Corresponding féects become noticeable wheft 2 0.1. The mean neutrino ener-
gies are hardly fiected by this dference (Fig. B.2, bottom right panel). In case of theand

4Since the transport of muon and tau neutrinos and antimestdifers only in minor details we treat all heavy-
lepton neutrinos identically in thep¥rex simulations.
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Figure B.2.: Left: Radial profiles of the velocity (dashed lines) and densjty(solid lines) for
Model V-A (thin) and the relativistic Model AB-GR (bold) atiane of 250 ms af-
ter shock formation (top panel), as well as radial profileghefentropys (dashed
lines) and of the electron fractiovi, (solid lines) for the same models and the
same time (bottom panel). As in Liebendérfer et al. (20053, the circumfer-
ential radius in case of the relativistic results. Note thedent vertical axes
on both sides of the two panels. Right: Radial profiles of thmihositiesL of
electron neutrinos (solid lines), electron anti-neutsif@otted lines), and heavy-
lepton neutrinos (dashed lines) for Models V-A (thin) and-&R (bold) at a
time of 250 ms after shock formation (top panel), as well d&lgrofiles of the
root mean square energies)rus for the number densities of, ve, and heavy-
lepton neutrinos for Models V-A and AB-GR (bottom panel) eTabelling is the
same as in the panel above, and all neutrino quantities aea fpr a comoving
observer.

ve luminosities the ¥rtex run yields roughly 10% lower values outside of the corresirum
neutrino spheres (i.e., between about 50 km and 90 km), bhugsanuch closer to those from
the Asie-BorrzTraN calculation ahead of the shock. Since the neutrinospherisston ofve
andve is strongly dfected by the mass accretion rate of the nascent neutronnstdihe corre-
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Figure B.3.: a Luminosities as functions of post-bounce time foffelient cases computed
with the Vertex code and for Model AB-GR. The top panel shows the results
for heavy-lepton neutrinos, the centre panel those for liagtren antineutrinos,
and the bottom panel the results for electron neutrinos. prels on the left
magnify the early post-bounce phase. All luminosities avergfor an observer
comoving with the stellar fluid at a radius of 500 km. Note thedent scales of
the vertical axesb: Radial profiles of the velocity (dashed lines) and density
o (solid lines) for Models V-A (bold lines), V-B (thin), and R (medium) at a
time of 250 ms after shock formation (top panel). Radial pesfof the entropy
s (dashed lines) and of the electron neutrino luminokitysolid lines) for the
same models and the same time (bottom panel). The luminissiiyen for an
observer comoving with the stellar fluid.

sponding accretion luminosity (which both seem to haveehdéncy of being slightly higher in
Model AB-GR), we refrain from ascribing theftirent magnitude of the, andve luminosities
only to the treatment of relativistidiects. Although such a connection cannot be excluded, the
luminosity diferences might (partly) also be a consequence of tifierdnt accretion histories

in Models AB-GR and V-A, which manifest themselves in thedhwajectories (Fig. B.1b) and
are attributable to the fierent handling of the microphysics and computational gridhe infall
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layer (see above and Liebenddrfer et al. 2005). This intéaion seems to be supported by the
time evolution of the neutrino luminosities plotted in Fig).3a. The accretion bump in the
andve luminosities which follows after the prompg burst is stretched in time in case of Model
AB-GR, indicating the delay of mass infall at higher ratelatiee to all VErTex Simulations.
Note that the neutrino emission reacts with a time lag of s&@ens (corresponding to the
cooling timescale of the accretion layer on the neutror) stavariations of the mass accretion
rate.

Moreover, Fig. B.3a shows that our variations of tiffeetive relativistic potential in the -
tEX models have little influence on the prompt bursvght shock breakout. But subsequently
the overestimated compactness of the proto-neutron skodel V-R, which causes the faster
contraction of the stalled shock after maximal expansiag. (B.1b), also leads to higher neu-
trino luminosities during the accretion phase. Consisigtitthe shock trajectories, Model V-A
yields the closest match with the general relativistic riModel AB-GR also for the neutrino
luminosities. It is very satisfactory that the results @@hoadiusrs as well as the neutrino lumi-
nositiesL) from both simulations reveal convergence at later timesmthe period of massive
post-bounce accretion comes to an end.

In Fig. B.3b we present the radial structure at 250 ms aftanbe for the \¢rtex Simulations
with the modifications A and B of the TOV potential, comparedtie results with the TOV
potential (Case R) which was already discussed in Liebdadét al. (2005). Note that be-
cause of the excellent agreement seen in Fig. B.2, Model &#s€ A) can also be considered
as a representation of the fully relativistic run of Model ABR. Models V-A and V-B show
results of similar quality. The littleféset of the shock position (which is causally linked to the
differences in all profiles) might suggest that Model V-B is dliginferior to Model V-A in
approximating relativity. This conclusion could also bawln from the post-bounce luminosi-
ties in Fig. B.3a. However, caution seems to be advisablke sith an interpretation, being
aware of the uncertainties in the accretion phase and iafgdl discussed above, and in view
of the fact that the central densities (Fig. B.1a) and radalsity profiles (Fig. B.3b) agree
well. Moreover, the quality of the agreement at “very laieigs cannot be judged, because no
information is available for the behaviour of Model AB-GReaaf250 ms post bounce, a time
when the settling of the shock radius and luminosities t@ fhest-accretion levels seems not
yet over in this model (Figs. B.1b, B.3a). The TOV potentitlCase R clearly produces too
large infall velocities ahead of the shock (and thereforesdmwt agree well with the kinematics
of the relativistic calculation), overestimates the contpass of the forming neutron star, and
thus produces too high neutrino luminosities during theusited period of evolution (for a de-
tailed discussion, see Liebendorfer et al. 2005). CasediMBariearly perform better and must
be considered as significant improvements for use in Neatogsimulations with anféective
relativistic potential as approximations to fully relasiic calculations.
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Test of momentum conservation

This Section is a discussion of some test calculations tlegewone in order to understand
the results of Section 5.1, where it was found that though emuom conservation is good in
calculations including general relativistifects, a (small) momentum conservation violation is
found in Newtonian calculations. This is somewhat unsatisiry, since physically momentum
conservation is only ensured in a Newtonian framework butmthe approximations we use to
include general relativisticfiects, see also the discussion in Appendix B. Thus from a palysi
point of view momentum conservation should be guaranteash iNewtonian calculation. Nu-
merically, however, it is quite flicult to ensure momentum conservation in both approaches,
the reason being thakBMmeTHEUS — the numerical scheme we use for solving the hydrodynam-
ics equations — uses a operator—splitting method to indlneesource term of the (Newtonian
or general relativistic) potential. Nevertheless, the fiaat despite these complications momen-
tum conservation is guaranteed in the less plausible — thergérelativistic case — makes it
desirable to achieve at least similar results in Newtonaautations.

A representative overview of the momentum conservationishechieved in general relativis-
tic calculations is shown in Fig. C.1, where we show the z-poment of the momentum and
the corresponding movement of the core for model L&S-2D.

The same quantities evaluated for model L&S—-2D—-Newt arevsha Fig. C.2. Clearly,
in contrast to model L&S—2D, model L&S—2D—-Newt does not steowoscillation of the z—
component of the momentum but rather shows a continousfy tdvards one hemisphere.
However, it is also visible that this momentum conservatimation is much smaller than the
amplitude observed in model L&S-2D, but nevertheless sinm®duces a force always in the
same direction an at least equivalent displacement of theeismbserved. Since numerically
the only diference between the calculation of model L&S-2D and of mo@&-+2D—Newt is
that in the former a monopole term to the gravitational piéérs included which accounts for
general relativistic fects (see Section 2 and Appendix B), it seems plausible Hbaliferent
evolution of both models is caused by thé&elient calculation of the source term for gravita-
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Figure C.1.: & The z—component of the momentum as function of time for rhad&s—
2D. Note that though, the momentum is not zero, it oscillatesh that on time
average the momentum is conserveéd. The displacement of the centre of
mass evaluated from the momentum evolution in panel a. Matehe predicted
movement is at all times much smaller than the width (300 nthefinner most
grid zone at centre.

tional forces. In order to test this hypothesis we have d¢aled several test models, see Table
C.1, which were all mend to investigate the momentum comsiervin Newtonian runs. Both
the “full” Newtonian 2D gravitational potential (i.e. witlut the general relativistic monopole
term) as a Newtonian spherically symmetric potential wesesdu

As the purely hydrodynamical models show, the momentunugieni in the Newtonian mod-
els is not caused by the calculation of the neutrino transpaorrthermore model Hydro—no—pert
shows that a model stays exactly spherical symmetric — ev@bi— as long as no random
perturbations are used and thus no momentum conservatitation is observed. This shows
that the reason for the momentum conservation violatioresl in our models is not caused
by an error in the code which artificially breaks sphericahsyetry. Furthermore, model L&S—
2D and Hydro—1Dpot behave similar in the sense that a streatjation of the z—component
of the total momentum is observed and thus an oscillatoryema&nt of the core is seen. Since
in both models the monopole term dominates (either becaiséhe strongest contribution as
ii is the case in the GR—approximation of model L&S—2D, ordaese all other contributions
were switched of as it was done in model Hydro—1Dpot) the \Weha in the models with the
two—dimensional Newtonian potential have to be caused éyntm—spherical part of the gravi-
tational potential. It is also interesting that the evaatof the momentum is not influenced by
the numerical treatment of the innermost core: indepenadfeasspherical symmetric (1D) core
a 2D core the momentum evolution is very similar, compareetoodydro and Hydro—2Dcore.
Thus, the question remains what causes the momentum @rointNewtonian (hydro) models?

As one can deduce from Figs. C.2a,b model Hydro for exampe/sthe build up of a net
momentum at a time of around 10ms after the shock formationthi& time, however, the
density as well as the radial velocity are still perfecthhapcally symmetric, see Fig. C.3a—
c. The z—component of the velocity field, however, shows satydat this time a breaking of
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Figure C.2.: a,bb The z—component of the momentum as function of time for mo&&—
2D (purple), L&S—2D—Newt (black) and the test calculatioNste the diferent
axis scales in both plotsc: The displacement of the core evaluated from the
momentum evolution in panel a. Note that the predicted maveis at all times
much smaller than the width (300 m) of the inner most grid zatneentre.
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Test of momentum conservation

Model Potential| 2D—Expansion Neutrino Transpor{ 1D core in centre
L&S-2D GR Yes Yes Yes
L&S—-2D—-Newt| NEWT Yes Yes Yes
Hydro NEWT Yes No Yes
Hydro—2Dcore| NEWT Yes No No
Hydro—1Dpot | NEWT No No No
Hydro—no—pert] NEWT Yes No Yes

Table C.1.: Overview over all models used in this Section. Stated arentbeel names,
the used gravitational potential (i.e. purley 2D Newtondar2D Newtonian with
monopole GR corrections), whether Neutrino transportkenéanto account, and
if the innermost 6 zones (i.e. 1.6 km) are calculated in SphAkesymmetry. Note
that model Hydro—1Dpot was calculated with only the Newdaornionopole po-
tential, i.e. the 2D potential was switched of. Note that elddydro—no—pert
was calculated without applying the usual random pertiwhatin density (i.e. no
breaking of radial symmetry was induced.

symmetry which leads to the momentum conservation vialatichis can be seen in Fig. C.3c,
where we plot the diierence of this velocity for corresponding rays:

luz(0° + )] — |u(180° — 0)|, Yangular ray® (C.1)

Since the radial velocity (which contributes to the z—comgu of the velocity field) is still
spherically symmetric at this time, this finding impliestttize lateral velocityu, has to develop
differently on diferent angular rays. Indeed, the momentum conservatioatigalfirst appears
at a radius of around 20 km, see Fig. C.3c, where the convettithe dense core appears.
Thus, obviously the appearance of convection causes tia tquiof a net momentum along
the polar axis and not the asymmetric clumping of the deffisity due to gravitational forcés
Thus, in the Newtonian calculations with non—sphericaliggéional potential the momentum
conservation violation appears as soon as convection rsetsd non—spherically symmetric
fluid flows appear. The implementation of the gravitationaieptial in the MDBATH—code
does thus obviously not completely conserve the total monmen However, the momentum
conservation violation we observe is very small and seensatiorate which means that the
centre of the core does not leave (or only at very late evmiuiimes) the first grid zone. The
fact that in models with a dominant monopole term the monmardanservation is much better
is due to the fact that the spherical part of the gravitatipodential acts as a restoring force
that acts against the direction of the momentum conservataation.

'However, the matter flow in the region of proto—neutron stawection is of course influenced by the gravitational
field.

206



plg/cn?]

[uz(0° + 6)] — |u(180° — 6)| [crrys]

1015§ T T T T 5.0010° T T T T
1014 :_ 0
i @ -5.0-10°
1013 L g
: =5 -1.0010°
1022k
-1.5¢10°
101 . . . . -2.0+10° . . . .
0 10 20 30 40 50 0 10 20 30 40 50
r [km] r [km]
a b
8107 T T

610"
44107

24107

-2+107

40107

30 40 50
r [km]

Figure C.3.: a@ The density as function of radius of model Hydro at a time &fris after
the shock formation. This time was chosen since the momentmservation
violation already appears at this time. Note that profilesafbangular rays are
plotted, which, however, due to a still spherically symrgediensity structure lie
on top of each otheh: The radial velocity profiles at the same time as the density
profiles from panel a. Note that also here all angular bindvas/s, which lie on
top of each otherc: The ditference of the z—component of the velocity field for
angular rays being symmetric to the equator, see Eqn. C.tk tNat in the region
where proto—neutron star convection develops, the cartioibs of the diferent
angular rays do not exactly cancel each other which leadsstbuild up of the
observed net momentum.
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The growth of modes in the standing
accretion shock instability

As we have already discussed in Section 5.1, for reasonsnopater time, model Wéi—-2D
was initially calculated in a computational domain whiclveed the area between the north
pole and the equator. Then, at a time of 130 ms after the sloookation, a mapping to a 180
degree grid was done and the calculation was continued sméuw grid. As we have already
mentioned, we have indications that a calculation of a madiéth covers the area between a
pole and the equator, does not suppress essential phydiexplosion can be obtained, see the
discussion in Section 4.2. The reason for this is that in #réqular model discussed in Section
4.2 the lowest possible mode in the pole—equator setup,2H&-mode, grows comparable, as
thel = 1-mode in the corresponding I8@nodel. Also the comparison of two rotating models
one calculated from pole to pole and the other one calcufabed pole to equator, see Section
6.1, reveals only minor éierences, which is another hint that a calculation on a gridaio
from pole to equator does not produce wrong results. Howdévieilgs are dierent when one
switches from a 90to a 180 model during a simulation, since one then changes the wave—
number of the lowest mode which can be excited. Thus the iguelsas to be answered if by
doing this kind of change during a simulation, one artificalifluences the evolution of model
Wolff—2D. Of course, this answer can only be obtained by simgetie model once again
in 180° from a earlier time oh Thus we have redone a calculation of this particular model,
where the mapping to a full 2D computational domain was daretiane of 70 ms (i.e. 60 ms
earlier than in model Wdl-2D) and we followed this model, denoted \WeRPD—ear, as long
as possible. In the following we will compare both models ahdck whether the supernova
evolution is diferent in both runs.

!Here, this can either mean that the simulation is started ftee beginning in 180or that the mapping to 180s
done at a earlier time.
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The growth of modes in the standing accretion shock instability
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Figure D.1.: The laterally averaged shock po-

sitions (upper solid lines) and the
electron neutrino spheres (lower
 Wolffi-2D solid lines) as function of time
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Figure D.2.: The expansion of the shock surface into spherical harmpsés Section 4.2.
Shown are the normalised amplitud®g/ago of the contribution of the wave—
numberl for model Woff—2D (thin solid) and model Wé2D—ear (thick
dashed).a: The lowest possible non spherical modes 1,2. b: The next
higher modes$ = 2, 3.

We again begin our discussion by showing in Fig. D.1 the #dlieaveraged shock positions
and the laterally averaged positions of the electron neagpheres of models W&+2D and
Wolff-2D—ear.

Though the switch to a full 2D—model was applied at 70 ms ar@ rh3 after the shock
formation in the models Wé-2D—ear and Wdl-2D, respectively, we do not find aftérent
angularly averaged shock position. At the time when the Sinterface reaches the shock front
and triggers a shock expansion (at roughly 150 ms after tbekstormation), however, both
models show a slightly ffierent evolution of the averaged shock position. Neversisdler all
the time we were able to recompute model #2D—ear we do not find a significantly changed
(laterally averaged) position of the standing accretiamc&Hront.

Also the projection of the shock deformation into the spatspherical harmonics shows
that the contribution of the fferent modes to the shock position changes initially verwslo

210



Amplitude of P — (P)g)/(P)y x 1072

Amplitude of P — (P)g)/(P)y x 1073

=]

SN
T

N
T

'
N
T

1
SN
T
~
X
k]

'
(o]

T T T e} 6 T T T
r=10km S r =25 km
___Wolff-2D-ear ] x 4L __Wolff-2D-ear ]
=)
___Wolff-2D o __Wolff-2D
- ,\\ 2 - -
=
o | =
of MMVMMNWV%W . Y of ]
a
i "6 2+ 4
-4 © | =2-4
. ‘. AN -g '\
v s A = 41 , Moo ,l " |l|} r, 4
Y /.\“" o w»v,\b 297 \er (__l 4 \N l \"?"'1 \'“ﬂr\"' "M{ ‘,,‘lﬂvﬁ",l‘ i"‘ ‘
", ‘.~r~¢' E
1 1 < '6 1 1 1

a1
o
=
o
o
[ay
a1
o

200 250

a
o

100 150 200 250

too [ms] ton [ms]
a b
6 T T T e} 6 T T T
r=30km Q r=35km
4L __Wolff-2D-ear ] X 4L __Wolff-2D-ear ]
__Wolff-2D a __Wolff-2D
2} . = 2r :
=1 a
ot . T Of :
e
2F . G -2t | .
l=2-4 y 9 ”E e
-4+ 1‘,. |’“'~:“l‘l\‘\ " ,'p\ 1\ 'E"’\‘\ 'L\L{' llli" li l’"l! 1 3 4+ l\ll‘ ““ \ "“‘! , ,, u m||'\‘\5“\\\'z,“n] “‘:‘M\i"\: -
b \-‘./ \‘ Wy |,HH.|: H i 3 ”/\ HI;\IE::
'6 1 1 1 g '6 1 1 ‘I .
50 100 150 200 250 50 100 150 200 250
top [MS] top [MS]
c d
Figure D.3.: The expansion of the pressure fluctuations into sphericaimbiaics,

cf. Egn. 5.1.1, as function of time. Shown are the lowestiptsson—spherical
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thel = 2-modes were shifteda: the fluctuations at a radius of 10 krb: the
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The growth of modes in the standing accretion shock instability

see Fig. D.2: Roughly for the first 50 ms, where both modelewatculated on dierent 2D—
domains the cd&cients of the spherical harmonics are essentially equaly &ra time of a
130 ms after the shock formation when finally both models veateulated as a 186setup
the amplitudes start to change. As one would expect in modéfi\i2D—ear, where the= 1
mode can grow earlier than in model WekD, the amplitude of the = 2 mode shrinks and
thel = 1 mode grows faster. However, for the time we were able to ctenpoth models,
the amplitudes of the= 1 modes of the shock instabilities have roughly equal valtresugh
the time evolution is dferent), which indicates that the growth of the= 1 mode was not
artificially suppressed in model W+2D. Also the growth of g—-mode neutron star oscillations,
see the discussion in Section 5.1, is very similar in both ef®dAs Fig. D.3 shows, though
the time evolution of the g—modes idldirent in both models, the amplitudes are very similar.
Thus we conclude that our numerical treatment in modelff2D did not artificially suppress
the growth of an = 1 g—mode oscillation in the dense core. However, it must liechbere
that this result for both the mode growth of the shock inditgldnd the neutron star g—-modes
might not hold for two possible cases:

e Firstly, it can not be excluded that a later times the shod¢trdeation modes may develop
totally different strength. This can only be checked when both models¥28l and
Wolft—2D—ear are calculated to longer times.

e Secondly, itis also possible that if we had calculated a rnmaa 180—grid from the mo-
ment of shock formation on, that the modes would have deeelap a diferent manner.
Testing this would require a time consuming simulation.

Thus our conclusion that the shock evolution and the newtt@ng—mode excitation of model
Wolff-2D was not seriously influenced by our numerical treatmesy bee proven wrong by
doing the above mentioned test calculations.
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A radial, energy-space, and angular
resolution test with the Wolff-EoS

In general, the common sense of numerical treatments esjthiat the code one uses is tested
against resolution artefacts. Such a test requaes®ralruns where the resolution increases by
a factor (typically chosen to be 2). One says the simulatamasconverged when the restilts
are independent of the resolution. This typically impliestithe resolution has to be better than
a certain value and the resolution test has no other impzetdran to proof its existence and to
determine this value.

Since the értex / MuDBATH code uses severalftkrent grids (radial direction, energy space,
and in 2D additional an angular direction) several resotustudies had to be performed. In
spherically symmetric models we performed resolution ¢esicerning the radial grid, and in
another study we tested the dependence of our results oméngye-grid. The result of these
studies will be presented in the following subsection.

E.1. Resolution studies in spherically symmetric models

E.1.1. Energy grid

In the calculations the spectrum of neutrino energies isnatly resolved by 17 geometrically
spaced energy bins between 0 MeV and 380 MeV. In order todest$olution &ects we have
also calculated models where the number of bins was redudedreased by roughly a factor
of two. These models use, in the same energy range, 9 and 33eg&ally spaced energy
bins, respectively. Additionally, also a model was caltedawhere 13 energy bins were used.

!Here the term results implies physical quantities that khbe independent of the grid resolution. Especially,
physical behaviour that is scale dependent (e.g the enarggade in turbulent flows) isot included in this
sense.
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A radial, energy-space, and angular resolution test with the Wolff-EoS

All models are based on model Vfiglo)sims which was discussed in Section 3.2 and exactly
the same microphysical setup was chosen.
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Figure E.1.: & The shock position (solid) and the the position of the etetheutrinosphere
(dashed) for the models that used 9, 12, 17, and 33 energylbiiifie neutrino
luminosities evaluated at 400 km. The values were trangfdrsnch as if the ob-
server is resting at infinity. The solid line represents tiraihosities of electron
neutrinos, the dashed lines correspond to anti electrotrines, and the heavy
(anti) lepton neutrinos are represented by the dotted.lines

In Fig. E.1a we show the shock trajectories as function oétfor the three models and in
Fig. E.1b we show the evolution of the neutrino luminosiissneasured by an static observer
resting at infinity. Whereas model 9-bins shows a largertrelemeutrinosphere radius and a
larger shock position, the models with 17 and 33 energy dingvsalmost identical behaviour.
Model 12-bins lies in between these two groups. The lumiiessbf all neutrino flavours
are also identical for the models with 17 and 33 energy bireixfor the peak luminosity
during shock breakout, where we find roughly 5% etience. However, the rise and fall time,
as well as the later evolution are almost identical for theselels. We find that model 9—bins
generically underestimates the luminosity of all neutrilawours, and again, model 12—bins
predicts luminosities which lie between the ones of modéir®s-and 12—bins.

This implies that 17 energy bins seem to be enough to foll@vstipernova dynamics cor-
rectly. Clearly the step from 17 to 33 energy bins resultsnily @ fraction of the changes that
are observed when one uses 17 instead of 9 energy bins. Saoesults for 17 and 33 energy
bins are almost identical that implies that the numericyeme at these choices of the energy
grid as far as the supernova dynamics are concerned.

However, it remains to be answered how well th@edtent energy grid does sample the spectra
of neutrino energies. This is shown in Figs. E.2a—f where havsthe spectra of all neutrino
flavours at a time of 50 ms after the shock formation as it wanddneasured by an observer
resting at infinity.

Again, we find that 9 and 12 energy bins are too less in ordezdolve the neutrino spectra.
More importantly, the spectra of the models with 17 and 33@nbins are again very similar.
Except for the spectral maximum, in the low energy range<(30 MeV) the fits are very
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E.1.2 Radial grid

similar. For larger neutrino energies the spectra beginetoate stronger from each other.
However, again, the fferences between the runs with 17 and 33 energy bins are stiaie
the diferences between the ones with 9 and 17 energy bins. We candhsay that our 17
energy bin run is converged in this high energy tail, sincenaee only a hint that increasing
the number of energy bins will actually lead to a convergendge high energy tail. However,
runs with even larger number of energy bins were computallipmot feasible in this study. In
the high energy tail our run with 17 energy bins is thus ndyfocbnverged, but the resolution is
good enough to overcome most of the resolutiffieats. Surely, in this sense a better resolved
energy space would be preferable, but for two reasons waimefiom this approach: on the
one hand the flux at these high energies is very low comparéietow energy flux. Thus
smaller errors do rarely contribute significantly to theatdtux. Furthermore, our standard
energy grid seems to slightly overestimate the neutrinoifiukis energy range, which implies
that we loose slightly more energy in neutrinos than theebe#solved simulation suggests.
This implies that we probably make an explosion harder taezeh(more energy is extracted
from the post shock region) and we do not artificially enhaheeexplosion mechanism. More
importantly, on the other hand, one can simply not allow fhigder resolution in energy space.
The computational costs scale like®, which implies that a multi-dimensional simulation will
scale up from a run—time of several months to over a year ietieggy resolution is doubled.
This would render supernova simulations impossible!

However, as Figs. E.1 through E.2 demonstrate, our “stafigarergy grid with 17 energy
bins is converged as far as the supernova dynamics is catleidevertheless, the details of
the high energy tail of the neutrino spectra is still influeshdy resolution #ects. Thus with
improved computers and numerical capabilities a bett@lved energy space should be used
in the future.

E.1.2. Radial grid

In a simulation of the postbounce phase a Eulerian grid id,usgich is chosen such that at
least 10 Zones per decade of density are available. Sinadetigty gradient at the border of
the proto—neutron star becomes steeper with ongoing timeejnplies that from time to time
a numerical refinement is applied that ensures a well redotascent neutron star. Typically,
400 Zones are used at the beginning of the postbounce phdsgtan300 ms the radial grid
consists of 500 to 600 radial zones depending on the praganibdel and the used EoS. An-
other constraint on the radial grid is that in a multi—-dimenal simulation the numerical zones
should be roughly quadratic in order to ensure that the PPdftdagcheme works properly.
Thus an increased angular resolution requires also areisederadial resolution (see below).
We performed some runs in order to test the dependence ofesults on the radial grid.
These runs were performed with the \WedtoS, the same micro-physics as described in Sec-
tion 3.2, and an initial number of 400, 600, and 780 zoneqpews/ely. The radial resolution
dr/r is shown in Fig. E.3 for these three models. Note, that evesplrerical symmetric cal-
culations the simulations would be too expensive if the bestlution is used throughout the
whole computational domain. For this reason, inside of tleéopneutron star a transition to the

°This is at least true, as long as one regards the early sueevolution for times smaller than roughly 1s.
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A radial, energy-space, and angular resolution test with the Wolff-EoS

well resolved resolution takes place. This is justified¢siinside of the dense core no strong
gradient in density develops and thus a lower resolutiorufiscgent. Also note that model
“600—zones” is identical to model Wé+1D , which was introduced in Section 5.1. As one can
see in Fig. E.3 the grids were chosen such that in the releggiun betweer:20 km and~700

km the resolution increases substantially for th€edent grids.

The results of this resolution study are shown in Fig. E.4demgtthe positions of the shock
fronts, of the neutrinospheres, and the neutrino lumiressias function of time are shown.
Clearly, model “400-zones”, which has the lowest resoiytghows a dferent shock trajec-
tory and neutrino luminosities than the finer resolved m&adieiterestingly, the dierent shock
trajectory establishes in the first 50 ms after the shockdawand the positions of the neutri-
nospheres are almost identical in all three models. Frosahé can conclude several things:
Firstly, the proton neutron star is féigiently resolved in all models since the position of the
neutrinospheres is grid independent. Secondly, the shostkave dierently when they pass
through the region between roughly 50 km and 130 km, a regiogrevthe resolution is fier-
ent in all three models. At later times, the shock trajeetare roughly parallel. Thus, in the
shock expansion phase the resolution should probably lverliban the d/r ~ 3% in model
“400-zones”. However, it must be noted here that the obdediféerence in the shock trajec-
tory of roughly 10 km at a shock radius of 150 km and & df 3% corresponds to 2 or 3 grid
zones which is even smaller than the value of the typical ckhwidth” of the PPM-scheme
which is normally 4 to 5 zones. Thus it is impossible to disgnate whether the larger shock
trajectory is due to a “shock detection uncertainty” or doi@tiow grid resolutiod. Further-
more, it is extremely reassuring that the evolution of theckhrajectories is nearly parallel.
This implies that all simulations “capture” the same physi@hich is a strong hint that our
lowest resolved model is not severely contaminated by thi@lreesolution. However, to be on
the save side, a radial grid resolution of model “600—zoneslearly preferable to the grid of
model “400-zones”, whereas a further improvement of thearadsolution is not justified due
to the increase of computational costs.

E.2. A “minimal” 2D—-resolution study

Most of the 2D—simulations discussed in this volume werdopered with 192 angular bins
on a 180 (angular resolution of 4°) setup and with initiallf 600 radial zones. This setup
is now compared with previous simulations that used not nitmme 128 angular bins (which
corresponds to an angular resolution o41t) and initially 400 radial zones (see, e.g. Buras
et al. 2006a). In this Section an attempt is made to investigassible resolution fierences

in the angular grid, by comparing two simulations witlffelient angular resolution. However,
because of computational costs it was not possible to canthatsame model with even better
angular resolution than®4° and thus a “minimal” resolution test was done: addition&dlyhe

Note that here the case igfgirent compared to the test runs with the energy grid. In tieg llne small dierences
in the shock trajectories are clearly caused by the changed grid. The reason why the shock detection can
not be responsible is that detecting the shock only dep@eden the radial grid which wasot changed in the
energy grid test runs.

4As explained, during the simulation at several times a rezpprocedure was applied.
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E.2 A “minimal” 2D-resolution study

fine resolved simulation, with an angular resolution &4 the otherwise identically problem
was calculated with an angular resolution off. As mentioned before, this also implies that
the radial resolution had to be changed by a fac{8r(Re. from 600 to 400 zones), because
the PPM hydro—scheme used in thesl¥BaTH—code, requires roughly quadratic grid zones
(i.e. the axis ratio of the lengths in radial and angularaiom must be near unity). In order to
save computer time both models were only calculated frorthrole to equator, which does
not suppress any essential physics as we explained in 8&cfi@and Section 6.1.

These two simulations allow us to judge whether or not theluéien has influence on our
numerical results. However, without more models, we areabt# to judge whether our results
are already numerically converged.

Firstly, a comparison of the laterally averaged shock mosstand luminosities between both
2D—models, see Fig. E.6, reveals that the relative behawitihese models is the same as the
relative behaviour of the corresponding 1D—models. Thustrabthe diterences we find in
the multi-dimensional models must be contributed to tlkeint radial grids (see Subsection
E.1.2). For example, the roughly 10 km larger shock radiunauel Woff—141° than in the
better angularly resolved model, is also found in the cpaading 1D—model “Wdt-400” (see
also Subsection E.1.2). However, Fig. E.6 also revealferdince between model Wist1.41°
and model Wat-0.91°: in the early phase fdr < 20 ms, model Wdt—1.41° shows a slightly
stronger shock expansion, which is a reaction on more egteakkctron neutrinosphere radius.
This feature can also be seen in Fig. E.7, which depicts theeotion inside the proto neutron
star for both 2D—models. The convective regions are verjlaiin both models, however, deep
inside the core (between a mass coordinate of @.4vid 0.5M, ) model Wolt—1.41° shows
more convection in the first 30 ms after the shock formatioimcé&this convective region is
located deep in the nascent neutron star it is neither alidedst the neutrino luminosities nor
does it lead to an expansion of the core. Figure E.8 gives & whetailed impression of the
growth of convective instabilities, where the lateral \o#ies and the entropies are shown. At
least for the first 50 ms after the shock formation the patte® well as the value of lateral
velocities are roughly comparable, but of course the det#ilthe flows are dierent. The
reasons for this can be shortly summarised:

o After the shock formation when the mapping of a sphericallyjisetric calculation onto

a 2D—grid is done, a random perturbation of density from zoneone is applied (see
Section 4.1). Though we have used the same perturbatioritadgin both models, a
zone to zone perturbation withfterent radial grids implies that we cannot control the
wavelength of the perturbation. Thus the initial pertuidraivas not exactly the same in
both models. One would expect that a better resolved mod&shonvection (at least
for the beginning of the instability) on smaller scales agsbives finer structures, which
is indeed the case in Fig. E.8.

e Convective flows are a non-linear, chaotic process. Thuscangot expect to get the
exactly same convective pattérfor different simulations, especially if the seed pertur-
bations are not identical.

5Though the flow pattern is not exactly (i.e. the velocity fjalte same, probably it is the same in the sense that
e.g. the number of down flows and up flows are the same.
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A radial, energy-space, and angular resolution test with the Wolff-EoS

However, the fact that convective regions develop verylamfior the whole simulated time,
remember Fig. E.7, despite the “chaotic” character of coiive flows, and despite slightly
different convective flow patterns, is a strong hint that our lesolved model Wdi—141°
does not sfier from resolution artefacts. It must be stressed here Higtig statement can
only be made for a time up to 100 ms after the shock formatimteswe were not able to
compute our low resolved model to a larger postbounce timerebler, this statement relies
on the assumption that both models wiot suter from the same resolution artefacts, which
might dissappear if a larger angular resolution would beluss explained before, due to a for
lack of computer time we were not able to calculate such amstlved modél

An expansion of the shock surface into spherical harmoniesgurprisingly well agreement
between both models with ftierent resolution, see Fig. E.5. Both models show comparable
amplitudes of the oscillation and more surprisingly evenftequency is the same for the first
50 ms of the simulations and only at later times the osailieticlearly loose their correlation.
Since we have no theory to tell us the “exact” oscillatiortgrai, we can only conclude that the
time evolution of shock deformations are resolution depandThis, however, is expected since
the angular dependence of the shock is triggered by therpations we impose on the velocity
field when we start our 2D simulation. As already explaindese perturbations, however,
change when we useftkrent angular and radial resolutions.

We thus conclude from both models withférent angular resolution that we do do not see any
indication for resolution artefacts on the angular grid.e Taterally averaged shock positions
and neutrino luminosities behave very similar to the caoesling 1D—models, and thefidir-
ences can be traced back tdfeient radial grids, see Sect. E.1.2. Multi—-dimensiorfidats
like the growth of convection or the angular shock defororatwhich depend on the (resolu-
tion dependent) imposed perturbations, develop surghisiquite similar. However, since the
guantities are somewhat chaotic to the initial conditioh&s not expected that a convergence
with different grid resolutions can be obtained. However, the depeedof the results on the
radial grid resolution, implies that the next generation of mdtmensional supernova simula-
tions should apply a higher angular resolution togetheh wihigher radial resolution in order
to maintain the constraint that numerical grid cells shdagdoughly quadratic.

8]t should be noted here that simulations of Scheck (2006gate that no better angular resolution thamiay
be necessary. However these results are obtained witfiesiettit code and may thus not be applicable to our
numerical scheme.
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Figure E.2.: The neutrino spectra for theftérent models at a time of 50 ms after the shock

formation as the would be measured by an observer at redfir@tyinThe eval-
uation was done at 400 km from the centre of the star. Showtharelectron
neutrinos 4), the anti—electron neutrinob); and all other neutrino flavours)(
Symbols represent the grid points, where as the spectrpéshas obtained by a
spline fit though these data points. Partels show the same values, however, a
double logarithmic scale was chosen.
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Figure E.3.: The radial resolutiondr as function of radius for all models. Note that the
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Figure E.4.: a The trajectories of the shock fronts (solid) and th&edent neutrinospheres
(dashed electron neutrinos, dashed—dotted anti eleceatrinos, and dotted
muon and tauon neutrinos) for all models. The neutrino luminosities for all
models measured at 400 km for an static observer restindiaityn The solid
lines represent electron neutrinos, the dashed lines sowaiues for anti elec-
tron neutrinos, and the dotted lines represent the heavy [@pton neutrinos.
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Figure E.6.: & The angularly averaged positions of the shock front (3adiad the neutri-

nospheres (dashed electron neutrinos, dashed—dottedeiton neutrinos, dot-
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the better resolved model Wi0.91°. b: The neutrino luminosities measured at
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Figure E.7.: Regions of convective motions inside the nascent neutesrastfunction of time
for a: model Wolt—141°. b: model Wolt-0.91°. Also shown are density con-
tours (dashed) of 6, 10'3, 1012, 10t g/cn?® (from bottom to top) and radii (thin
solid) of 5, 10, 15, 20, 25, 30, 50 km (from bottom to top). Thik solid line
represents the position of the electron neutrinosphere.alost black shaded
region indicates regions where the evaluation of the Ledwitgrion with the
laterally averaged 2D—data indicates instability. Thekdaey region indicates
where the condition, > 7 x 10’ cnys is fulfilled in a 2D—simulation. Finally, the
light grey region indicates where heavy nuckd\y > 57 A Xy > 0.1) are present
(compare also to Fig. 3.8). Note that the evaluation of theolue criterion with
laterally averaged data predicts convective instabilityere indeed convective
flows are found (compare e.g. to Fig. 3.17), except for thelfanM < 0.2 M, .
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Figure E.8.: Snapshots of the lateral velocity (left) and entropy (rjdbot model Wolf-1.41°
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