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Introduction

In 1957 Margaret and Géoey Burbidge, William Fowler, Fred Hoyle, and Alistair Camero
presented in a pioneering work the details of nucleosyighaesstars by neutronB{rbidge
et al. 1957 Cameron 195)( The theories at that time claimed that all elements warsady
present after the Big Bang and before the first stars were fgnmedntrast to their work, which
explained the origin of metdiss a consequence of processes occurring in stars. Accdading
Burbidge et al(1957 “the history is hidden in the abundance distribution of tHersents”.
Their reasoning was based on three main features, whicheamsbnguished in the element
abundance curve (Fid.1): A rapid drop of the abundance from mass numbetsJAto A = 50,

a big peak around A 56, and smaller, slow decline (with mass number) of the ahooess for
A > 56. From each of these features it is possible to extract sofmenation about properties
of the nuclei and hints on the mechanisms that led to themé&bion.

The most abundant nuclei, hydrogen and helium, are ashbs &ig Bang. These ashes them-
selves are burned in stellar interiors producing the mietalements as residue. During the
life of a star, nuclear burning in the center produces thequnee necessary to hold the star up
against the force of gravity. The price paid by the star isdi@nge of its composition: In the
first burning stage hydrogen is burned to helium, which im tigsrconverted to carbon in the
second stage. Increasingly heavy nuclei are produced ilatidwestages. Once one type of fuel
is exhausted, the star contracts and its central temperasas, thus allowing for the next type
of fuel to be ignited. This process continues, in the caseadsive stars(M > 8 M,), until an
inert core of iron is formed in the center.

These burning stages give rise to the nuclei from mass nufbet to A ~ 50. The decrease
of the abundances in this mass number range is due to théa&che Coulomb barrier rises as
the nuclear charge increases. On the other hand, also ttiedienergy per nucleon increases

1Elements heavier than He

2For low mass stars, i.e. M8 M, the final composition of the core depends on the central éeatpre that
the star can reach and which is related to its mass (grantatpressure). For stellar evolution reviews with
discussion of the dierent burning stages, s€tayton(1968; Arnett (1996
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with nuclear mass and reaches its maximun?fge, the most tightly bound of all nuclei. This
explains the pronounced abundance peak around iron. Thleigron of any heavier nuclei by

direct fusion is endothermic and thus strongly suppressaudpared to the lighter ones. From
the astrophysical point of view the production of elemeigister than iron in stellar interiors is

well understood (se€layton 1968. Most of the iron is produced in thermonuclear supernovae,
violent events in which the explosive disruption of a whiteadf is triggered by mass accretion
from a companion star.
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Figure 1.1: This is the original figure of the paper Blurbidge et al(1957, which shows the element
abundance distribution. One can distinguish the elements formed by nucséam fn stellar interiors,
they are indicated in the figure as H- and He-burning products. Theipdh& iron-group elements is
one of the most remarkable features. For heavier elements r, s, and gténtiat they are generated
by rapid andslow neutron capture or bgroton capture, respectively. The numbers=£MN0, 82, 126)
correspond to magic numbers for closed neutron shells.

After the iron-group peak the abundance curve exhibits ahnslower decrease with mass
number and the absolute abundances are much higher thaalties wne would expect if they
were produced in the same way (i.e. by charged-particletiozes} as the lighter elements.
Where and how are these heavy elements produced? The basiamsso for nucleosynthesis
beyond iron is neutron capture, already proposedbybidge et al.(1957). As a result of
neutron captures, a nucleus is transformed into heaviéwpges and moves out of the valley
of stability. Eventually it undergoes a beta decay, whi@mnsforms a neutron into a proton
and thus increases the charge number Z by 1 without chanenghass number A. If every
neutron capture is immediately followed by a beta decay tlhegss is known as s-process.
Here s means slow and refers to the fact that the neutronresjitoescale is longer than the
beta decay timer; < 7,). Therefore the new nuclei remain close to the valley ofitabin
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contrast, when the timescale between two neutron captartioes is much smaller than the
beta decay timescale4 > t,), nuclei are produced far away from the valley of stabilinda
close to the neutron drip line. This process is called rapidmocess. For both processes
maxima in the abundance distribution are reached for ceftaagic” neutron numbers, which
correspond to closed neutron shell configurations. Howexeing to the fact that s- and r-
process occur alongfiierent paths in the N-Z plane these maxima are locatedfateint mass
numbers. This is the reason for the double peaks visiblegniFL

Different astrophysical sites are needed for these two kindsooépses. The s-process nuclei
are understood to be products of neutron captures on ptiegxsslicon-iron “seed” nuclei, oc-
curring under hydrostatic burning conditions in both heliburning cores of massive stars and
particularly the thermally pulsing helium shells of asywotjt giant branch stars. The r-process
nuclei are primary nucleosynthesis products formed ungieme and dynamic conditions.
However, the exact site where r-process takes place isistilear. The most promising sites
are associated with supernova explosions of massive stam@lready proposed [Burbidge

et al. (1957. However, there are other possible r-process scenakeseutron star mergers
(Lattimer et al. 1977Rosswog et al. 1999which can produce an r-process abundance pattern
consistent with the solar system matterdiburghaus et al. 1999However, it seems problem-
atic that the frequency of such events in the Galaxy is too([Qian 2000 Argast et al. 200%
and therefore a high amount of r-process matter has to beedjper event, which is inconsistent
with the level of scattering of r-process abundances okservthe halo stars. Accretion disks
and outflows in collapsing stellar cordseBlanc & Wilson 197(Q Cameron 200lare another
possibility also tied to massive stars and supernovae.

The core collapse supernova is one of the most promisinghenbest-studied r-process sites.
However, neither the explosion mechanism itself, nor theeusynthesis taking place during
the explosion are well-understood. In the following sawsisome details of this scenario and
its nucleosynthesis implications are given.

1.1 Core-collapse supernovae

The composition of massive stars changes with time as thehrgogh diterent hydrostatic
burning stagesArnett 1996. At the end of their life massive staré/posley et al. 2002have
developed an onion-shell like structure with a central ¢beg consists of iron-group elements
and is surrounded by shells of lighter elements — arounddfreesilicon, and further out oxygen,
neon, carbon, helium, and finally hydrogen. The inert iroredocreases in mass owing to the
silicon burning taking place at its surface. When the coresnagproaches a mass close to the
Chandrasekhar mass limit (about 1 M4), the gravity cannot be balanced by the pressure of the
degenerate electrons any more and the core becomes urestdlgtarts to collapse. During the
collapse gravitational energy is transformed into inteemergy, which initially can be radiated
away in form of neutrinos. However, this energy loss is sémppoon, when the density in
the contracting core exceeds a density of abodtglént3. At such densities the opacity for
neutrinos becomes so high that they cannot stream out faeelare “trapped” in the collapsing
core. Therefore most of the released gravitational enezgiyams stored as internal energy in
the core.

The collapse is stopped when super-nuclear densities acbed and a proto-neutron star con-
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sisting of almost incompressible matter forms. In the cetite matter overshoots the hydro-
static equilibrium density and bounces back, thereby geimgy pressure waves that steepen
into a shock wave, which travels outwards into the still livig matter of the progenitor star.

Initially it was thought that this shock wave could propagiirough the outer layers of the star
and make them unbound, triggering an explosion. Howeveéuyited out that in general this
“prompt explosion mechanism” does not work, because thekshave siffers severe energy
loss and stagnates at only 20200 km, still inside the collapsing iron core. On the one hitued
energy loss is caused by the endothermic dissociation afdhegroup nuclei falling through
the shock. On the other hand, once the post-shock densitglleasbelow the trapping density,
neutrinos are able to streanft éreely again and remove considerable amounts of energy from
the shock wave.

Already Colgate & White(1966 proposed that neutrinos leaking out of the forming neutron
star, the so-called proto-neutron star could deposit gnerthe layers close to the shock and
compensate for these energy losses. Ind¥diton (1985 found in numerical simulations
that neutrinos emitted by the proto-neutron star can depasugh energy behind the shock to
revive it and trigger an explosion (see aBethe & Wilson 198%. Furthermore, it turned out
that this mechanism requires several 100 ms of neutringygriposition before the explosion
sets in. Consequently it is known as the “delayed, neutrimged explosion mechanism”.

However, improved simulations (e.g. better microphysgeneral relativity &ects, more so-
phisticated neutrino transport, multidimensional hygmamics) that have been performed in
the past 20 years failed to demonstrate that the delayed®gpl mechanism works robustly
(Rampp & Janka 2002002 Buras et al. 20032006ha; Mezzacappa et al. 200Liebend6r-
fer et al. 2001 Thompson et al. 20Q3.iebendérfer et al. 2005 Although several successful
simulations have been reportdfiitaura et al. 2006Buras et al. 2006Burrows et al. 2005
the viability of this mechanism for a wide range of param®{erg. progenitor masses, rotation
rates) remains unproven. Nevertheless, all these sirmnkhave helped to understand which
effects play important roles. For example convection and dthérodynamic instabilities have
been recognized to improve thé&ieiency of energy deposition behind the shoklefant et al.
1994 Burrows et al. 1995Janka & Miuller 19951996. Despite these problems the delayed,
neutrino-driven mechanism is still the most promising argltion for supernova explosions of
massive stars (sé&ethe 1990Kotake et al. 2006Woosley & Janka 200%r reviews).

Independent of the details of the mechanism that leads et of the explosion itis expected
that the densities around the nascent neutron star willedserin the subsequent evolution,
which will allow for the formation of a neutrino-driven wineimanating from the neutron star
surface.

1.2 Neutrino-driven wind

Neutron stars are born as extremely hot and dense remnahts@nter of exploding massive
stars. Shortly after their formation they heat up to temjees that can reach tens of MeV and
become even higher than 50 MeV for soft nuclear equationtaté ¢e.g.Burrows & Lattimer
1986 Keil & Janka 1995 Pons et al. 1999 Their gravitational binding energy is carried away
by neutrinos, which are abundantly produced at such camditi On a timescale of seconds
these neutrinos ffuse out of the interior of the star and escape from their megace of last
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scattering, the neutrinosphere. By the associated enerjiepton number loss, the hot, still
proton-rich and neutrino-opaque proto-neutron star throsrses to the final cold, neutron-rich
and neutrino-transparent remnant during roughly the firstte of its life.

Outside of the neutrinosphere the radiated neutrinos,wawe typical energies of 10—-20 MeV,
travel through a layer with a very steep density gradient@eateasing temperature. It is un-
avoidable that the residual interactions of the high-eparyutrinos with the cooler stellar mat-
ter deposit energy in this region. This energy transfer do¢sllow the “surface” layers of the
hot, neutrino-cooling neutron star to remain in hydrostafjuilibrium, but leads to mass loss
at a low rate in a neutrino-driven outflow of baryonic mat@ucan et al. 1986/Noosley &
Baron 1992. This outflow, the so-called “neutrino-driven wind”, uréstably accompanies the
birth of a hot, neutrino-cooling neutron star, independdrhe details of the not finally under-
stood supernova explosion mechanism. The mass loss of sitemtaneutron star begins after
the supernova explosion has been launched and continuéshenteutron star is essentially
transparent to neutrinos.

Only in case the neutrino-driven outflow becomes superdmgyond a critical point, the sonic
point, it truly deserves the name “wind”. In such wind sabas the physical conditions at the
neutrinosphere and behind the supernova shock are cadsbnnected. The presence of the
sonic point unambiguously determines the solution for @mgivalue of the driving luminosity.
Wind solutions possess the highest (“critical”) mass laés (and the lowest specific total en-
ergy of the ejected matter) for a given neutrino luminodiiysical solutions with larger mass
loss rates (and lower specific total energy) do not exist. érawass loss rates (higher specific
total energies) correspond to “breeze solutiodgik@hashi & Janka 199Dtsuki et al. 200D

In these, the outflow velocity reaches a maximum and theredses again to asymptote to zero
at infinity. The whole region between the proto-neutron staface and the outer boundary of
the considered outflow is therefore in sonic contact. Whiledagolutions are characterized
by a continuously rising velocity and decreasing tempeeatihe temperature of breezes levels
off to a constant value at large radii where the flow is dominatethternal instead of kinetic
energy. This limiting value of the temperature at largeatises from the neutron star is an
additional characteristic parameter of breeze solutions.

1.3 Nucleosynthesis in neutrino-driven winds

This flow of baryonic matter is a rapidly expanding and caplimgh-entropy environment —
conditions that can lead to the production of elements leedkian the iron group. A number
of parameters have been recognized to determine the dagsbr-process nucleosynthesis in
the neutrino-wind environment:

e the neutron-to-proton ratio in the wind, expressed in tesfrike electron-to-baryon ratio
or electron factiore;

¢ the expansion timescale, which decides how fast the temperature and density of the
outflowing matter drop;

e the wind entropy per nucleos, as a measure of the photon-to-baryon ratio of the envi-
ronment.
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Nucleosynthesis processes taking place during superxpaasion start with high temperature
and density. The extreme conditions in the first phase of tipermova explosion allows the
system to be in nuclear statistical equilibrium (NSE), itkeere is a balance between nuclear
reactions, which produce heavy nuclei, and photodisiategr that decompose those existing
heavy nuclei into nucleons. The entropy for a system in dgjiuin has a maximum, which
means that the system has evolved until all possible statb®e dotal energy are available. In
nuclear statistical equilibrium the mass fraction of a BusfZ is given by Meyer et al. 1992
Woosley & Hdfman 1992

dAYIYN exp[ B(E’TA)] , (1.1)

(1-A)/2~(3A-5)/21 A3/2 KT e
Y(Z A) = G(Z, AL (3 Iall-A2pEA-SN2 A32 [ —
(Z.A) =G(Z AILB) ] —
whereG(Z, A) is the nuclear partition functiorB(Z, A) is the binding energyl is the temper-
ature,k is the Boltzmann constant(3) is the Riemann zeta functiomy is the nucleon mass,
Y, andY, are the proton and neutron fraction, respectively, amlthe photon-to-baryon ratio
given by

n 1 g (BKT

- oNa  72(hd3® pNx (12)

¢

whereg, in the spin factor for photonsyis the Plank constani, is the Avogadro number, and
p is the baryon density. The photon-to-baryon ratio is propoal to the entropy per baryon in
a relativistic gas, which is

4 (kT)3
Sx za ,
3 pNA

(1.3)

herea is the Stephan-Boltzmann constant. Therefore, combinirsy ) and (.3) we get the
relation between the photon-to-baryon ratio and the egtiag ¢ ~ 10s.

Equation (..1) indicates that the presence of a nucleus depends stronghaodB(Z, A)/kT.

If ¢ is of the order of unity, iron-group nuclei are favored in Nis&tause of their large binding
energies,B(Z, A). In contrast, if¢ is large, many photons are available per baryon, and the
result is a gas consisting mostly of nucleons and alphagbestin which it is dificult to build

up heavy nuclei because they are quickly photodisintedrate

In the first half a second after bounce, the temperatures emsittes are high enough to main-
tain equilibrium. During the expansion the temperaturerelzges and consequently the NSE
composition varies. Fofy ~ 10 (T = 10° K) alpha particles start to appear. With the decrease
of the temperature the reactions begin to proceed more\glant finally the reaction rates
become smaller than the expansion rate. These reactionffirgut of equilibrium and then
“freeze out”. At the breakdown of the NSH{ ~ 6) alpha-particles recombine into heavier
nuclei starting with the triple-alpha reactior(3- *?C), and followed by alpha- and neutron-
captures on the producédC. This is known as “alpha-processiVitti et al. 1994, which
continues until the Coulomb barrier for alpha-particlesdmes too highTg ~ 3) and the
“alpha-rich freeze-out” of the charged-particle reacsitakes place.

In the first one or two seconds after the onset of the explo#ih@proton-rich ejectay > 0.5)
are exposed to an extreme neutrino flux. Recephlich et al.(2006g found that under
such conditions the electron antineutrinos are absorbdebyprotons producing a continuous
supply of free neutrons, which are captured by the seed inu€leis novel nucleosynthesis
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process is known agp-processRruet et al. 20062005 Frohlich et al. 200602005 Wanajo
2006. For later times the ejecta may become neutron-ri¢h<( 0.5). In this case, after the
alpha freeze-out, the expanding matter consists of heagleiniormed by alpha-process and
free neutrons. The r-process sets in when these heavy se&sl capture the neutrons and
experience beta decays. The neutron-to-seed ratio negés$aiild up nuclei toA ~ 240 from
seed nuclei withA ~ 70— 100 has to beY,/Yseeq > 100. Therefore, during the alpha-process
only a few seed nuclei are allowed to be formed in order to leaneigh neutrons left.

In addition to the neutron-richness of the matter, two marddions have to be fulfilled to al-
low for the r-process: The entropy must be high and the expatisnescale short. The entropy
of the wind is typically tens to more than 18 per nucleon, making the wind environment
a candidate for the so-called high-entropy r-proc®4syer et al. 1992Meyer 1994. At very
high entropy § ~ 300kg) the photodisintegration allows for the presence of onlgw $eed
nuclei, and therefore, there are many free neutrons. Ontkiee band, the expansion timescale
plays an important role during the alpha-process. The fipstaareaction is a three-body reac-
tion that is very slow, so that for a ficiently rapid expansion this reaction has no time to start
the formation of heavy nuclei. Only if the time scale is velnpg (around a few milliseconds),

it is possible to obtain a small abundance of seed nuclei dnghaneutron density.

Together with the requirement that the conditions in thedwiave to allow the r-process, the
mass-loss rate decides whether the wind can be the majaresotithe observed galactic abun-
dance of r-process material. These wind parameters (ijgansion timescale, entropy, mass
loss rate) depend on the neutron star properties, in pkatiom the gravitational field of the
neutron star and thus its mass and radius, and on the neamrission of the neutron star, i.e.,
the time-dependent luminosities and spectra of the ratiizeatrinos Qian & Woosley 1995
Since it is mainly the absorption of electron neutringsand antineutrinos;, on free neutrons
and protons, respectively, which heats the stellar gassares$ponsible for driving the mass loss
and for setting the electron fraction in the ejected gasethission properties of these neutrinos
are most relevant.

1.4 Previous works

Transsonic neutrino-driven winds in the context of supeanexplosions and nucleosynthesis
were investigated by means of hydrodynamic simulatiéhiedsley & Baron 199 analytic
discussion Qian & Woosley 1996 Cardall & Fuller 1997, and numerical solutions of the
steady-state wind equation®tsuki et al. 2000Thompson et al. 2001 Otsuki et al.(2000
discussed the fference between winds and breezes, but Wamnajo et al(2001) they con-
centrated on the subsonic solutions for their nucleoswiglalculations, mainly because these
allowed them to set a boundary value of the temperature aé darge radius. This was un-
derstood to mimic the transition of the wind into a denselstfetjecta behind the outgoing
supernova shock, the presence of which hampered the frem&xp of the wind. Such a be-
havior was found in calculations of supernova explosionteylLivermore group, which were
employed in the r-process studiesWbosley & Hdfman (1992, Woosley et al (1994, and
Hoffman et al.(1996, and also in hydrodynamic simulations of neutrino-driwriflows by
Witti et al. (1994 and Takahashi et al(1994), which were started from post-bounce models
provided by the Livermore group. The outflow trajectoriethiese simulations showed temper-
ature and density declining asymptotically to nearly cansvalues, which were reached when
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the flow was gradually decelerated upon catching up with lihees, earlier ejecta behind the
supernova shocksumiyoshi et al(2000 andTerasawa et a(2002 also referred to this behav-
ior for using an artificially imposed constant pressure atdbter boundary in their Lagrangian
hydrodynamic simulations of neutrino-driven mass ejectid he external pressure produced
outflow deceleration similar to that found in the previoupesunova models.

Applying modern, high-resolution shock-capturing schermed a better numerical resolution
to long-time hydrodynamic simulations of supernova explos, Janka & Muller(1995 and
Burrows et al(1995 (see also the more recent model8ofas et al. 2006hsed for nucleosyn-
thesis studies biruet et al. 200bdiscovered the formation of a wind termination shock cduse
by the collision of a transsonic neutrino-driven wind witletdense, slower ejecta shell behind
the supernova shock. So far, however, this reverse shocghwdads to an abrupt deceleration
and shock heating of the fast wind, has not received muchtaite Subtle, potentially signifi-
cant dfects in the r-process nucleosynthesis that may depenceiresiing ways on the location
of and strength of the reverse shock were foundrhpmpson et al(2001). Although these
authors mentioned a rather modest reheating of the windrialltg the reverse shock passage
(that causes a increase of the specific entropy dglfer nucleon), they obtained a consider-
ably enhanced production of third-peak r-process nucleitdwa slower post-shock expansion
and a significantly higher temperature (0.05 MeV instead @f MeV for unshocked winds) at
the time the r-process freeze-out happens. Aemajo et al(2002), alluding to the possibility
of a wind termination shock, introduced a freeze-out valu@s the final temperature of the
wind, i.e., they limited the temperature (and density) dase in the supersonic wind by a cho-
sen lower value. The choice of this temperature was, ndyutalsome degree ad hoc, although
Wanajo et al(2002 justified it by nucleosynthesis considerations. A syst@&rand detailed
exploration of the formation of the wind termination shook,ts hydrodynamical #ects on
the wind properties, and of its nucleosynthetic consegegwwever, is still lacking.

1.5 Aims of this thesis

This work is a study of the time-dependent evolution of thedatermination shock in éierent
stellar progenitors with spherically symmetric (1D) an@tdimensional (2D) models. For this
purpose, simulations of neutrino-driven explosions haenperformed, employing some ap-
proximations to the full supernova physics already usedewipus works $check et al. 2004
2006. The neutron star in the performed simulation is replagea tontracting inner boundary
at which neutrino luminosities are imposed such that superexplosions with a typical explo-
sion energy of 1-& 10°* erg= 1-2 bethe (B) are triggered by neutrino heating. The subsgque
evolution of the relic neutron star and the explosion ejectafollowed until 10 s after core
bounce in the case of one-dimensional simulation and dwaiognd 2 s for the more compu-
tationally expensive two-dimensional calculations. agythe neutron star contraction, which
depends on the incompletely known high-density equatictaié, and the time-dependent neu-
trino emission from the forming neutron star, the sensjtiof the reverse shockifects on the
neutrino-wind properties will be investigated. By meanswved-dimensional simulations one
can demonstrate that convection does not destroy ftieeteof the reverse shock, but makes
it angular dependent. This has a direct influence on the anufugjected matter with high
entropy, i.e. possible favourable nucleosynthesis cmndit The one- and two-dimensional re-
sults found in this work suggest that wind termination sisoagie a robust, long-lasting feature
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in the supernova core just like the outgoing supernova shadkthe neutrino-driven wind are.
Of course, since a final understanding of the explosion nreshmaof core-collapse supernovae
is still missing (see, e.duras et al. 2003006ha, and references therein) and because of the
excision of the neutron star at the grid center (insteadralikiting its neutrino-cooling evo-
lution) and of the approximations contained in the neuttiaosport method, the calculations
of this work will not be able to yield final answers. Nevertsd, the results are suitable for
discussing fundamental properties of the wind terminasback and for developing a basic
understanding of how this so far not well studied aspect péswva explosions may influence
the nucleosynthesis.

This work is structured in the following way. In Chaptr will briefly describe the numerical
approach taken in this work, give definitions of several giias that will be used later, and
present the progenitor stars that are used as initial mo&gbkerically symmetric models are
addressed in Chapt& which starts with a presentation of a reference case,welibby an
analytic discussion and an investigation of how varied lolauy and initial conditions change
the results. Two-dimensional simulations are the topic ofitér4, where the influence of
multidimensional &ects on the ejecta distribution and on wind termination kh®mlution
is analyzed. Finally, summary and conclusions follow in Gaap. Parts of this work were
already presented in the publication&ricones et al(2007).






Model description

The neutrino-driven wind, which sets after the supernoyaaston, has been studied in previ-
ous works by solving the steady state wind equations (sedkampson et al. 2001 However,
full neutrino-hydrodynamic simulations are necessarydal avith the whole problem, i.e. the
wind evolution and its interaction with the ejecta, in a detent way. In this work we are
not interesting in proving the viability of the explosion amanism because the neutrino-driven
wind is independ of it. Therefore, we can use an approxinraggment that allows a higher
variability of the conditions relevant for the wind. We arsing Newtonian hydrodynamics
(Sect.2.1) with relativistic correction for the gravitational pot&l (Sect.2.2). In order to save
computational time and thus to be able to follow the wind fong seconds, simplified neutrino
transport is required (Se@.3). Moreover, we avoid using the nuclear density equatiohitha
needed in the neutron star but it still not well understoodtdad of it, we cut out the interior
(Sect.2.5 and take an inner boundary that mimics the neutron staracian (Sect2.6). With
these approximation one can follow the wind evolution fdfedent progenitor stars, which
initial models are presented in Se2t7.

2.1 Hydrodynamics

The tool we are using is based on solving the Euler equatibiydrodynamics, since the
matter can be considered as a fluid in the non-relativigtid iand in the absence of viscosity
and magnetic fields. These equations express the consereftnass, momentum and energy:

a—p+V-(pv)

0 =0 (2.1)
83%\/ +V-(ow)+ VP = —pVO + Qy (2.2)
%+V-([pE+P]v) = —pV:-VO+ Qg +V-Qum + pQn (2.3)

ot
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herep, v, and P are density, fluid velocity, and pressure, respectivelye Eh= |v|?/2 + €

is the specific total energy, withbeing the specific internal energy, afdds the gravitational
potential, computed by solving the Poisson’s equation.sthece terms, denoted Ky account
for the neutrino momentumQ) and neutrino energy(g) transfer (see SecR.3), and for
the specific net energy gain from nuclear reactioQg)( The latter requires one additional
continuity equation to be added the set of E@s1)¢(2.3) for calculating the evolution of the
composition:

‘9';—? + V- (pXV) = pXi (2.4)
herepX; is the partial density of the nucleusX; denotes the source term due to nuclear
reactions, and is the mass fraction of that species. We do not solve the aucéaction
network, but assume nuclear statistical equilibrium (N8&jng the phase between collapse
and first seconds of the neutrino-wind. Under this assumpatiee can calculate the composition
just from the temperature, density and electron fractiomle temperature and the density
change every time a new hydrodynamical state is computeitk thie electron fraction depends
on the neutrino-matter interaction. Therefore, afterquaning a hydro step and after calculating
the transport, one has to update the energy and compositinaes/by means of the equation of
state. The equation of state (EoS) is needed to close thensyBy defining a relation between
pressure, density, and temperatuPe: P(o, en:, Xi ) with e, being the internal energy.

The equation of state used in the simulations presentedseadid below densities of roughly
103 g cnt® where non-ideal ffects due to strong interactions between nucleons can bly safe
ignored. It was used before in the calculationsJanka & Miller (1996, Kifonidis et al.
(2003, and Scheck et al(2006§. Neutrons, protonsg-particles and a representative heavy
nucleus of the iron group (chosen to ##1n) are assumed to be non-relativistic Boltzmann-
gases in nuclear statistical equilibrium. Electrons ansitpans are treated as Fermi-gases of
arbitrary degeneracy and arbitrary degree of relativit photon contributions are included
as well. Pressure and energy are corrected for Couloffiezte due to the electromagnetic
interactions between nucleons and the surrounding seaaajeti leptons.

The simulations of this work were carried out with the newdrhydrodynamics code and the
microphysics described fycheck et al(2006. The hydrodynamics module is a version of the
PromeTHEUS cOde which is based on a direct Eulerian implementationePilecewise Parabolic
Method (PPM) ofColella & Woodward(1984). It is a high-resolution shock capturing scheme
and performs a conservative, explicit integration of thevddmian hydrodynamics equations
with third-order accuracy in space and second-order acgumdime (see, e.gKifonidis et al.
2003and references therein).

2.2 Gravity

Relativistic défects are taken into account in our Newtonian hydrodynanode by using an
“effective relativistic gravitational potentialR@ampp & Janka 2002 The simulations per-
formed for this work (diferent from those ofcheck et al. 200éemploy the improved version
of this potential described bylarek et al.(2006, who found excellent agreement with fully
relativistic calculations during collapse and the firstesaV hundred milliseconds after core
bounce (test for the later neutrino-wind phase can be fouigect.3.2).
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The approach consist in taking the general relativity \wrsif the one-dimensional Newtonian
hydrostatics equation
10P  GM,

_ N

hereM, is the baryonic mass enclosed at a radiushe Tolmann-Oppenheimer-Volkaequa-
tion is the general relativistic form of EQ.5):

10P  Gifroy 4nr3p 1 P
—_—— = 1+ = |1+ —].
po Or r2 MroyC? I'2 pC?

(2.6)

The Newtonian gravitational potentiab,) have been replaced with the modified TOV poten-
tial:

o) 7 [ =3 13
dr (mTOV r P) 1 (p+e+ P)’ 2.7

Orov(r) = 471G | — + =
rov(r) " f r2\ 4n c? 12\ pc?

r

wherep is the rest-mass density,= pe the internal energy density with being the specific
internal energy, an® is the gas pressure. The usually rather small correctiotiseofravita-

tional potential due to neutrino pressure, energy derssity,flux terms (seMarek et al. 200%

are neglected in EQ(7). The “modified TOV massfyoy is given by

r
Mrov(r) = 4nf0 dr'r’2 (p n C—ez)r (2.8)
with the metric function
V2 2Mrov
F: Jlﬁ'g— rc2 . (29)

The extra factof” in Eq. (2.8), compared to the relativistic definition of the TOV masdeen
the mass integral for reasons of consistency with the Naamomydrodynamics equations and
accounts for the fact that in the Newtonian code there is sondtion between local proper
volume and coordinate volume (for more details, Btegek et al. 200%

There is, however, an importantfiirence of our calculations compared to those performed by
Marek et al.(2009. While the latter included the whole neutron star down todeeter, the
use of the inner grid boundary at a radiyg > O in the present work prevents the evaluation
of the integral in Eq.Z.8) within the neutron star core. We solve this problem by stgrour
calculations with a given value of the modified TOV mass of ¢bee att = 0, Mrov(Rp, 0),
which was provided to us as part of the data set for the irabalditions of our simulations. For

t > 0 we then approximately evolve the modified TOV mass accgrttirthe expression

t t
rov(Ro.) = Prov(Re,0) - [ L) - [4nR PO Gl (210

where the second term on the rhs yields the energy loss fremehtron star core by the total
neutrino luminosity at the inner boundatky(t), and the last term represents the compression
(PdV) work done on the core at the contracting inner boundary. tota¢ modified TOV-mass

at radiusr, which we consider as “gravitational mass”, is thus given by

_ _ o, e
Mrov(r,t) = Mrov(Rp. t) + 47rfR dr'r 2(,o + é)r. (2.11)
ib
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In two-dimensional simulations asphericity of the potalis considered by using two-dimensional
Newtonian corrections added to &

Dyp = IFY + (DY, — DY) (2.12)

2.3 Neutrino treatment

The role of the neutrinos in supernova is crucial, but the tey are included in the whole
problem is not trivial. The most sophisticated neutrinatneent Rampp & Janka 200Buras
et al. 2006kn) has the disadvantages that is computationally very expenghus it makes
impossible to follow the evolution of the neutrino-drivenng during a few seconds, and it
is not enough to explain explosion mechanism in general. l@nother hand, the transport
treatment used in previous works of neutrino-wind wereaagimplified QOtsuki et al. 2000
Thompson et al. 2001 Here, we are using a neutrino transport approximatiowéen both.
The pros are that it is not very computational expensive tiliteasame time we are performing
the radial integration of the grey energy and lepton nunmidereover, the results obtained with
this neutrino transport are qualitatively the same as thes @oming from the most accurate
Boltzmann transport, but not quantitatively. This is exathe disadvantage, i.e. it is not
possible to give final numbers for quantities like the elactfraction, which is crucial for
nucleosynthesis.

The transport of neutrinos and antineutrinos of all flaverbased on a computationally very
efficient, analytic integration along characteristics of ttegiency-integrated zeroth-order mo-
ment equations of the Boltzmann equation for neutrino nurabdrenergy (for details, see the
Appendix ofScheck et al. 2006 The zeroth-order moment of the equation of radiativespant
for spherical symmetry is:

o 10,,.. .

whereE is the energy density arfelthe energy flux. In the rhs the source term is separated into
emission rat&€* and absorption rat®~.

The neutrino spectra are assumed to have Fermi-Dirac simaphich case

00 Xn
F () = f ax— X 2.14
with a spectral temperature that is determined from th® ratineutrino-energy to neutrino-
number flux. Therefore in general the spectral temperatudéterent from the local gas tem-
perature. The closure of the neutrino number and energytiegaas achieved by employing
the flux factor:

f(r,t) = % (2.15)

which couples the local energy (or number) flux with the neotenergy (or number) density.
For f(r,t) we use a prescribed function which was determined by fitsa@ati! Carlo transport
results Janka 199\ This yields a reasonably good approximation in the trarept and semi-
transparent regimes but is not designed to accurately dapeothe dtusion limit at very high
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optical depths (where due to numerical reasons the apgitgad§ the approach is anyway
strongly constrained by the need of very fine grid zoningt.S&8).

Therefore, assuming thatf = 0 and in terms of the luminosity(= 4nr?ce = 4nr?fcE, with
Cer = fc being the &ective speed of neutrino propagation), Rgl@ can be writing as:

0 o, . . _
EL + ceffEL = 4nr<cg(QF — Q). (2.16)

The codficientsQ* andx = «/f = 42r’Q /L can be considered constant between two points
(r, t) and ¢*, t*) which are connected by a characteristic line= r — ct(t — t*). Under this
assumption, Eq.16) can be solve analytically. Details about the numericaésudto calculate
the luminosity as a function of time and radius are giveScheck et al(2006. The integration
yields the neutrino numbeL (= L,) and energy fluxed(= L) as functions of time and radius
for three neutrino typesve, ve, andvy (with vy = v, v,,, v;, ¥;). Our approach thus accounts
for the luminosity contributions due to the accretion onftbrening neutron star.

The neutrino source terms in the transport equation 2Ed and thus the source terms for lep-
ton number, energy, and momentum in the hydrodynamics eqsanclude the most relevant
neutrino-matter interactions:

e Charge-current processes with neutrons and protons,

VetNe— p+e, (2.17)
Ve+pe— n+e", (2.18)

e Thermal electron-positron pair creation and annihilgtion
€ +e «— v+ (i=eu 1)), (2.19)

e Neutrino scatteringfd nuclei (A), nucleons, and electrons and positrons,

A
— v+ : (2.20)

oo s >
®o >

The neutrino emission and absorption rates for these pgesesme described in detail in the
Appendix D.6 ofScheck et al(20096.

2.4 Definitions

Here we introduce some quantities that will be used in thieviehg chapters. The neutron
star is defined by its radius and mass. The neutron star rdg}jiusorresponds to the location
where the density is #&gcnt3. The baryonic and gravitational mass are computed for the
matter inside the neutron star radius. The baryonic mageeafeutron stai,, is given by the
central point mass plus the mass integral over all the gnieegdelow the neutron star radius.
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The gravitational mass for the neutron star is given by Ed.1j for r = R,s. And the dfective
mass for the neutron stavles, is the mass for which a Newtonian force equals the modified
TOV force, i.e.

dProv ~ GMes

dr r2
evaluated at = Ry

We define also some quantities related with the neutrings, the total energy radiated in
neutrinos of all flavours:

(2.21)

t
AE®Y(t) = f Liotr, t)dt, (2.22)
0

whereL'(r, t') is the total neutrino luminosity given by the integratidiieg. (2.16). Usually the
neutrino luminosity and the radiated energy are evaludtemtiaus of 500 km. These quantities
are also given fove andve.

The inner boundary neutrino luminosity is
Lib(t) = Lev(Rib, t) + Les. (R, 1), (2.23)

We use two definitions for the mean neutrino energy. One iséefas the ratio of neutrino
energy flux to neutrino number flux,

(g,) = % , (2.24)

n

and another as rms (root mean squared) energy,

()ms = €?) = kBTm/Z;ZEZ@ , (2.25)

which is the energy that enters the calculation of the neaitbsorption rates on nucleons (cf.,
for example,Scheck et al. 2006 In Eq. .25, T, andn, are the spectral temperature and
degeneracy, assuming that the neutrino spectra have Berat-shape (ER.14).

The explosion energyEe, is defined as the sum of the total energy of all zones of the gri
where the energy is positive, i.e.

Eexp = Z €ot,i Am7 (2.26)
&oti>0

wherei is the zone counteAm, the mass contained in zonendey, is the total specific energy
given by the sum of the specific gravitational, kinetic, ameinal energies,

1
€ot = €yrav t EVZ + €nt - (2-27)

Here we use the one-dimensional Newtonian expression toateahe gravitational energy,

GM(r)

r (2.28)

egraV(r) ==
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General relativistic corrections have been taken into aetan the simulations, but can be
neglected in the pos-processing calculation because tfwitpaf the matter that contributes
to the explosion energy is placed at larger radii, where th@tinian calculation does notftér
from the general relativity one.

Another quantity related with the explosion itself is thelasion timescalete,,, which is the
post-bounce time when the explosion sets in. Here, it is défas the moment when the energy
of the expanding postshock matter exceedS &6y.

2.5 Numerical grid

The hydrodynamic equations are solved in a spherical grig) (In the radial direction the inner
boundary corresponds to a Lagrangian mass shell that iw/Itleédoneutrinosphere, and the outer
boundary is settle at 10'° cm, its exact value is chosen such that the supernova shask do
not run df the grid. We note that the steepening density gradient ieaneéutron star surface
requires extremely fine grid zoning for getting convergeilts of the neutrino-driven outflow.
Therefore, the zone size fulfils the following prescription
dr; = {a’ Rb if r < Reonst, (2.29)

af; if r > Reonst,

wherea ~ 2 — 3%. In the region between the inner boundary and the rdljss = 20— 40 km,
the radial zones have the same size. And betviRgg;and the outer boundary the size of the
zones increases logarithmically with radius.

In the angle direction, all the simulations presented is tork have a resolution afg = 1°
and are performed for half sphetg,; = 7. We denote as “north pole” the angle= 0, and as
“south pole”d = .

We typically use about 1000 radial mesh points and, for tredwnensional simulations, 180
angular beams.

2.6 Boundary conditions

In our simulations we replace the inner core of the neutran(sisually roughly M, of bary-
onic matter) by an inner Lagrangian boundary of our grid, sehprescribed contraction is
supposed to mimic the shrinking of the nascent neutron staia@ses energy and lepton num-
ber by neutrino emission. Using this inner boundary, whyghdally is located at a. optical
depth of more than 100 and a densityogf > 10*3g cnm3, does not only allow us to apply the
simple neutrino transport approximation described ablowtalso gives us the freedom to vary
the time-evolution of the neutron star radius and of the ocexgrino fluxes imposed at the inner
grid boundary. This makes sense because both the equatstatefof hot neutron star matter
and the neutrino transport in nascent neutron stars are malyfunderstood. Changing the
inner boundary conditions thus allows us to investigatedifferences resulting from fierent
explosion energies and timescales and fromfi@idint evolution of the neutrino-wind power in
a given progenitor.
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Three parameters serve us to describe the motion of the bmerdary:R;, R;, andt,. The
initial radiusR; is the radius of the inner core that we chose to excise fronptst-bounce
models we start our simulations frofig; is the final radius of this core for tinte— oo, andty
is the timescale of an exponential contraction accordirtgeexpression

Ro(t) = R + (R — R)e™®. (2.30)

Our standard choice af = 0.1 s reproduces the contraction of the excised core durinfiréte
few hundred milliseconds after bounce as found in full-s@lpernova simulations with the
equation of state dfattimer & Swesty(1991), using the energy-dependent neutrino transport
of the VerTEX code (cf.Buras et al. 2006and also Fig. 1 irscheck et al. 2006

In the simulations presented here we also explore the coesegs of a dierent time-
dependence of the neutrino luminosities imposed at the gme boundary (see Sect3.1and
3.5). The explosion energy of a model is mostly determined byctiwce of the initial values
of these luminosities (in particular those@fandve). These initial values are constrained by
the prescribed total loss of neutrino energy from the corenduhe proto-neutron star cooling,

AE% e and by the total loss of lepton number:

—_ ! ’ ’ ’ AEE/OI KVe K‘_’e
AYecoret) = Ny Lore fo (Liye(Ribs 1) = Lige(Rip, t))dt’ = ,Core(@e)ib L

Nb,core
The relative contribution of. to the total core luminosity is set to 20%, (i.&,, = 0.2 in
terms of the parameters introduced3oheck et al. 20Q6the contribution ofe is determined
from requesting\ Yecore = 0.3, and the muon and tau neutrino contributions then follawfr
K,. + Ky, + 4K,, = 1. The mean energies of the neutrinos entering the compoégtgrid at
the inner boundary are chosen todg)® = 12 MeV, (¢;,)P = 16 MeV, and(e;,)? = 20 MeV
whenv, denotes muon and tau neutrinos and antineutrinos. Thesgienare kept constant
with time.

). (2.31)

Because of the contraction and post-bounce accretion ofrtite-peutron star, the density and
optical depth in the layers near the inner grid boundary narease to such large values that
the application of our transport approximation becomedgirient by the required very fine
zoning, and the equation of state fails to describe the dstedar matter. Whenever the
optical depth begins to exceed a certain value (usuallyeshés be 300), we shift the inner
boundary to a larger radiu§b(tcut) and thus to a larger mass shell where the neutrino optical
depth is significantly lower (usually 200 feg). The additional excised baryonic mass is added
to the previous core mass and the gravitational mass of theinereased core is set equal to
the gravitational mass computed at radRigtc.) where the new inner grid boundary is placed
(see Sect2.2). The subsequent motion of the new boundaryt fert.; is assumed to follow the
function

Ry(®) = R + (Ro(teu) — Re) exp|U(t — tew)/(Ro(tewd) — RY)| (2.32)

wherev < 0 is the recession velocity of the mass shell of the new bayralatimet.,,. The
new boundary contracts in a very similar way as the previogshecause the removed shell is
very narrow. The neutrino luminosities and mean energigee&treaming neutrinos imposed
at the new boundary at= t.; are chosen to be the values computed with the transport chem
at this radius and to have the same time behavior as thd imttisndary luminosities and mean
energies.
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Figure 2.1: Density profiles for the progenitor stars we study (see Tallle The diferences at larger
radii have a big influence for the shock expansion. For the progenitomaass 10.2V, (red line) the
density is lower and therefore the accretion is smaller, which allows to thé& sthezpand more rapidly.
The 15M; and 20M,, progenitor stars (green and blue lines, respectively) present a siitnilatuse,
thus their evolution will be also similar. The biggest progenitor (orange ling)2bM and very high
accretion rate, which leads slow shock expansion and a massive nstaron

2.7 Initial model and progenitors

We start our simulations a few milliseconds after bouncefatidw the shock stagnation and
subsequent expansion, as well as the beginning of the widdrenits later interaction with
the evolved supernova core. Starting after collapse allssv® ignore the neutron star in our
simulation, and thus to reduce the computational time. Tdre aime of the model presented
here corresponds to a few milliseconds after bounce (sele Zal). The collapse and bounce
have been computed with neutrino-hydrodynamics coglet producing the initial data for
our simulations (A. Marek, private communication).

Table 2.1: List of progenitors used in the simulations
Progenitor Mzaus [Mo] t after bounce [ms] Reference

s10.2 10.2 15.6 A. Heger personal communication
s15s7hb2 15 15.1 Woosley & Weavef1995

s20.0 20.0 10.3 Woosley et al(2002

s25a28 25 12.9 Heger et al(2001)

We have used four progenitors which cover a zero age mairesegunass (ZAMS mass) range
from 102M,, to 25M,, (see Table.1). Figure2.1shows the density profiles of the progenitor
at the time our simulations start.






Spherically symmetric hydrodynamic
simulations

One-dimensional simulations require only modest amouhtomputing time and therefore
allow us to investigate a wide parameter range and also tty she evolution of the wind for
several seconds. Since the neutrino-driven wind is spdigjiit the absence of rotation, which
is not considered in this study), the one-dimensional agugras adequate to study the evolu-
tion of the neutrino-driven wind and provides already basformation about the interaction
of the wind with the explosion ejecta. However, in order talgme this interaction in detalil
multidimensional simulations have to be performed (see CHapn this chapter we present
the results of our time-dependent one-dimensional hydradyc simulations. An overview of
the computed models will be given in SeBtL A comparison with fully relativistic wind solu-
tion is presented in Se®.2 Sect.3.3 contains the description of a reference case, which was
computed for a certain choice of the time-dependent comndraof the inner grid boundary and
of the neutrino luminosities imposed at this boundary. 10tS24 we demonstrate that basic
features of the wind termination shock can be understoodrbpls analytic considerations.
Furthermore, we investigate the influence of variationsefdonditions at the inner boundary
in Sect.3.5, and finally we discuss the neutrino wind evolution iftelient progenitor stars
(Sect.3.6).

3.1 The computed models

A list of computed 1D models with their characterizing paesens is given in Tabl8.1 We
have performed simulations for progenitor stars which aesgnted in Tal2.1 Extensions
of the model names (“r1”, “r2”,....) indicate fikerent prescriptions for the contraction of the
inner grid boundary, whose motion was varied by choositigdint values of the final radius
R and of the exponential contraction timescl€éEq. 2.30. Larger numbers in this sequence
correspond to less quickly contracting or less compactrorustars. Moreover, we varied

25
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the sum of the, andv, luminosities imposed at the grid boundary with respect toittitial
value as well as time-dependence. In most of the calcukatiom luminosities were chosen to
be constant during the first second of post-bounce evolaimhto decay proportional to%2
afterwards as ischeck et al(200§. Such models are labelled by the extensions “|1”, “I2”, etc
with a higher number meaning a lower initial value of the baany luminosity. In another set
of calculations the boundary luminosities were assumedte la smoother time-dependence
(with no jumps in the time derivative) and in particular widss neutrino energy radiated at late
post-bounce times. The luminosities were prescribed as

_JLo ift<0.558
L(t) = {Lof(t) if t> 0.55 3.1)
with
(D) = exp[—(t - 0.5)2] +b[1+(t-05)"]" .

1+b) ’
where the time is measured in seconds. The corresponding models can bgnieed by the

letters “It” in their names. The parametewas set to 1.5 in both cases, while- 0.2 was used
for model M15-It1-r4 and = 0.3 for M15-1t2-r3.

A comparison of these models allows us to study the influehdéi@rent contraction behavior
of the nascent neutron star. The contraction determine®tbase of gravitational energy from
the mantle layers of the compact remnant. The accretionnlosity generated in the mantle
adds to the core flux (given by the imposed boundary conditma has an influence on the
explosion timescale and explosion energy of a model and dhuthe location of the mass
cut and the baryonic mass of the neutron star. The corregppigdavitational mass, which
decreases when energy is lost in neutrinos @Ef0), the radius of the neutron star, and the
luminosities and mean energies of the radiated neutrinr@crarcial parameters that directly
affect the neutrino-wind properties as functions of time Q& & Woosley 1995

We note that the supernova models we study here do not pestit thange individually
and independently all parameters and conditions tifatathe neutrino wind properties and
that determine the behavior of the wind termination shocke Wind depends, e.g., on the
neutron star gravitational potential and thus on the newtar mass. The latter becomes larger
when the post-bounce accretion phase lasts longer and ples@n happens later, or when the
progenitor is more massive and therefore the iron core astdlpmince accretion rate are larger.
More massive progenitors thus tend to produce neutronwttirdigger masses. For this reason
one cannot disentangle the influence of the progenitortstreion the wind termination shock
from the dfects of the neutron star mass on the neutrino wind.

In order to structure the discussion, we decided to firstrit@sbasic features in case of alg
reference model, then to vary the boundary conditions fierrttodel, and finally to present the
results for diferent progenitors.

3.2 Comparison with fully relativistic wind solutions

In this section we will discuss our simulation approach iewiof other published work on
relativistic steady-state solutions for neutrino-drivgimds. General relativistic (GR)fiects
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Table 3.1: Model parameters of our spherically symmetric simulations. THerdint models are char-
acterized by the chosen contraction of the inner grid boundary, whictpiegsed in terms of the final
radiusR; and the exponential contraction timesdalécf. Eq.2.30. Different choices of these values are
indiced by the extensions “rl”, “r2”, etc. of the model names. In additildffierent initial luminosities

of ve plusve (Measured in bethe [B} 10°erg per second) are imposed at the inner grid boundary in
case of our standard luminosity behavior (constant until 1s and theti’adecay). These variations
are reflected by the extensions “I1”, “I2", etc. in the model names. Magdkie time-dependence of
the boundary luminosity has been modified to a luminosity decay that is more rapithtthe standard
description (Egs3.1and3.2, models with “It” in their names).

Model Contraction LP +L? Progenitor Mass

(R, to) [B/s] [Mo]
M15-11-r1 9km; Q1s 525 15
M15-11-r2 9km; 02s 525 15
M15-11-r5 11km; Ol1s 525 15
M15-11-r6  14km; O1s 525 15
M15-12-r1 9km; 01s 386 15
M15-13-r3  10km; O1s 358 15
M15-1t2-r3 10km; Ol s 552 15
M15-1t1-r4 10.5km; Ol s 558 15
M210-11-r1 9km; Q1s 525 10
M10-I5-r3 10km; O1s 303 10
M20-11-r1  9km; O1s 525 20
M20-13-r3  10km; O1s 358 20
M20-14-r3 10km; O1s 331 20
M25-15-r4 10.5km; OLs 303 25

have been recognized to cause important changes of thentewind properties, e.g., to lead
to a decrease of the expansion timescale and to an incredke wiind entropy, se®ian &
Woosley(1996, Cardall & Fuller(1997), Sumiyoshi et al(2000. A comprehensive discussion
of these €fects in comparison with the Newtonian treatment was praliole Otsuki et al.
(2000 andThompson et al2001).

In our simulations we account for relativistic gravity ordy using a modified féective poten-
tial (Sect.2.2), but otherwise we solve the Newtonian equations of hydnadyics. We also
ignore relativistic redshift and ray bendin§exts in our description of the neutrino transport
(cf. Scheck et al. 2006

The use of the generalized potential in a Newtonian hydradyos code was shown previously
to yield results in very good agreement with relativisticesgollapse simulations up to several
100 ms after core bounceiébendorfer et al. 2009Varek et al. 2006 For the later neutrino-
wind phase we tried to compare with solutions plottedTiwompson et al(200]) for cases
when our neutron star masses, neutron star radii, and netitgating rates were similar to the
ones considered in that paper. Unfortunately, we were ertallind moments in our simulations
where all relevant parameters match up exactly the casesdewad byThompson et a2001).
As far as a comparison was possible, we observed satisfaagoeement in the main properties
characterizing the wind.
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Figure 3.1: Derivatives of the velocity (top), density (middle), and temperature (botamrfunctions
of radius from our hydrodynamic model M15-11-r1 at 1.5 s after boybtzeck lines) compared to these
derivatives as computed from the relativistic stationary wind equationg®f(g)—(7) inThompson et al.
(2009 (blue curves). These equations were evaluated by using the valadlsgak quantities as pro-
vided by our hydrodynamic model. Consistency between our hydrodysaesalts (with approximative
treatment of relativity) and the fully relativistic wind solution would require tberesponding lines to
lie on top of each other. The agreement is very good and the sonic poinatetbat about 80 km in both
cases. This location is a critical point of the wind equations, which explagngathological behavior of
the curves there. The evaluation of the expression for the temperaautierris numerically inaccurate
in a region where the two terms in Eq. (7) of Thompson et al.'s paper aydarge and have opposite
signs, in which caseT/dr becomes slightly positive while the hydrodynamical result is still negative.
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Figure 3.2: Radial profiles of the net total neutrino heating rgf& (top), ve and ve luminositiesL,
(second panel, in bethe per second ot*H0g s1), mean neutrino energiés,) (third panel; Eq2.24),
rms energiese, )ms (fourth panel; Eq2.25, and flux factor for model M15-11-r1 at 1.5 s after bounce.
For comparison with Thompson at al. (2001), we also stphand{e, ;s as used in that paper, rescaled
to our values ot.,, andLy,, the flux factor with and without relativistic corrections from that workg an
the Newtonian and GR charged-current heating plus cooling rates ubimgpson et al.’s formulas,
evaluated with our neutrino luminosities and rms energies (red and bluesyonith the rescaled rms

energies of Thompson et al. (green curve). The vertical dashed liriesitine position of thee-sphere,
and the vertical dotted line the neutron star “surface” at a density'gfgldhT3.
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A more gquantitative comparison is hampered by the fact #iativistic neutrino-wind simula-
tions are not available to us. We therefore decided to magetEqgs. (5)—(7) for the velocity
derivative,dv/or, the density derivativejp/dr, and the temperature derivativ@T /or, in the
paper ofThompson et al(2007). Figure3.1shows these derivatives as functions of radius at
a certain time for one of our models, compared to the resudta Thompson et al.’s fully rel-
ativistic expressions. Evaluating the latter, we took alhigtities on the rhs. of the formulas
(velocity v, adiabatic sound speed densityp, gravitational mas$/1, neutrino heating ratq, -
etc.) from our model. Ideally, the pairs of correspondingres in Fig.3.1should fall on top of
each other, which would demonstrate consistency of bottutatlons. The overall agreement
of the two cases is very good, with a smalffdrence being visible only around the maximum
of the acceleration, which, however, is located at the saamdeis. Also the sonic point is
nearly at the same position of about 80 km (we are not distlibyethe pathological behavior
of the curves in this region, where the expressions for thivateres have a critical point). We
therefore conclude that our approach reproduces the mpsiriant features of the relativistic
solution, and that relativistic kinematics (which we igapis of minor importance compared to
the dfects of the stronger GR potential, which makes the protdraeistar more compact and
the density and temperature gradients in the neutrinogpteggion steeper than in Newtonian
gravity.

We also compared our neutrino heating and cooling ratestiuitbe used b@tsuki et al (2000
and Thompson et al(2001). Figure 3.2 shows the radius-dependent net (i.e., heating minus
cooling) specific rate of neutrino energy deposition bygharocesses according to Egs. (20)
and (21) ofThompson et al(2001) with and without corrections for relativistic redshiftcin
ray bending, evaluated at all radii with the stellar pararseand the neutrinospheric values of
theve andve luminosities and mean energies from one of our simulatidhs. data were taken
from the same model and time used in AdL The behavior of both curves agrees qualitatively
with Fig. 5a ofOtsuki et al.(2000. Close to the neutrinosphere ray bendirfiigets enhance
the net heating (since GR causes a reduction of the flux fastersible for Thompson et al.'s
prescription of this quantity in FigB.2), whereas gravitational redshifting of the neutrino lu-
minosities and energies grows monotonically with distafnae the neutrinosphere and finally
wins, reducing the GR rate below the Newtonian valdesuki et al. (2000 performed test cal-
culations to disentangle the influence of GR correctiondiérteutrino treatment from that of
the relativistic terms in the wind structure equations. gitesof the sizable change of the local
heating rateQtsuki et al.(2000 found that neutrino redshift and ray bending have onlielitt
impact on the wind entropy. Similar conclusions were adigebyThompson et al(2007).

In Fig. 3.2also the total specific rate of neutrino heating and coolingifour hydrodynamical
model is displayed. This rate includes all contributingqasses, i.e. besides tAeeactions
of ve and v, absorption and production also energy transfer by the esoadgt o electrons,
positrons, and free nucleons, and neutrino-antineutraio gnnihilation, to which neutrinos
of all flavors contribute (cf. the appendix 8theck et al. 2006 This total rate is similar to the
neutrino capture and emission rates of Eqgs. (20) and (2Ihompson et al(2007), because
for the considered situation the neutrino luminositiestagh (see Fig3.2) and therefore the
wind mass loss rate is large and the wind entropy fairly lsw< 50ks per nucleon). At such
conditions of high wind density and modest abundance ef-pairs, the other reactions do not
contribute significantly to the total rate of energy deposit

We point out here that our approximative treatment of neattransport evolves the trans-
port solution self-consistently with the temperature aeddity structure of the stellar medium.
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This is diferent from the light-bulb approach of previous steadyestathydrodynamical wind
studies (e.g.Sumiyoshi et al. 20000tsuki et al. 2000Thompson et al. 2001 Inside the neu-
trinosphere neutrinos and matter are in equilibrium, adatine neutrinosphere neutrinos begin
to decouple thermodynamically from the medium, and at samyel distance they start stream-
ing freely. A changing radial structure of the contractireyitron star leads to changes of the
neutrino luminosities and mean energies, and the gradsaldbneutrinos drives the cooling
and deleptonization of the surface-near layers of the apwtar. In previous wind studies (ex-
cept full supernova models), such a coupling and interdégrece was ignored. Close to the
neutron star surface the flux factor (or flux dilution factesgd in our transport, which is based
on a Monte Carlo calibration banka(1991), is lower than the vacuum approximation chosen
by Thompson et al(2001) andOtsuki et al.(2000, see Fig3.2 Thompson et al(2001) have
tested the improved description Bgnka(1991) and found that itsfects are negligible for the
range of model conditions considered by them. This, howévéue only during phases where
the density gradient near the neutrinosphere is very stedpraregions where the neutrino
luminosities have already reached their asymptotic values

The most important dierence of our simulations compared to other relativisticdistudies is
the diferent treatment of the spectra in the neutrino transpodutrigrey” but non-equilibrium
description of neutrino number and energy transport, werdehe a neutrino spectral tempera-
ture that is independent of the matter temperature and cdiftbeent from it (for details, see the
appendix ofScheck et al. 2006 This leads to higher mean energies/gaindv, radiated from
the neutrinosphere than considered in the other worksr&g)@ shows these mean energies as
functions of radius following the definitions given by Eg2.24) and @.25).

For comparison, Fig3.2 also presents the corresponding mean energies and rmsesnasg
used byThompson et al(2001), appropriately scaled bly’* to account for the larger neutrino
luminosities considered here, and takipg= 0 for neutrinos and antineutrinos. The net heating
rate computed with these rms energies is significantly |aiivan the heating rate from our
hydrodynamic model (FigB.2).

At first glance, our mean energies far andve might appear on the large side. One must,
however, take into account that the mean energies in ourlgiions are significantly lower
in the first~ 0.5 seconds when the neutron star is still rather extendetipaly increase as
it heats up during contraction. They reach a maximum betveeenand two seconds after
bounce to decrease afterwards as the proto-neutron stlr (@@ Sect3.3). So the condi-
tions plotted in Fig.3.2 correspond to a time when the neutrino luminosities aré rstiher
high and the mean energies in this phase at their maximumed®ler, one should remember
that we ignore gravitational redshifting in our transpdrhe redshift from the neutrinosphere
at radiusR, to infinity after the contraction of the neutron star can eeayuite significant,
V1-2GM/(Rc?) = VI-R/R, ~ 0.7..0.8 for; > Ry/R, > %, which reduces the mean en-
ergies for a distant observer by typically 20-30%. In our kewan transport treatment we
prefer to use the higher neutrinospheric energies for atialg the neutrino heating, because
the neutrino-wind properties are mostly determined by thatihg just outside of the neutri-
nosphere, where it is also strongest.
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Figure 3.3: Mass shell plot for the evolution of model M15-I11-r1. The explosion os@sout 0.2
seconds after bounce. The red line marks the supernova shock, ¢hablthe wind termination shock,
the orange lines the locations where the expansion velocity of the gas #wikdsal sound speed (sonic
points), and the green line the neutron star radius defined as the locatoe thie density drops below
101 gcent3. A contact discontinuity separates the dense shell of ejecta that weskerated by the
outgoing shock from the very dilute neutrino-driven wind. Mass shellsenind are labelled by the
corresponding enclosed baryonic masses.

3.3 Evolution of a reference case

In our reference model, M15-I1-r1, the conditions at theeinmoundary were chosen such that
the 15M,, star explodes with an energy efl.5x10°* erg and the neutron star attains a final
gravitational mass of1.2M,, (1.4 M., baryonic) and a radius of 10 km (Tal82).

A mass-shell plot for the space-time evolution of this madadiven in Fig.3.3 The explo-
sion sets in about 200 ms after bounce (at the tiggegiven in Table3.2, which is defined
as the moment when the total energy of expanding mattesstagxceed 19 erg). At this
time the stalled shock is revived by neutrino heating andsstaontinuous expansion with an
average velocity of roughly 10.000 kmts On its way out the shock reverses the infall of the
swept-up matter. After the onset of the explosion, ongoiegtmno energy transfer drives an
outward acceleration of heated material in the gain layeursd the neutron star. At the inter-
face between this dilute neutrino-driven wind and the deoster ejecta a contact discontinuity
is formed. Even farther behind the forward shock, the neatdriven wind, whose velocity
increases rapidly with distance from the neutron starjdmsl with more slowly moving mate-
rial and is decelerated again. The strongly negative viglagadient at this location steepens
into a reverse shock when the wind velocity begins to exckeddcal sound speeddnka &
Muller 1999. First indications of a forming wind termination shock dagseen in Fig3.3 at

t > 350 ms post bounce at a radius 300 km.

Figure 3.4 displays theve, and v, luminosities and the mean energies emitted by the nascent
neutron star (gravitational redshifffects are ignored). One can see the accretion phase with
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Figure 3.4: Luminosities, mean energies according to Ej24), and rms energies (EQ.25 (€);ms >
(€)) of ve andve, and total energy radiated in neutrinos of all flavors for model M15t &g functions

of time (left), measured outside of the nascent neutron star (at a rads@®&m). Note that we do not
include gravitational redshifting in our neutrino treatment. The rapid decfiieeoluminosities after
about 0.2 marks the end of the accretion phase of the forming neutror gteranset of the explosion.
The panels on the rhs side give the baryonic mass and the gravitationa(fEgagsl1) of the neutron
star in model M15-I1-r1, the explosion energy, and the expansion timssafalee neutrino-driven wind
as functions of time. For the latter, the results from thréedent definitions are displayed, namely those
used byQian & Woosley(1996, Otsuki et al.(2000, andThompson et al(2001), given in Egs. 8.3),
(3.4, and @.5), respectively.
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Figure 3.5: Radial profiles of the net neutrino-heating ratedénsity, temperature, entropy (left, from
top to bottom), velocity, mass loss rate, electron fractfgnand mass fractions of free protons and
particles for the neutrino wind in model M15-I1-r1 afférent post-bounce times. For the mass fractions
only the information for the first and last moments of time is provided. The windita&tion shock is
clearly visible in its &ects on the velocity, density, temperature, and entropy of the outflow.
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Figure 3.6: Radius, density, entropy (left, from top to bottom), velocity, temperatuek gctron frac-
tion Ye as functions of time along the trajectories offeient mass shells that are ejected in the neutrino-
driven wind of model M15-11-r1. The times correspond to the moments whemiss shells cross

a radius of 100 km. After a very rapid expansion, the wind is abruptlyldested by the termination
shock. This leads to an increase of the entropy by more than a factor cditdi@o a subsequently much
slower decline of the temperature and density.
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its production of accretion luminosity ending at the time #xplosion sets in. The following
plateau phase until~ 1s and subsequent decay of the luminosities show the infueithe
time-dependence of the imposed boundary fluxes. This isthésoase for the mean neutrino
energies. Their values increase during the first second stflpmunce evolution because the
inner grid boundary and the neutron star radius contract @=B). Consequently, the outer
layers of the neutron star heat up due to the conversion witgt@anal energy to internal energy
by compression. After one second the rapid contractiones and the decay of the boundary
luminosities leads to less energy transport into thesedaydich therefore begin to cool down,
causing the mean energies of the radiated neutrinos tanéecli

Figure3.4 also provides information about the total energy carriedyaty neutrinos and an-
tineutrinos of all three lepton flavoraE;, as a function of time, and the corresponding reduc-
tion of the gravitational mass of the nascent neutron stiae. |&tter is taken to be the modified
TOV mass (Eq2.1)) at the neutron star radil®,s (which is defined as the radius where the
density is 1&' g cnm3). In contrast, the baryonic mass of the neutron star, giyehd&rest mass
enclosed by the radiug,g, initially increases in the course of accretion. After tlkplesion has
taken df, it decreases again only slightly due to the mass loss ingh&ino-driven wind.

The middle panel on the right side of Fig.4 reveals that about 50% of the explosion energy
are contributed by the early neutrino wind, and after 2s thergy has reached 95% of its
final value. The panel below gives the expansion timescdléseoejected mass shells in the
neutrino wind. The first definition follow®ian & Woosley(1996 Eq. 60), who introduced the
dynamical timescale as

r

Tdyn = —
nToy

(3.3)

ks T=0.5MeV

We compare this with the cooling timescale useddiguki et al.(200Q Eqg. 23),

kg T=0.5MeV/e
T = f i . (34)

keT=05Mev YV

variations of which were considered lyitti et al. (1994 cooling time betweeil = 7 x 10°K
andT = 3 x 10°K) andWanajo et al(2001, cooling time betweeksT = 0.5MeV andkgT =
0.2 MeV). The third definition we consider is the oneTdiompson et al(2001, Eq. 32), who
employed the e-folding time of the density instead of thaheftemperature,

-1
: (3.5)

1 ‘ 1dp
kg T=0.5MeV

T”:\_/par

where we set for our Newtonian simulatiops= 1 in Thompson et al.'s Eg. (32). As can be
expected from the fact that the wind is radiation-dominated therefores «« T3/p ~ const,
the timescale, is always significantly shorter than the cooling timeseal¢Fig. 3.4). Ideally,

in such a situation one would expegt/r, = 3, which is more closely reached at later stages
when the wind entropy is higher (Fi§.5. Due to the diferent mathematical expressions in
Egs. B8.4) and B.5), the factor 3 is never exactly realized. The third timesckl. 3.3), yields
aresult that is between the other two values during mostweoédmputed post-bounce evolution
and comes closer to the timescale of E2j4) in the late stages of the simulations.

In Fig. 3.5the radial profiles of dierent wind quantities are given for our reference model M15-
[1-r1 at a number of post-bounce times. The neutrino heatouglerates the wind to a peak
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velocity of about 25% of the speed of light for neutrino lumsitiesL,, ~ L;, ~ 3x10P%ergs™.
The maximum velocity decreases as does the heating rate thbduaminosities decline with
time. The density and temperature in the wind region follawghly the usuat—2 andr-?!
behavior, respectively, in the region where the entropygsrestant. The profiles are slightly
steeper and thus closer to these power laws at later times tigewind entropy is higher
and the wind therefore more dominated by radiation presstine radial profiles op and T
also steepen at larger distance from the neutron starnigadia visible increase of the wind
acceleration at the point where free nucleons recombinegdarticles and the neutrino heating
ceases (see the corresponding panels in . At this radius the entropy of the outflow
reaches its final value. This asymptotic wind entropy insesdrom about 6Ks per nucleon at
1sto around 965 at 10s.

For (approximately) the same values of theandv, luminosities, model M15-11-r1 tends to
yield somewhat lower expansion timescales, slightly logréropies, and a bit higher mass loss
rates than those found Bjhompson et al(2007), see Figs. 5, 8, and Tables 1 and 2 there. This
can be understood on the one hand by the smaller gravitatiwesss of the neutron star in our
model compared to the canonical M4 star considered byhompson et al2001), and on the
other hand it is caused by our larger heating rates due toigihethmean neutrino energies (cf.
our discussion in SecB.2). These dierences fiect the characteristic wind parameters with
different sensitivity. According tQian & Woosley(1996), the entropy scales with the neutrino
luminosity L, the mean neutrino energy the neutron star radiug, and the neutron star mass
M like

soc L™ V8 3R23 M | (3.6)
the expansion timescale like

7o L€ ?RM, (3.7)
and the wind mass loss rate like

M o LY3eX0PRY3M 2 (3.8)

(modifications of these relations due to relativistiteets were addressed Byriompson et al.
2001).

During the first~ 2 seconds after the onset of the explosion, the neutrino wimpdrich, i.e.
Y. > 0.5. This is in agreement with explosion models that employ azBwhnn solver for
the spectral neutrino transport (sBeras et al. 2006bPruet et al. 2006 Afterwards the
electron fraction drops below 0.5, and gradually the wingettgps increasing neutron ex-
cess. Qualitatively, this trend to lowat at later times is reproduced when the neutrino lu-
minosities and mean energies from the simulation are edento the simple analytic relation
Ye ~ [1 + (Ly.6./L,.6.) ]2, although the values do not agree quantitatively. We enipbas
here that the gray and approximative treatment of the meutransport employed in this work
(for a critical assessment, s&eheck et al. 2006s also not able to yield reliable results for
the electron fraction in terms of absolute numbers. The atitipn of v, andv, absorption on
free neutrons and protons sensitively determines the asyimpalue ofYe, an accurate cal-
culation of which requires detailed information of the newd and antineutrino spectra in the
co-moving frame of the expanding wind matter. The wind & tahes might therefore become
significantly more neutron rich than predicted in our modélgyure 3.5 also reveals that the
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Table 3.2: Results of the 1D models at the end of the simulatioris-at0 s after bounceMpg, is the baryonic mass of the neutron stdy, its gravitational
mass (Eq2.11). Both masses are computed for the matter inside the neutron star Radiushis radius is defined as the location where the density is
101 gent3. Moy denotes an “Bective mass” of the neutron star, for which a Newtonian potential equalsdléied TOV potential of Eq.2.7) at radius
Rns- AEo is the total energy radiated in neutrinos of all flavors (measured in bethe [B*! erg),L,, andL;, are the luminosities of electron neutrinos and
antineutrinos measured at 500 km (without gravitational redshiftiag), and(e;,) are the corresponding mean energk&s, is the explosion energy (note
that this energy can still decrease somewhat after 10 s because ofytevedinding energy of the outer stellar layers, which is not included igithexn
numbers)fexp is the post-bounce time when the explosion sets in (defined as the moment wiesrethy of expanding postshock matter exceed$erq),

sy is the asymptotic wind entropy per nucleon, andhe entropy of the outflow after its deceleration in the wind termination shock.

Model time Mbar _<_m:< Mes AEt Ris _|<¢ _|ﬂm Amswv Amﬂmv _mmxu ﬁmxc Swind Ss
[s] [Mo] [Mo] [Mo] [100B] [km] [B/s] [B/s] [MeV] [MeV] [B] [s] [ks/nuc] [ks/nuc]

M15-11-r1 10.0 1.399 1.207 1.910 3.422 10.09 1.73 2.06 16.19.52 1.486 0.201 91.10 190.55
M15-11-r2 10.0 1.446 1.263 2.031 3.335 10.27 1.96 2.28 16.3RP.50 1.174 0.341 94.19 191.29
M15-11-r5 10.0 1.394 1.208 1.703 3.307 1294 1.78 2.11 1437.62 1.371 0.221 71.97 131.94
M15-11-r6 10.0 1.440 1.258 1.648 3.274 16.71 161 193 13.04.98 1.043 0.241 61.04 83.63
M15-12-r1 10.0 1.473 1.280 2.116 3.451 994 174 2.12 16.4®.3®2 1.019 0.381 100.14 193.14
M15-13-r3 10.0 1.545 1.341 2.121 3.709 11.22 199 2.34 15.88.97 0.709 0.701 92.75 155.84
M15-t2-r3 10.0 1.397 1.253 1.906 2.602 11.28 1.33 1.54 45.8.12 1.239 0.221 90.19 132.57
M15-It1-r4 10.0 1.395 1.260 1.878 2.421 11.81 096 1.12 34.37.40 1.231 0.221 91.02 96.92
M10-11-r1 10.0 1.314 1.132 1.721 3.251 10.22 163 196 15.8®.06 1.247 0.321 83.48 476.93
M10-I5-r3 10.0 1.344 1.187 1.745 2.817 11.49 1.47 172 14.98.04 0.716 0.421 80.94 353.32
M20-11-r1 10.0 1.422 1.233 1973 3.388 10.10 1.74 2.05 16.2®.52 1.486 0.181 94.18 127.89
M20-13-r3 10.0 1.595 1.411 2.310 3.383 11.10 160 190 15.88.79 0.375 0.761 105.10 —

M20-14-r3 10.0 1.523 1.332 2.118 3.437 11.03 1.61 2.00 15.69.00 0.847 0.421 95.32 106.84
M25-I5-r4 10.0 1.971 1.657 2944 5924 1156 295 358 16.&9.01 1.700 0.401 113.75 117.89
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mass loss rate reaches its asymptotic value closest to tienusphere, thele, and finally the
entropy.

At a radius of a few 1000 km, the supersonic wind is abruptyveld down in the termination
shock. The compression leads to a density and temperattnease. The conversion of ki-
netic to internal energy in the shock boosts the entropy teerntizan twice the wind entropy
in model M15-11-r1. This is a much more extreme impact of gm@nination shock than pre-
viously suggested in the literatur&{ompson et al. 20Q1 The decelerated wind material is
accumulated in a dense shell between the forward and resieoss. The pressure across this
dense shell is nearly uniform, while the contact discontynbetween the accumulated wind
matter and the dense layer of shock-accelerated progeyasois clearly visible in the density
profiles. One should also notice that the conditions at thedwermination shock are by no
means time-independent as previously assumed in nucldesys calculations (e.gWanajo

et al. 2002. Temperature and density at the reverse shock in modellttb-evolve, because
the radial position of the reverse shock as well as the winggnties change with time. The
impact of the wind termination shock on the conditions in éxpanding wind mass shells is
better visible in Fig.3.6, where the time-evolution of fierent quantities is depicted as seen
co-moving with some selected mass shells. The extremeigt dgeline of the temperature and
density in the fast wind are stopped and switch over to a miakies evolution. After the
wind material has been added to the dense shell between ¢hehtveks, it moves with nearly
constant velocity. Its density therefore decays approtetgdike p o t=2 and because the gas is
radiation-dominated, its temperature follows roughly plogver lawT o t=2/3,

3.4 Analytic discussion of the wind termination shock

The behavior of the wind termination shock and ifeets on the neutrino-driven outflow can
basically be understood by simple analytic consideratidf@ this purpose we consider the
three Rankine-Hugoniot shock jump conditions for mass, nmiome and energy flow,

Prslrs = Ppwlw , (3.9)
Prs + Prsurzs = Py+ qu\?\/ , (3.10)
1 1
§u$s+wrs = éu3V+wW, (3.11)

where the indices w and rs denote quantities of the wind josad of the shock and of the
shocked matter just behind the shock, respectively. The ¥eliocitiesu,, andu,s are measured
relative to the shock velocityy = v — Ug, P is the pressurey the mass density, and =

(e + P)/p the enthalpy per mass unit wheris the internal energy density of the gas. In case of
radiation-dominated and nondegenerate conditions, am&vadée s = (¢ + P)/(ngksT) for the
dimensionless entropy normalized by the baryon demgity p/mg (Mg is the average baryon
mass), and therefore one gets

1
SikaTrs = Swke T = SMe (W, — Uy (3.12)
Since the wind termination shock strongly decelerates timel whe postshock and preshock
velocities fulfill the relatioru2, > u2. Thus the postshock entropy is approximately given by

kBTW 4 1mBU3V
keTrs 2kgTys ‘

Ss ~ Sy (3.13)
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Again making the assumption that the gas on both sides ohibekss radiation dominated, the
dimensionless entropy per nucleon is given by

s= f,a, : (3.14)

wherea, = a/kg = 2.08x 10" erg3cm 2 is related to the radiation constamtandf, is a factor

whose exact value depends on the temperature and thus tierenof radiation and ‘& -

pairs; assuming zero electron degeneracy, the corresppmnainge of values i§ <f < %1

Equation 8.14) can be used to exprekgT ahead of and behind the shock in termssand
p. Using also that the densities are connecteg by Bo, with 8 ~ 7 for a strong shock and

radiation-dominated conditions, one derives

4/3 2 13/4 4/3 2 134
| Sw 13 Yw | Sw U
Ss & [m + @ ﬁ ] m + 335pT/2 , (315)
w,

wherea = f,a,mg/(8B), Uws is the wind velocity measured in 16m s, p,, > the wind density
in 100 g cnt3, and the numerical value in the second expression was agclvithd = 7 and

f, = ‘5‘. Equation 8.15 can be rewritten in terms of the wind mass loss fdtgand reverse
shock radiugs, using

My = 4Rty (3.16)
and assuming that the shock velocity is negligible, andetloeev,, = u,, which gives
4/3 /3, ,7/3 13/4 4/3 er/s 7/3 13/4
Sw 1/3 ers Uy Sw s,8uw,9
Ss~| o5 * (4na) 73 ] ~ [m + 287 — 13 (3.17)
P M B M3,

HereR.sg is in units of 16cm andl\'/IW,_5 is normalized to 1@ M,,. If the wind entropy is low,
Sv < S, Only the second terms in Eq8.19 and @.17) are relevant.

Itis also possible to obtain an estimate of the reverse sposkion from known supernova and
wind parameters. In case of a strong shock, Pe.;> P, one can derive from Eqs3.0) and
(3.10 the relationPys ~ (1 — 8~ 1)pwU3. Using again Eq.3.16) for p,, one gets

1\ MyUy
R ~ \/(1—5) 4ﬂF‘)‘rS . (3.18)

Assuming the spherical shell between the forward shockditisd&s > R and the reverse
shock to have constant pressure and to be radiation dordjra@te can make the approximation

fexpEexp
471@ ’

where fe,p is the fraction of the supernova explosion eneEjy, that is present as internal
energy of the gas between forward and reverse shock. Plyggin@.19 into Eqg. 3.18 one
obtains

- MW— W
R ~ \/(1— 3) MatoRE 1 g [ MsthusRaao [km] . (3.20)

Prs ~

(3.19)

:3 fexpEexp fexpO.l EexpSl
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Figure 3.7: Entropy of the shocked material, reverse shock radius, and predsave it. The green line
in the three plots comes directly from simulation results, while the blue line in the pfiggés computed
by using Eq.3.17, the black lines are obtained using the approximation ofELQ and the red line is
gotten by plugging numbers in E§.20 In the middle plotfe,, = 1 is assumed obtaining the red and
black lines. In the pressure plot the three black lines correspofiglde 0.25, 0.5, 1 from the lowest to
highest black curve.
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The numerical value was computed by takipjg= 7 and normalizing the shock radius to
10*cm, the explosion energy to ¥@rg, and the parametés, to 0.1.

In Figure3.7we show the analytic formulas derived above, evaluatedmithbers for the wind
guantities and compared to the results from the simulabothie reference model, M15-11-r1.
The green line in the three plots correspond to the valuemntdkectly from the simulation.
In the upper plot the blue line was computed using Bdl?), the result nicely agrees with the
simulation data. In the middle plot there is some discrepatine black line which fits well
with simulation data is calculated using EQ.X8, while for the red one we use E@3.20
with fex, = 1. The diference between the red and green lines is due to the apptomned
the pressure in terms of the explosion energy. In the bottiontipe pressure calculated with
Eqg. @.19 is plotted forfe,, = 0.25, 0.5, 1, increasing from the lower black curve to thérg
ones. The simulation data match with the upper cufyg & 1) during the first four seconds,
and consequently the reverse shock radius predicted ®c#se (red line in the middle plot)
agrees well with the radius measured in the simulationsmHMAour seconds on, however, the
pressure at the reverse shock is better approximated ifssugrges a smaller contribution of the
explosion energy (E@®.20. As time goes on, an increasing fraction of the explosicergyis
kinetic energy and not internal energy. The ejected magtacceleratedRdV expansion work)
at the cost of internal energy and, therefdig, decreases.

3.5 Variations of inner boundary conditions

Itis clear from Egs.3.15), (3.17), and @3.18) that the behavior of the reverse shock depends on
the structure of the exploding star and on the neutrino-vpiraperties, in particular the wind
mass-loss rate and velocity. Since the latter increaseégheétdistance from the neutron star, the
radius of the reverse shock introduces an additional wglo@pendence in Eqs3.(15), (3.17),

and 3.18.

In order to investigate the changes associated witlerdint strength and time evolution of the
neutrino wind, we varied the wind-determining parametees, the neutron star mass, radius,
and the core neutrino luminosities and energies and tme& tlependence. In this section we
therefore discuss the influence of these variations, whietaahieved by changing the inner
boundary conditions.

3.5.1 Neutron star contraction

The neutron star contraction can be changed by usinfiexelnt final radius for the neutron star
or by modifying the contraction timescale (see B0. The dfect of diferent neutron star
radii is visible from a comparison of our reference model M151 with models M15-I11-r5 and
M15-11-r6. Model M15-11-r2, on the other hand, has fielient contraction timescale compared
to the reference case .

Figure 3.8 shows the time evolution of quantities that determine aratadtterize the neutrino
wind and reverse shock behavior in our simulations fdiedent contraction parameters (see
Table3.1). These four simulations are computed with the same innendbary condition for
the neutrinos and produce neutron stars with approxim#tel\same gravitational masses but



3.5. VARIATIONS OF INNER BOUNDARY CONDITIONS 43

final radii of 10, 13, and roughly 17 km (Tab82). The neutrino luminosities radiated from
the nascent neutron star and the energy emitted #nd v, as well as the total energy lost
in neutrinos are nearly the same (F&9). Because of similar explosion energies, also the
supernova shock in the four models propagates with simédkoity (Fig.3.8).

The mean neutrino energies, however, show a clear cooelaith the neutron star radius: the
more compact the neutron star is, the higher are the enaffies escaping. andv, in Fig. 3.9.
Also the neutrino-wind properties reveal the variationwiite compactness of the neutron star
that is qualitatively expected from the analytic expressigiven byQian & Woosley(1996

see also SecB.3 EQs.3.6-3.8). A largerR.s leads to a longer expansion timescale and thus
lower wind velocity, larger mass-loss rate, and smallerdr@ntropy (see Fig3.8). In case of
the mass-loss rate, however, the influence of the largerorestar radius is partly cancelled
by the lower mean neutrino energies (see &8) (and by the slightly higher neutron star mass
of model M15-11-r6), for which reason theftBrences inM are rather modest, in particular
between models M15-11-r5 and M15-11-r6.

Qualitatively, the reverse shock exhibits the same behamithese two models as in M15-
[1-r1. While its radiusR is essentially the same in models M15-11-r1 and M15-11-hg t
wind termination shock, however, expands less strongly aadehM15-11-r6, reacting to the
considerably lower wind velocity and slightly slower prgaéion of the supernova shock in
this somewhat less energetic model (cf. E§j48and3.20. Finally, the entropy of the matter
decelerated in the reverse shock behaves as expected fran@Hd) and 3.17) when values
for the wind parameters and reverse shock radius are idsettethese equations. It is highest
in model M15-|1-r1 and lowest in model M15-|1-r6. The derestbehind the reverse shock are
ordered inversely.

Model M15-I1-r2 has a slower contraction than model M1541ut the same final radius (see
left column of Fig.3.8). Yet, the contraction in the first seconds does not detezrttie later
evolution of the wind. When the final radius is reached both el®dpproach to the same
values for the wind quantities, i.e. wind entropy, expangimescale, and mass-loss rate (see
Fig. 3.8). The slower contraction results in a larger neutron stassvand a lower explosion
energy (Fig.3.9). The neutrino energy is larger for the rapid contractiondeiaduring the
first two seconds of the evolution because its neutron sthusas smaller. However, once the
neutron star radius is the same for both models, then, adsodtitrino properties have the same
values. The entropy at the reverse shock (right column af &g in the model M15-11-r2 is
the same as for the references cases after 6 s, althoughvthreeeshock radius is still smaller
for the model with slower contraction (M15-11-r2).

3.5.2 Different neutrino luminosities and neutron star masses

The neutrino luminosity has a non negligibleet on the wind properties (s€gan & Woosley
1996and Sect3.3). When the luminosity decreases, the wind entropy and tharesipn time
scale increase and the wind mass loss rate decreases, asev&ban in the reference case
after one second. In order to study thEeet of the time evolution of the luminosity we compare
our reference case, M15-11-r1, to two other models (M154tAnd M15-It2-r3) with diferent
temporal evolution of the luminosity (EG.1, Eqg.3.2). Another model (M20-I3-r3) with lower
inner boundary luminosity (see Tab.1l) and diferent progenitor star allows us to study also
the influence of a larger neutron star mass.
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Figure 3.8: Time evolution of diferent quantities for a set of simulations withtfdrent neutron star
contraction, M15-11-r1, M15-11-r2, M15-I1-r5, and M15-I11-r6. Stnoare the baryonic masklpa, and
gravitational massMgy, (Eq.2.11), neutron star radius, neutrino-wind expansion timescale according to
Eq. 3.9, mass-loss rate, electron fraction, and entropy per nucleon (lefiy fop to bottom), radius

of the supernova shock, radius of the reverse shock, and pegsigunsity, temperature, and entropy per
nucleon downstream of the reverse shock.
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Figure 3.9: For a set of simulations with fferent neutron star contraction, M15-11-r1, M15-11-r2, M15-
[1-r5, and M15-I1-r6 the dierent panels show as functions of time in the left column: the cumulative
energy emitted ine andve, AE,, and the total energy released in neutrinos and antineutrinos of all
flavors, AEy; (top), and the explosion energy of the models (bottom); and in the right coldhan
radiated luminosities ofe andve (top), the mean energies of these neutrinos (bottom)(all measured at a
distance of 500 km, disregarding gravitational redsHii&s).

Model M15-It2-r3 demonstrates the influence of a more ragdag of the luminosities and
mean energies of the radiated neutrinos after one secondstfbpunce evolution. This is
associated with a reduced energy loss of the nascent nestitioand leads to an increase of
the wind expansion timescale, a steep decrease of the wisd loss rate, and a higher wind
entropy compared to model M15-11-r1. The reverse shockisdacthat by a rapid recession
between about 1s and 3's after bounce (cf. £48 before it starts an outward motion again
at later times when the pressurg drops faster tha,, andu,, of the wind. Due to the small
reverse shock radius, howevay, at the shock is low and the entropy increase through the wind
termination shock is modest.

Model M20-13-r3 with a neutron star radius and neutrino esiois properties very similar to
model M15-11-r1, but a significantly higher neutron star mjagveals an even more extreme
behavior. The larger neutron star mass increases the wimndpgnbut at the same time re-
duces the wind mass-loss rate and the inverse wind expatisiescale (and thus the wind
velocity; cf. Egqs.3.6-3.8). Moreover, the explosion energy of this model is very lowd dime
supernova shock expands only slowly. All together forcestind termination shock to retreat
as the neutrino fluxes decay, until it falls below the sonip the wind and disappears.
This brings the whole region from the proto-neutron stafem#r to the outer boundary of the
neutrino-driven outflow (which is the contact discontiguitetween shock-accelerated ejecta
and neutrino-heated ejecta) in sonic contact, see¥I1g The neutrino-driven outflow is now
only a subsonic breeze and merges with the dense shell th&ebind the outgoing supernova
shock without being accelerated to supersonic speed.

In order to study this phenomenon and its implications inerdetail, we triggered the occur-
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Figure 3.10: The same as Fig3.8 but for simulations with varied inner boundary conditions. The

models M15-It1-r4, M15-It2-r3, and M20-I3-r3 are compared with ouerefice 19, model M15-|1-
rl in order to demonstrate the influence afelient core neutrino luminosities at the inner grid boundary.
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Figure 3.11: The same as Fig3.9, but for simulations with varied inner boundary conditions. The
models M15-1t1-r4, M15-1t2-r3, and M20-13-r3 are compared with ouerefice 13, model M15-11-
rlin order to demonstrate the influence dfelient core neutrino luminosities at the inner grid boundary.
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Figure 3.12: Same as Fig3.3, but for model M15-It1-r4. Here the explosion occurs at 0.22 s after
bounce and because of the assumed fast subsequent decay afttirreminosity, the reverse shock
reveals a much dierent behavior than in case of model M15-11-r1. It temporarily disaigpefen a
subsonic breeze instead of a wind develops after about 2.5tsz Ats the outflow expansion becomes
supersonic again and a wind termination shock appears again.
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Figure 3.13: Same as Fig3.4, but for model M15-It1-r4. Compared to model M15-I1-r1, the neutrino
luminosities and mean energies decrease faster, the total energy radia¢edrinos and the explosion
energy are lower, and the gravitational mass of the neutron star is lafter.breeze solutions that
develop between 2.5s and 7 s have significantly longer expansion timescales
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Figure 3.14: Left, from top to bottom: Radial profiles of the velocity, density, temperatmd,entropy

in model M15-It1-r4 at dferent post-bounce times. The profiles should be compared with the corre-
sponding ones of model M15-11-r1 in Fig.5. Right: The same quantities as functions of time for some
mass shells ejected in the neutrino-driven outflow of model M15-It1-r4. cBarparison with Model
M15-11-r1, see Fig3.6.
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rence of the breeze at a much earlier time in model M15-lflirr4vhich the neutrino lumi-
nosities at the inner boundary were assumed to decay faxt¢ha radiated neutrino energy is
therefore even lower than in model M15-1t2-r3 (see Bid.]). As a consequence, the neutrino
wind does not have glicient power to keep the wind termination shock at a largeusadin
spite of a standard explosion ener@, ~ 1.2 bethe; Tabl@.2and Fig.3.13 and fast propaga-
tion of the supernova shock, the reverse shock begins tatediready after 1 s and disappears
after 2.5s (Fig3.12 whereas this happens only after 7 s as in model M15-It2-i@. @10.
Fig. 3.13 shows that the transition to the subsonic breeze is accaethéy a considerable
growth of the expansion timescales calculated from E&8) &and @.5. The timescale calcu-
lated from Eq. 8.4) exhibits even a sudden increase which occurs when the wimnairiation
shock has retreated so much that it is encompassed by tred natéigral of Eq. 8.4). The
integral then includes shock-decelerated outflow, whidimuch more slowly.

After about 7 seconds, however, the sound speed in the mesti#o surroundings has dropped
and the dense ejecta shell behind the supernova shock haslratward sfiiciently far so
that the neutrino-driven outflow can again reach supersegimcities, despite of a much less
powerful acceleration of the wind matter than in the first seconds after bounce (Fig.12).
This is visible also in the radial profiles and mass sheletitgries plotted in Fig3.14, where at
late times ( > 8 s) the discontinuity that characterizes the presence @@ t®rmination shock
appears again in all quantities. Because of the low wind Wglend very low mass-loss rate
and therefore small reverse-shock radius, at these lagstithe shock is much weaker than it
was in the early phase. The associated density, temperahdentropy steps are consequently
also smaller (Fig3.14).

During the breeze phase the outflow material is accelerat@dmaximum velocity and then
continuously decelerated again as it joins into the denger laf ejecta behind the supernova
shock. The mass-shell trajectories on the rhs. of Eit@illustrate this smooth transition from
the breeze expansion to the slower evolution when the matéelded to the dense ejecta shell.

Models M15-1t1-r4 and M20-I13-r3 demonstrate clearly the tvind termination shock can be
a transient feature and its presence is very sensitive téirtteedependent conditions in the
neutrino-driven outflow and the expansion of the dense hosksshell of supernova ejecta.
Simulations with a consistent treatment of the neutronestalution and of the baryonic mass
loss of the nascent neutron star are needed to make predicifdhe detailed evolution for a
given progenitor star. But even then such predictions arstcained by our incomplete knowl-
edge of the neutrino emission of forming neutron stars omtieehand and of the high-density
equation of state and the associated neutron-star prepeitithe other.

3.6 Different progenitors

The analytic discussion of the previous section, in paldici&qgs. 8.15, (3.17), and (3.18),
allow us now to understand the behavior of the wind termamashock in diferent progenitor
stars. For this purpose we compare ouMbreference model, M15-I1-r1, with models M10-
[1-r1, M20-I1-r1, and M25-I5-r4, which are explosion siratibns for 10.2, 20, and 29, stars,
respectively. The conditions at the inner grid boundaryendrosen such that the models have
similar explosion energies between roughly 1.3 B and 2 BIfTal2). The 25M,, star has such

a big mass accretion rate and correspondingly high acarktioinosity that the explosion tends
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to become stronger than in the lower-mass progenitors. Ssetethis ffect, we reduced the
boundary luminosities compared to the other models andecatarger final radius of the inner
boundary and thus of the new-born neutron star.

The neutron star mass and radius in the 10.2, 15, amd_28imulations are rather similar (Ta-
ble3.2) and so are the time-dependent luminosities, mean ne@neies, and energy radiated
in ve andve, as well as the total energy release in neutrinos of all fRwwE;, (Fig. 3.16).
The 25M, run, however, sticks out with significantly higher valuesatif these quantities.
Progenitor-dependent féitrences associated with the density structure of the dfigpstar
outside of the iron core are responsible for th&ences in the time-dependence of the explo-
sion energy for the 10.2, 15, and B} models displayed in the lower panel of F§j16 A
more massive progenitor has a higher mass accretion ratacanetion luminosity and also a
larger mass in the gain layer. Its explosion therefore téndiee more energetic. In case of the
models M20-11-r1 and M25-15-r4, the large binding energytha# outer stellar shells later on
leads to a visible decrease of the explosion energy from ammem value reached transiently
during the simulation (Fig3.16).

Figure3.15shows the time evolution of quantities that determine aradatterize the neutrino
wind and reverse shock behavior in our simulations witfedent progenitors. The wind prop-
erties (left column in Fig3.15 exhibit their well-known dependence on the neutron stasana
and radius and on the neutrino luminosities and mean eer@ecause of the similarity of
these quantities in case of the 10.2, 15, an#/i2nodels, only rather small fierences are vis-
ible between these runs, revealing a slightly longer expartimescale, lower mass-loss rate,
and higher entropy for model M20-I1-r1 with its more massie@tron star (see also Talde).
The electron fraction shows a somewhat wider variation beeaf its strong sensitivity to the
spectral and flux dierences of the, andv, emission. The large neutron star mass and neutrino
luminosities in case of the 28, progenitor separate this model clearly from the othersyThe
affect in particular the neutrino-wind entropy, which scaleghwhe value of the neutron star
mass but is only weakly dependent on the neutrino emissiopepties (Eq3.6). In contrast,
the expansion timescale and mass loss rate are similar tuthibe models because of a partial
cancellation of their dependencies bore, andM in Egs. 8.7) and @3.8).

The wind termination shock evolves largelyffdrently in all cases (Fig8.15 right column).
Obviously, the progenitor structure has a big influence siibé@havior. The supernova shock
expands much faster in the lower-mass stars, causing a aqucedecline of the pressure in the
shell between forward and reverse shock. The propagatitmedbrward shock and the time-
varying conditions there are communicated inward to thenss/shock on the sound propaga-
tion timescale. Therefore the pressure just downstreatneofaverse shocle,s, as well as the
density and temperature at this location, decrease, tom Eq. .18 it can be understood that
in model M10-11-r1 the strong pressure reduction triggefi@saoutward motion of the reverse
shock. In the 1B/, star the increase @, is much less extreme, and in the 20 and5runs
the wind termination shock even retreats aft@rs of initial expansion and transient stagnation.
In these cases the decline®f is not fast enough to compete with the decreasklgfandu,,

in the numerator of Eq.3(18. A similar efect can be observed Bt 1 s when we change the
time-dependence of the neutrino luminosity at the innedt ggundary. The subsequent lumi-
nosity decrease leads to the mass-loss rate and velochg @find dropping more quickly than
Psin all models except M10-11-r1, explaining why the initiadgansion of the reverse shock is
stopped at about this time.
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Figure 3.15: The same as Fi@.8, but for simulations with varied progenitor star. The models M10-I1-
rl, M20-11-r1, and M25-15-r4 are compared with our referencditfmodel M15-11-r1.
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Figure 3.16: The same as Fig3.9, but for simulations with varied the progenitor star. The models
M10-I1-r1, M20-11-r1, and M25-15-r4 are compared with our refeed5M, model M15-11-r1.

Because of the dierent reverse shock behavior, the density, temperatucegainopy down-
stream of the reverse shock as functions of time show alge ldifferences between the pro-
genitors (Fig.3.15. In model M10-11-r1 the wind termination shock moves toirdeyond
10,000 km within little more than one second. During this ggh¢he density,, behind this
shock drops to less than3@cnt? and the temperatuig, becomes lower than 2&. The en-
tropy, on the other hand, is nearly 3Q0per nucleon after 2 seconds. In the runs for the more
massive progenitors, the density and temperature at teeseghock are larger for a longer pe-
riod of postbounce evolution, and the entropy does not réeekery high values of the 14,
simulation. The more massive the progenitor is — or, moreipedy, the denser the shells
around the iron core are — the slower propagates the shoedaen value of the explosion
energy, and the more confined is the reverse shock. In nofeafdmpared cases, however,
are the conditions at the wind termination shock constatit time.

3.7 Summary

The most important results of the one-dimensional simutatican be summarized as follows:

e The basic properties of the wind termination shock whiclmi®mwhen the outflow be-
comes supersonic, can be understood from simple analyigigderations using the shock-
jump conditions at this reverse shock. The entropy of thelshiecelerated matter in-
creases with the wind velocity and is lower for high wind dgnsTherefore a large
reverse shock radius is favorable for a high entropy jumpe fverse shock radius in-
creases with the mass-loss rate and velocity of the windjd&crteases when the pressure
behind the reverse shock is high. The latter dependence tivékbehavior of the reverse

shock to the propagation of the supernova shock and thug tordgenitor structure and
the explosion properties.
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e The conditions at the reverse shock are progenitor-demeraahel usually strongly time-

dependent and therefore the shoflleets are not well represented by an outer boundary
condition with constant pressure (e.§ymiyoshi et al. 2000or constant temperature
(e.g.,Wanajo et al. 2002 The conversion of kinetic energy to internal energy in the
wind termination shock can raise the entropy to severaldithe wind entropy. We find
the highest values of more than 4@0per nucleon behind the reverse shock (more than
a factor of five increase) — but also the lowest temperatuged @ K) and densities

(< 1000 g cm®) — in case of the considered M), progenitor. In this star the supernova
shock and the reverse shock propagate outward very rapidiyne considered progen-
itors with masses of more than 14, the maximum entropies are more than R@er
nucleon, corresponding to an increase of roughly a factahigfe, with densities and
temperatures behind the reverse shock in the first ten secdypically 100-16g cnt3

and 0.4-2< 10°K, respectively.

When the supernova shock expands slowly or the neutrino Emig®m the nascent
neutron star decays rapidly and the wind power thus dropskiylithe reverse shock
can show phases of recession and can even reach the sortiogbim wind and vanish.
The outflow then becomes a subsonic breeze that merges dynattinthe ejecta shell
behind the shock without any jumps in the velocity and in tierinodynamic quantities.
Changing conditions around the neutron star can lead to stadleshment of a supersonic
wind at later times.



Results for two-dimensional models

In the previous chapter we have shown that the reverse sload#t play an important role for
nucleosynthesis because it is able to increase the entrappahange the evolution of density
and temperature. As discussed in S8¢t, the value that the entropy can reach and the position
of the reverse shock depend not only on the neutrino windglwviar non-rotating neutron stars,

is spherical and can be studied by one-dimensional sinoalsitbut it is also influenced by the
pressure in the preceding ejecta. Multi-dimensiorgdats (e.g. convection, downflows, insta-
bilities) modify the pressure distribution and can destigy reverse shock or change its shape
and position, which could also have influence on the nucleb®gis. A detailed analysis of the
behavior of the reverse shock in two dimensions is the gotilisichapter. For this purpose we
have performed several simulations that are summarizegldn4&1 A detailed analysis is done
for one model in Secd.2, and interpreted using analytic derivations in Sé@. Models based

on the same progenitor star but withffdrent boundary luminosities and ejecta morphologies
are briefly discussed in Sed.4, and models based onff#irent progenitor stars are addressed
in Sect4.5. One- and two-dimensional simulation are compared in Segt.

4.1 The computed models

Two-dimensional simulations are computational signifisarmore expensive than one-
dimensional ones. Therefore it was not possible to calewdatimilar number of models and
run the simulations as long as in the case of the one-dimeaisinodels of Chapte3. A list

of our 2D models with their characterizing parameters iggiin Table4.1 The names of the
models start with “T” to denote two dimensions. The rest &f tlame has the same meaning
as in one-dimensional simulations (see S8d). The name extensions “|1”, “I2” corresponds
to different boundary luminosities. The contraction parametegsd.30 are also given in Ta-
ble 4.1, and diferent values are indicated by “r1”, “r0”, “r4” in the name detmodel. There
are also simulations for flerent progenitor stars (Tab®1l) with the masses indicated in Ta-
ble 4.1 The initial models are the same as in the one-dimensionlations. However, since
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Table4.1: Model parameters of our two-dimensional simulations. Tltednt models are characterized
by the chosen contraction of the inner grid boundary, which is exptésgerms of the final radiuBy
and the exponential contraction timesciglécf. Eg.2.30. In addition, diferent initial luminosities ofe
plusve (Measured in bethe [B} 10°terg per second) are imposed at the inner grid boundary.

Model Contraction LP +L®2 Progenitor Mass

(R, to) [B/s] [Mo]
T15-11-r0  8km; Ols 525 15
T15-11-r1  9km; Ols 525 15
T15-12-r1  9km; O1s 386 15
T10-11-r1  9km; Ols 525 10
T10-12-r1  9km; Ols 386 15
T25-15-r4 10.5km; QL s 303 25

this initial configuration is spherically symmetric, i.esotropic, and our code conserves this
symmetry, it is necessary to add random perturbations tedleeity field (with an amplitude
of typically 0.1 %) to allow for hydrodynamic instabilitidike convection (for more details see
Scheck et al. 2006&check 2006 As we reported on theffects of varying boundary conditions
(contraction, neutrino luminosity) already in Chap8mwe will now focus on the impact of
two-dimensional fects.

The evolution of the reverse shock (and ifeet on the maximum entropy value and on the tem-
poral variation of density and temperature) depends onrttezaction of the neutrino-driven
wind with the slower-moving preceding ejecta. The wind iBescally symmetric because
the neutrino emission is isotropic. Varying boundary ctinds, i.e. contraction, neutrino
luminosity, dfects the wind properties in the same way as in 1D (S2§. However, the
ejecta are strongly influenced by multidimensiondéets, as hydrodynamic instabilities lead
to a pronounced anisotropy of the explosion. These impbeéects are not modelled in one-
dimensional simulations. Furthermore, the anisotropyegastrongly with the neutrino lumi-
nosity at the inner boundary during the first hundreds ofiseiitonds of the explosion and even
depends in a chaotic way on the initial random perturbafldverefore a single two-dimensional
simulation is not sfiicient to clarify the influence of multidimensiondfects — several models
with different initial and boundary conditions are required.

The enhancement of neutrino heating due to convection hae@ donsequence on the explo-
sion: for the same inner boundary parameters, it occureetithn in 1D and is more energetic.
As there is less time for the neutron star to accrete matterpeess that is basically stopped
once the explosion has set in, the neutron star masses altersméwvo dimensions. This re-
sults also in dferent wind and reverse shock properties. To find a two- anceadonensional
model with the same wind properties is therefore non-trivia

In order to organize the two-dimensional discussion, wé fivéit analyze a reference case in
detail, and then discuss the other models of Tdkldriefly.
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Table4.2: Results of the 2D models at one second after bounce. The end of the simidatenoted by

the timeteng given in seconds after bounc®l,,, is the baryonic mass of the neutron star. The neutron
star radius iRss is defined as the location where the density i$*hxnm3. AEy is the total energy
radiated in neutrinos of all flavors (measured in bethefBI0°! erg), L,, andL;, are the luminosities

of electron neutrinos and antineutrinos measured at 50Q&m,and(e;,) are the corresponding mean
energiesEeyp is the explosion energsyp is the post-bounce time when the explosion sets in (defined as
the moment when the energy of expanding postshock matter exce€asg)0

Model teng Mpar  AE Rns Lve I—T/e <€ve> <€‘ve> Eexp texp
[s] [Ms] [100B] [km] [B/s] [B/s] [MeV] [MeV] [B] [s]
T15-11-r0 2.0 1.393 1.460 12.79 25.53 26.45 22.68 24.04 41.365156
T15-11-r1 1.0 1.388 1.461 13.27 27.66 28.22 2255 23.87 11.341162
T15-12-r1 1.5 1.421 1.228 12.76 22.60 23.23 22.27 23.75 5..40184
T10-11-r1 2.8 1.261 1.305 14.82 2297 24.63 2051 22.10 71.4b153
T10-12-r1 2.2 1.280 1.146 13.44 21.76 22.49 21.36 22.91 8.98170
T25-15-r4 1.6 1.869 2.233 13.41 36.46 39.92 2431 2551 4.@/197

4.2 Evolution of a reference case in two dimensions

In this section we describe the evolution of Model T15-I1¢s@e Tabled.1) giving a brief
overview of how the explosion develops in presence of caime@nd showing how the wind
evolves in 2D. Itis not our aim to analyse the origin of thesatriopies (se8check et al. 2006
Scheck 2006Scheck et al. 200%r discussion of this issue), but to study how they influence
the later interaction between the wind and the slower-npejecta. We have chosen Model
T15-11-r0 as a reference case because it presents staralaes yor an explosion of a 19,
progenitor, i.e. at 2 s after bounce it has an explosion gnefg- 1.6 B, the neutron star
contracts to a radius of 10 km and obtains a baryonic mass-01.4 M,,.

The entropy distribution for dierent times is shown in Figl.1 At the beginning the distribu-
tion is spherical symmetric, except for small random seetuggations. However, when the
neutrinos start to deposit energy behind the shock a negatitropy gradient establishes in this
region. The layer between neutron star and shock becomes éioux-unstableand develops

a convective overturn. In the first paneH 100 ms after bounce) one can distinguish, in the left
side (region betweef = /2 andd = x), Rayleigh-Taylor “mushrooms”, which start to grow
from the initial perturbations. The buoyant bubbles menge ase up, disturbing the shock
shape. Neutrino-heated matter with high entropy streamsrgs, while downflows transport
low entropy matter from the shock to the neutron star (seedFigpanel fort = 150 ms), where

it is decelerated and spread around the neutron star. Thefldevg and rising bubbles evolve
quickly on time scales of the order of 10 ms. These convedtingctures and the associated
shock deformations are characterised by increasinglg langjular scales. Eventually the mass

L In the Ledoux approximation, convective instabilitiessarivhen a displaced fluid element of constant entropy
and electron fraction, maintaining pressure equilibriuithvits surroundings, experiences buoyancy forces
which tend to amplify its displacement. In this case theecidin for convective instability is given by

ds (dp dYe [ 9p
=(2) +Z2(2) so.
dr (as)YaP T (ave o
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distribution below the shock is highly anisotropic and doated by low modes. In this phase
persistent neutrino-heating in the post-shock layer,daijeconvection, finally leads to the on-
set of the explosion: The matter in the gain layer becomeswmiand moves outwards behind
the accelerating shock.

After the onset of the explosion the evolution becomes slpased the shock and the ejecta
expand quasi-self-similarly (see Fig.1 panel fort > 300 ms). This “freeze-out” of the mor-
phology occurs when a large bubble in the southern hemisiledt side in Fig4.1) has pushed
the shock further out. This hemispheric asymmetry is visibitil the end of the simulation. At
400 ms there is still a downflow present near the equatoraalegivhich continuously accretes
matter onto the neutron star. However, in the following atnea-driven wind forms around
the neutron star and blows this last downflow away (see pamé¢l £ 500 ms). Like in the
one-dimensional simulations the wind material is accéber#o velocities that are supersonic
in the frame of the slower-moving ejecta further out, whields to the formation of a reverse
shock. The wind depends on the spherical neutrino emisgiergfore the region between the
neutron star and the reverse shock evolves as in one-diamatsnodels (Chapted).

The local radius of the reverse shock is angle-dependere $ine layer between reverse shock
and shock has developed a very anisotropic matter diswiutAtt = 0.4 — 0.5 s one can
see how the reverse shock expands faster in the southersgieme, i.e. negative z-axis,
where also the ejecta have moved out farther. In contragh, éensity regions in the ejecta,
which are the remainders of former downflows blown away bywied, present obstacles
that prevent a fast reverse shock expansion @@. The most prominent of these regions is
located near the equatorial plane. In the analytic disonssf the last Chapter (Se@.4) we
found (Eq.3.18 that the reverse shock position is proportional to the sanes mass outflow
rate and wind velocity, i.e.

My, Uy
PrS ’

R o (4.1)

Since the mass outflow rathl,,, and the wind velocity,, are similar for every angle, due to
the spherical-symmetry of the wind, the angular dependeonoges from the behavior of the
pressure above the shodRs. In the regions where the pressure is higher the reversekshoc
radius has a lower value (see FHg4).

Figure4.3 shows the velocity, pressure and entropy radial profilesdorangles, which corre-
spond to the red and green lines in Mg2 From these profiles one can see that the behavior
of the flow between neutron star and reverse shock is the sarre 1D (see Fig3.9): the
neutrinos heat the matter, which can expand quickly sineedimsity is low, the velocities
becomes supersonic and approaches an asymptotic valuevafiagon of the reverse shock
radius with angle does noffact much to the maximum value that the velocity can reach. The
reason for this is that for large radii the velocity increasaly slowly towards the asymptotic
value. Another remarkable feature appears in the red lirtbefelocity profile which goes
through the, above mentioned, high-density region: juttida of the reverse shock the veloci-
ties are almost zero. This indicates that there was a dengdldav in this region before, which
delayed and hampered the expansion into this directiodjrigao a low velocity outflow and
higher pressure values. The later has a direct influenced(Boon the reverse shock position,
as we have already shown in F@4 and explained above. Moreover, in the pressure jump the
value corresponding to the wind pressure can vary significalepending on the position of
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Figure4.1: Entropy distribution in Model T15-11-r0 for élierent times. The figures are plotted such that
the polar axis is orientated horizontally with “soutl#”<£ ) on the left and “north”§ = 0) on the right.
The grey line marks the shock radius. Note that the scatéer dietween plots. The red and green lines
in the 1000 ms panel mark selected angles, which will be used to show théievafishocked material

properties in Sect.6.
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Figure 4.2: Density distribution in Model T15-11-r0 fot = 1.5 s. Only the inner part is plotted to
show that the reverse shock radius is smaller when an obstacle (higtydeg®n) is present. The red
and green lines mark selected angles, along which the radial profilegfenedt quantities are given in
Fig. 4.3
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Figure 4.4: Angular variation of the pressure, radius and entropy at the reveosik $or the reference
model att = 1.5 s.

the reverse shock. This is because, unlike the wind veloitigy pressure does not approach
a constant value. The pressure jump can be also used toatalthe angle between reverse
shock and wind velocity (Sect.3).

As visible in Fig.4.3, the entropy increases in the region where the neutrinossitegnergy near
the neutron star, remains constant in the wind further odislwows a jump at the reverse shock.
All these features are the same as in one-dimensional dionga(see Fig3.5). However, the
anisotropic distribution of the ejecta in the layer betwearerse shock and shock leads to an
angle dependence of the entropy jump. Figdréshows the entropy value of the shocked
material just above the reverse shock as a function of thrawhal angle. The entropy jump
depends on the reverse shock position (roughlyx VRs), however, in Fig4.4 the reverse
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Figure 4.5. Schematic representation of the velocities in a fluid going through an obliquek gred
line). Only the velocity component perpendicular to the shagk,is changed when a mass element
crosses the shock — the parallel component is conserved. Thetémidirection of the flow is changed
at the shock.

shock radius has a minimumet: 65, while the entropy has a local maximum. The reason for
this is that the entropy also depends on the wind velocity B 3.17), or, more precisely, on
the component of the velocity that is perpendicular to treckh And this component is larger
at the angle where the entropy has a local maximum. The andefgendence is explained in
more detail in the following section.

4.3 Analytic discussion: angular dependence

In this section we study the angular dependence that emtétse Rankine-Hugoniot conditions
in the case of an oblique shockanhdau & Lifshitz 1959. Figure4.5shows a schematic rep-
resentation of what happens in an oblique wind terminatieck: The wind expands in radial
direction with a velocityu,, and hits the shock at an angle

The tangential component of the velocity,is continuous through the shock, i.e.:
where the velocities of the rhs,

Ursr = Urs COSY (4.3)
Uso = UrsSiny , (4.4)
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Figure 4.6. Result of plugging numbers in E4.7for Model T15-11-r0 at = 1.5 s. Using this equation
sing can be approximately calculated for every angular beam, i.e. for évery

are the radial and tangential reverse shock velocity compisn(see Fig.5).

On the other hand, the component of the velocity,which is perpendicular to the shock, is the
one that enters in the Rankine-Hugoniot conditions, E3}§) ¢ (3.11). The mass conservation
equation, Eq.3.9), including the angle can be rewritten as:

quW S|n¢ = prsUr&r S|n¢ + prsul's,() COS¢ . (4.5)

The momentum continuity equation, E.10, for an oblique shock is:

Pu + pwll, | = Prs + prsl (4.6)

rs,L

where only the perpendicular component of the velocity baset considered. One can write
this equation in terms of the angle

AP = pwuvzvsinzqs(l—%), (4.7)
whereAP is the pressure jump at the reverse shagkis the radial velocity (Fig4.5), andg is

given by the density or velocity jump,

_Prs _ Uw, 1 _ Uy SiNg (4.8)

pW Urs’J_ Ursr S|n¢ + Urs’g COS¢ ’

B

Equation 4.7) indicates that the sine of the anglas smaller when the pressure jump is also
smaller, whileg tends tor/2, i.e. the wind velocity is perpendicular to the reverseckhat
those angles where the juni is larger. The angle can be directly related to the jump in
the pressure because in the wimglandu,, have the same value for every angular beam at a
given radius, and the produgj,uZ does not change much forfiiirent positions of the reverse
shock because of the asymptotic behavior of the velocity. &B). We plug numbers for the
pressure jump, wind velocity and density in E4.7j, assumingd = 7. For doing that we
use again the references case, i.e. Model T15-11-r0 (8&dt.at 1.5 s after bounce. Fig.6
shows the value of the sifhas a function of the azimuthal angle There are angles where the
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Figure 4.7: Pressure distribution in Model T15-11-r0 for= 1.5 s. The arrows mark the velocity field.
Only the inner part is plotted to show th&ext of the reverse shock on the velocity.

Figure 4.8: Schematic representation of the velocities in a fluid going through the resieosk (red
line) where a kink leads to the collimation of the outflowing matter.

velocity is perpendicular to the reverse shock, as #igshows, here the arrows represent the
velocity field and the pressure is given by the color scalewél@r, the value of sia is never
one because of simplifications of assumjiig 7 and not taking into account the velocity of the
reverse shock. The velocity entering in the Rankine-Hugarvaditions (Eg4.7) is the fluid
velocity in the frame of the reverse shock,, and we are using the fluid velocity in the frame
of the neutron stan,s. Therefore, if the reverse shock expansion is very rapidaamsbtropic
these two velocities are not exactly the same,uput vis — Ris With R being the velocity of
the reverse shock in the frame of the neutron star.
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Figure4.9: Velocity distribution in Model T15-11-r0 fot = 1.5 s. The jump of the velocity at the reverse
shock is clearly visible and also the two main outflow streams formed as a cmmseqgof the reverse
shock shape, which comes from the evolution of the ejecta during the firsdltand of the explosion.

In Fig. 4.7 one can distinguish two points in the reverse shoak-aB0 andd ~ 100 where the
angle¢ changes abruptly. Figt.8illustrates, in a simplified way, thefect that such a kink in
the reverse shock has on the flow across the discontinuigyobhque shock is lesdtective in
decelerating the flow, which leads to much higher velocibetside the non-spherical parts of
the reverse shock than above the spherical parts. Furtiherthe wind hitting the non-spherical
part of the reverse shock is deflected towards the radial flasiade of the spherical part of the
reverse shock. Theséects result in the formation of collimated high velocity fhaws starting
at the kinks (see Figl.9). Moreover, the kinks of the reverse shock lead to minimutunesof
the pressure and entropy for the shocked material (sed Hig.

4.4 Two more models base ona 15 M progenitor

In this section we present two additional models based osalree progenitor as our reference
case: T15-11-r1 and T15-12-r1 (see Tadld). These models developftirent ejecta distribu-
tions due to the dierent neutrino luminosities and the chaotic dependenckeoflow on the
initial perturbations that were also choseffeliently. We describe briefly the evolution of the
two models, in order to be able to analyze the influence of tii&opy on the reverse shock
position and on the entropy of the shocked material.

The evolution of the Model T15-11-r1 is shown in Fig.10and values for several important
guantities are given in Tabk.2 The initial model is the same as in the references case de-
scribed in Sect4.2 but the parameters are slightlyfidirent (see Tabld.1). Also the initial
random perturbations areftérent. In the post-shock layer a negative entropy gradisiabe
lishes that leads to the beginning of the convection, whsatiearly visible already in the first
panel corresponding to a time of 200 ms after bounce. At 30¢here are still downflows in

the left part, while the wind is already starting in the righhis is visible by the almost constant
value that the entropy reaches just outside the neutran/dtaut hundred ms later the wind has
started in all directions and the reverse shock is visibke jasnp of the entropy in the right part
(see panel for = 400 ms). The following evolution is less dynamic than the/jes phase, the
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Figure 4.10: Entropy distribution in Model T15-11-r1 for efierent times. Same as Fig.1

wind material expands supersonically and the ejecta betwbeck and reverse shock moves
outwards with a slow change of its structures. The reversekstemains almost spherical sym-
metric until approximately one second after bounce. Thespal shape of the reverse shock
(see panel fot = 700 ms) gives rise to the same situation as in one-dimerissanalations.
One second after bounce the anisotropic distribution o&jeeta begins toftect to the reverse
shock, which starts to develop a flat, non-spherical seditterin the reference case (Seét2).

In contrast to this nearly spherical model, the evolutioMofdel T15-12-r1 is characterized by
long-lasting downflows and a strongly anisotropic shapéefreverse shock, which last only
a few tens milliseconds. In the panel foe 200 ms of Fig4.11one can see that the entropy
distribution is rather homogeneous with the presence of oné narrow downflow (compare
with the other models at the same time in Figd and4.10. Here the formation and grow of
the Rayleigh-Taylor mushrooms is also nicely visible. Thessguent evolution (see panels for
t = 300 ms and = 400 ms) is dominated by convection without a main downflowstaad
many small structures prevail in this phase. After 500 mg, can see that a main downflow
has formed at an angle of approximatel4 while a bubble inflates the north (right) hemi-
sphere. The presence of this downflow continues until onengsk@nd consequently there are
two outflows at every side of the downflow. The expansion tdéfteand to the right of these
outflows is visible in the panel far= 700 ms. Moreover one can also see the deformation of



4.4, TWO MORE MODELS BASE ON A 15/, PROGENITOR 67

N T15-12—r1 entropy [kg/nuc.] ey T15-12—-r1 Y &87/85% 60

t=200ms 20
15 o 0.6

10 x 2
I S G
5 0.0 ‘ £ K

‘\
-6 -4 -2 0 2 4 6 -1.0 -0.5 0.0 0.5 1.0
z [107 cm]

x [107 cm]

_10_ entropy [kg/nuc.] 35 _1o_ entropy [10? kg/nuc.]
9 T15-12—r1 sl | T15-12-r1 ? ke/nuc]
20 s
°‘§ 1.5 20 053
—1.0 3 15 =
x & ¢ x
05 mw 10
0.0 Y& . 5
-2 -1 0 1 2
z [10% cm] z [10° cm]

ntr 102 kg/nuc.
T15=12—r1 entropy [10" ke/nuc.]

T15=12—=r1 entropy [kg/nuc.]

x [10% cm]
x [10° cm]

z [10° em]

Figure4.11: Entropy distribution in Model T15-12-r1 for efierent times. Same as Fig.1

the shock due to this rapid expansion of the matter in cedmections. However, the devel-
opment of these outflows is quitefidirent. The outflow in the northem hemisphere (right side
in Fig. 4.17) starts earlier but does not become supersonic. On the b#met, the outflow in
the southem hemisphere is able to reach supersonic vebaitid a reverse shock caused by
the interaction with the preceding ejecta is already preaen= 700 ms (see Fig4.11). In

the following, the entropy of the shocked matter increasesthe reverse shock continues to
expand, while there is not yet a indication of a sphericaldraround the neutron star.

Why are the evolutions of these two models sibedtent? The two models, T15-11-r1 and T15-
[2-r1, studied here haveftierent inner boundary luminosity (see Tadld). The Model T15-
12-r1, i.e. the one with long-lasting downflows, has a loweninosity at the inner boundary,
which makes it more dlicult to blow away the matter that is being accreted. Longgs
downflows are possible, in particular for low explosion gmes. However, here we see that
even for similar explosion energy, one can find strorfiedences in the downflows behavior
due to the chaotic dependence on the initial perturbatBuohé¢ck et al. 2006Scheck 200B
These two models have similar explosion energies becaasedlter that is responsible for the
bulk of the explosion energy, is concentrated in a narrovil gst below the supernova shock.
This region follows the evolution of the shock, which is veinilar in the two models.
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4.5 Progenitor variation

We have seen that the conditions for nucleosynthesis cauidfluenced by the reverse shock,
and we have demonstrated, by analytic means (S8@ts4.3), that its behavior depends on
the evolution of the layer between the forward shock and¢lierse shock. In the spherically
symmetric case the behavior of this shell is strongly infagehby the progenitor structure. And
in two-dimensional simulations we have seen that anis@sopmerging during the first second
of the explosion have a big influence. It is, therefore, mgéing to study the combinedfect

of the two ingredients: progenitor structure and ejecta@mpy.

For the 10M,, progenitor we have tried two flierent neutrino luminosities at the inner boundary
(Table4.1). Model T10-I1-r1 has the same parameters as the one-diomethd1odel M10-11-

rl (Table3.1), however it has a very high explosion energy,, = 1.8 B at 2 s after bounce.
Therefore, we have performed another simulation with logamdary luminosity, i.e. Model
T10-12-r1.

Figure4.12shows that, for the Model T10-11-r1, the anisotropies dawelery quickly, and at

t = 200 ms (first panel), there is already a big deformation ofstq@ernova shock. Between
200 ms and 500 ms the most remarkable feature is a big down@lanthe equatorial plané &
n/2). After half a second the wind has already started and tisd@mapic matter distribution
leads to a non-spherical reverse shock. Moreover, the gpdk expansion caused by the
steep density gradient present in this progenitor (see2Flpproduces a region of high entropy
just below the shock radius. The following evolution is @werized by a increasingly strong
deformation of the reverse shock and very high values of twpy, which we found already
for the same progenitor in the spherically symmetric sirtioie.

The Model T10-12-r1, which has lower boundary luminositgyelops also an anisotropic con-
figuration with significant shock deformation after 200 nme(§ig.4.13. The shock expansion
is slower than for Model T10-I1-r1 in the first hundreds rsiiconds. After 400 ms the wind
starts and hits the ejecta, forming a rather spherical seveinock. However, the small devia-
tions from the spherical shape are enough to produce signifitiferences in the entropy of
the shocked material. For this low-mass progenitor, theehaith lower boundary luminos-
ity develops a quasi-spherical reverse shock and the mottelnigher boundary luminosity
becomes more anisotropic. In case of theM5 progenitor (see Secd.4), the opposite was
true, i.e. the more spherically symmetric reverse shoclearpin the simulation with higher
boundary luminosity. This shows that the form of the revesiseck is not only influenced
by the boundary luminosity, but depends also in a chaotic evathe initial perturbations. A
more quantitative conclusion regarding the relative ingoace of this two dependencies would
require more simulations.

We have chosen the 29, progenitor to study a case of a progenitor more massive tian t
15 M, reference case (see Tal@d). The parameters for Model T25-15-r4 (Tallel) are the
same as for one-dimensional simulation for this progen{@wing to the convective overturn,
which increases thefliciency of neutrino-heating, the explosion energy is sigaiftly higher

in two dimensions. Moreover, the explosion begins mucheyan the two-dimensional simu-
lation (texp = 0.197 s) than in the corresponding one-dimensional simuldtig, = 0.401 s).

The evolution of the Model T25-15-r4 is shown in Fig.14 Due to the high accretion rate
the shock does not expand as rapidly as in less massive piagerAfter 200 ms the typical
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Figure 4.12: Entropy distribution in Model T10-11-r1 for efierent times. Same as Fig.1
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two-dimensional structures have just started to emergeveMer, in the following panels one
can see that the instabilities are able to grow. Also as aetuesice of the high accretion rate
the downflows are quite stable and the wind is not able to blemtaway from the vicinity

of the neutron star until almost= 1 s after bounce. Therefore, the ejecta have more time to
develop a highly anisotropic pressure distribution, whézds to a non-spherical reverse shock.
In simulations based on this rather extreme progenitor inee@ncountered several numerical
problems that did not show up for less massive stars. Thisgepted us from computing more
25M, models and even made impossible to continue the simulafiodvioolel T25-15-r4 for
longer time.
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4.6 Comparison of one- and two-dimensional simulations

In this section we compare the typical values of the relegamintities at the reverse shock in
1D and 2D. There are many possibilities to carry out such @mspn. For example, one can
consider two models of the same progenitor with similar esigin energy in 1D and 2D, or
models, in which the explosion starts at the same time a@iante. The latter is much harder
to achieve, as the explosion time is not known a priori. Tfogeg our choice is to keep the
same boundary parameters in one- and two-dimensional afimosg. This means the explosion
energies will be dferent, since the convection increases tfiiency of the neutrino energy
deposition, thus changing also the time when the explodemiss The models we investigate
here are: T10-11-r1, T15-11-r0, and T25-15-r4 (see TablEor the boundary parameters). They
can be directly compared to the one-dimensional models:-N4@, M15-11-r1, and M25-I5-
r4, respectively.

From the models presented in this chapter it is obvious tBaeffects can have a strong in-
fluence on the conditions relevant for nucleosynthesishdsvariation of the thermodynamic
conditions due to 2Dféects less or more important than the variation relatedfferdint progen-
itor stars that are visible in the one-dimensional simale? In order to answer this question
we show in Figs4.15 4.16 4.17, the evolution of entropy, pressure, density, and tempegat
of the shocked material, as well as the reverse shock radiusrégenitor stars with masses
of 10, 15, and 29\, respectively. The red and green lines correspond to thiesungarked
with straight lines of the same colors in the plot of the egpyrdistribution fort = 1000 ms
(Figs.4.12 4.1, and4.14).

In Model T10-I11-r1 the reverse shock position and orientatthange considerably with angle
(see Fig4.12. In the Figure4.15the red and green lines mark approximately the maximum
and minimum radii of the reverse shock, respectively. Th&imam value is only a bit larger
than the one we found in the one-dimensional simulationHerdame progenitor and initial
parameters (Fig3.15. All other quantities shown in Figl.15are also in the same range as in
1D. Besides the angular variation, Fgl15shows that in 2D the properties of the matter behind
the reverse shock do not evolve as smoothly as in 1D.

Figure4.16shows that for the 1M, the evolution is almost spherically symmetric, because the
values for the red and green lines do ndfetimuch from each other, although they correspond
approximately to extreme reverse shock positions. Apast ftdit section of the reverse shock
(see Sec#.2), the evolution is rather similar to 1D, not only qualitatiy but also quantitatively
(see Fig3.15.

In the case of the most massive progenitor, Model T25-15414, quantities vary with time
around a mean value (Fig.17). The wind starts after half second, but the accretion coets
and the reverse shock is destroyed again by downflows 4Fld). The wind reappears again
but lasts only until another downflow reaches the reversekshbhe dfect of the long-lasting
downflows is visible by the points in Fig.17 between half a second and one second, which
mark the presence of the reverse shock just during a shat-tithere is not a continuous line
like in the other progenitors for the same time. The highetian rate prevents a fast expansion
of the reverse shock, which stays at smaller radii than messsive progenitors. Thiffect is
the same as in the one-dimensional simulation. HoweveDith2 evolution of the downflows
leads to a varying deformation of the reverse shock, anétber also of the properties in the
shocked material vary. This can allow for larger entropyueal in certain regions (compare
Fig.4.17and Fig.3.15).
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Two-dimensional simulations have a broader range of veuethe properties of the shocked
material than one-dimensional simulations. However, tiog@nitor dependence visible in the
one-dimensional simulations is not completely destroye@D effects. In particular there is
a quite good agreement between 1D and 2D results for thosdaarigeams where the reverse
shock reaches its maximum radius and is perpendicular t@thal direction, i.e. the maximum
values for the entropy are similar in 1D and 2D. To asses tfieeince of 2D &ects on the
nucleosynthesis more quantitatively, one has to compareigtribution functions of relevant
guantities computed from one- and two-dimensional sinrat For this purpose we determine
e.g. the total amount of matter that is ejected as a functi@mwopy by integrating over time
the flux of mass for a given entropy value which goes through¢herse shock radius:

AM(s <s<sy1) = Z Z AARs, 6, tn) - Vis(Rs, 6, tn) - prs(Res, 6, tn) - (thea —tn) . (4.9)
n 0

HereA(Rs, 6, t,) = 2rR%(cosd.1 — cosh;) is the cell surface through which the matter flows.
The first sum represents the integration over time, whilestmnd sum integrates over those
angular beams where the reverse shock is present and tlop\eigrin the considered rage
S < S(Rs, 6, ty) < S1.

Figure4.18 shows the result of applying E4.9) for the three progenitors discussed before.
The orange line results from performing the integrationtfe one-dimensional simulations.
The mass distribution for the one-dimensional models afeerdlat, i.e. the amount of mass
is roughly of the same order for each entropy bin. This canXptaeed by the fact that on
the one hand mass flux decreases strongly with time, but oothiee hand the entropy varies
more and more slowly. Therefore, although for a given entngmge the mean mass flux is
lower for a larger entropy value, the time interval, in whetith entropies prevail, is larger (see
Fig.4.19. For the 25M,, one-dimensional model the entropy at late times variesosalgkhat
actually more mass is accumulated in the bins araaird®00kg /nuc (in 8s < t < 1.6s) than
for smaller entropies (see Fig.15.

In the two-dimensional models the non-spherical reverselsteads to a range of entropies at
any given time. As the obliqueness of the reverse shock ind2Deasily reduce the entropy of
the shocked matter, whereas large changes of the reversk ilthus are required to modify
this entropy significantly, one can expect that in generalrtfass in the high-entropy bins is
reduced in 2D. Thisféect is clearly visible in case of the M, model, where almost no mass
with s > 200z /nuc is produced in the two-dimensional model. However, thiglel shows
also a secondffect: The maximum entropies are somewhat higher than in 1€guse, due
to the strong anisotropy of the model, parts of the reverselshre located at a larger radius
than in the corresponding 1D model (see F§d5and3.15. In case of the 19, models,
however, the higher maximum entropy in 2D is caused by theermompact neutron star and
is not related to 2D féects. The latter are anyway very weak in Model T15-I11-r1, hick the
reverse shock remains nearly spherical. This explainsdbd ggreement of the histograms in
this case.

Another remarkable feature of Figl.18appears in the low-entropy region, which is empty in the
case of one-dimensional simulations. In spherically symmsimulations the minimum value
of the entropy corresponds to the wind entropy at the momfegheaeverse shock formation. In
contrast, for two-dimensional simulations this minimuntiueadepends also on the orientation
of the reverse shock with respect to the radial velocity,afoge lower values are also possible.
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Model M15-I1-r1 (one-dimensional simulation) is shown. Thetent colors correspond toftérent
time intervals for the integration of Eg4.9), and the black line corresponds to the total time between
the formation of the reverse shock and 2 s after bounce.

This kind of histograms is also a tool to study the evolutidrihe electron fractionYe. In
Fig. 4.20 one can see the distribution of ejecta mass versus eleatastion for the two-
dimensional simulations of the three progenitors disaligséhis section. The black line corre-
sponds to the integration of Egt.) for the whole time, i.e. from the formation of the reverse
shock until the end of the simulations. The colors mafkedéent integration intervals. At first,
the matter is in the most proton-rich state and then movearttsithe neutron-rich zone of the
diagram, i.e.Ye < 0.5. At the end of the simulations, the matter is still protashri In order

to carry out a detailed analysis of the nucleosynthesisvaateconditions therefore not only a
larger number of two-dimensional simulations is requiredé¢ able to do some statistics, but
also calculations following the supernova explosion fwesal seconds after bounce are needed
to allow the matter to become neutron-rich.

4.7 Summary

In addition to the variability present in our one-dimensibmodels, multi-dimensionaliects
like long-lasting anisotropic accretion and directed awifintroduce a stochastic element in the
supernova evolution during the first seconds of post-boemotition. The supernova ejecta in
different directions can develop largelffdrent conditions due to the strong anisotropy of the
explosion mechanism and of the environment of the formingtno@ star. The pronounced
anisotropy is caused by hydrodynamic instabilities, whadbw small seed perturbations to
grow to large-amplitude global modes before the onset oe#tpdosion. The morphology of
the explosion ejecta depends in a unpredictable, chaofiawahe initial perturbations. What
is the influence of these multidimension#ieets on the interaction between wind and ejecta?

e The wind termination shock feature is also present in twoedisions. However, the
reverse shock is non-spherical, which is a consequence @afrtisotropic pressure distri-
bution in the ejecta. We have shown by analytic means thagargressure above the
reverse shock leads to a smaller reverse shock radius. Thimgaadius implies also
that the parts of the shock are not oriented perpendiculd&ratan oblique angle to the
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the reverse shock and the end of the simulation. Thiergint panels corresponds téfdrent progenitors:

10, 15, and 25, from top to bottom.



80

CHAPTER 4. RESULTS FOR TWO-DIMENSIONAL MODELS

radial direction. We observed often “kinks” in the reverbeck (i.e. points, where the
obliqueness changes abruptly), which give rise to colleddtigh-velocity outflows.

The shape of the reverse shock is time dependent — sphenease shocks can turn non-
spherical and vice versa. Itis even possible that the rewdrsck does not contain the full
solid angle, because long-lasting downflows of matter froendjecta to the neutron star
are still present. For higher boundary luminosities theserdlows tend to be blown away
earlier. However, when exactly this happens depends atsitsely and in a chaotic way
on the initial random perturbation.

There is no obvious dependence of the anisotropy on the pitogenass — both strongly
anisotropic and almost spherical reverse shocks are pe$sitdow and high mass pro-
genitors. The thermodynamic conditions around the nomsgdl reverse shock in the
two-dimensional models vary but are in general not far frowwse of the correspond-
ing one-dimensional models, i.e. simulations with samenbdawy parameters. However,
the amount of mass with given conditions, e.g. high entragpgifferent compared to
one-dimensional simulations. In 2D the obliqueness of évense shock tends to reduce
the amount of high-entropy matter, whereas due to the vamgnerse shock radius even
higher maximum entropies are possible.



Summary and conclusions

The main nucleosynthesis process yielding elements heiae iron is the rapid neutron cap-
ture on “seed nuclei” , also known as “r-process”. Rapid ieplihat several neutron captures
take place before the nucleus undergoes a beta decay, sthe¢haticlei taking part in this
process move far out of the “valley gfstability”. The extreme conditions required for this
nucleosynthesis process, i.e. high neutron densities laod dynamical time scales, point to
cataclysmic astrophysical events as possible sites for-glnecess. Already fifty years ago,
core-collapse supernova were proposedhbybidge et al(1957 andCameron(1957) as the
most promising scenario in which heavy elements can be egizid by rapid neutron capture.
The aim of this work was to understand better the role supamay play for the formation
of heavy elements, in particular whether supernova exphssare a viable site for the creation
of r-process elements.

Core-collapse supernovae are caused by the collapse obtheare of a massive star, which
leads to the formation of an extremely dense neutron stainBthis process an outward travel-
ling shock wave is generated in the center of the core. Afteishock has been launched, most
of its energy is lost in the dissociation of iron-group nueled therefore the shock stagnates.
Yet, neutrinos streaming out from the nascent neutron ctarid be able to deposit ficient
amounts of energy behind the shock wave to “revive” it. Theckhwave would then propa-
gate through the outer stellar layers, making them unbouddiaus disrupting the star. This
“neutrino-driven explosion mechanism” is the most prongsivay to explain core-collapse su-
pernovae, although still it has to be shown that it worksaf#y. However, independent of
the details of the explosion mechanism, once the explosienskt in and the shock expands,
the densities around the neutron star must decline strofigig allows for the formation of a
neutrino-driven wind, i.e. due to strong neutrino heatmgtter is blown from the neutron star
surface and accelerated to supersonic velocities.

The conditions given in neutrino-driven winds — tempereafutensity (which together deter-
mine the entropys « T3/p), neutron density, and expansion timescale — are inteiggtclose
to allowing the r-process to happen. In the past years, thkeosynthesis potential of this site
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was studied by means of analytic modelign & Woosley 199%and by numerically solving
the wind equations for given boundary and initial paranse{@tsuki et al. 2000Thompson
et al. 200). Yet, only for extreme and not generic parameters (i.e.afoery large neutron
star mass near the upper mass limit and for a very small nestes radius), it was possible
to obtain the conditions needed for the generation of theibselementsTThompson et al.
200]). Therefore, the question arises whether these modelaioat the ingredients that are
relevant for setting the conditions in this nucleosynthasie. In pioneering two-dimensional
hydrodynamical simulations of supernova explosidaiska & Muller(1995 andBurrows et al.
(1995 found that the supersonic neutrino-driven wind is deedést in a strong “reverse” or
“termination” shock, when it hits the slower moving mattgrated earlier, at the onset of the
explosion. Although the formation of this reverse shocknmdrbe treated directly by steady-
state wind solutions, several groups tried to assess itlgesnfluence by imposing an outer
boundary condition with constant pressuuiyoshi et al. 2000or constant temperature
(Wanajo et al. 2002 However, asThompson et al(200]) pointed out, the behavior of such
a termination shock can be dependent on the stellar pragemitd on time, therefore the only
way to study its impact is by performing hydrodynamical siations of the long-time evolution
of core-collapse supernova explosions and post-explazgitfiows.

The one- and two-dimensional hydrodynamical simulati@sed out for this work are the first
detailed investigation of the interaction of the neutrdrosen baryonic outflow from the neutron
star surface with the slower dense shell of ejecta that mouesards behind the expanding
supernova shock. The main result is that a wind terminatimtls can not only change the
wind entropy by factors of a few, which is a huge value and aexpacted finding, but leads
also to a much slower expansion of the shocked outflow aftedeteleration. Furthermore,
we confirmed the speculations Dhompson et al(2007) that the reverse shock depends on the
progenitor star and its behavior can vary strongly with time

The wind properties and the evolution of the ejecta layeatied between reverse shock and
forward shock was found to be crucial to understand the beha¥ the matter decelerated at
the reverse shock. The basic dependence can be describaewlgticameans, showing that
the entropy of the shocked gas attains higher values foeasing reverse shock radius and
wind velocities. The development of the wind is determin@iaq & Woosley 1995 by the
neutron star parameters (mass and radius) and neutrinentiesp (luminosity and energy).
Since all these quantities are time dependent, e.g. theamesitar contracts and decreases in
the gravitational mass due to its continuous loss of eneyggdutrino emission, the reverse
shock position and thus the properties of the shocked nahtexiy with time. In extreme cases,
characterised by rapid decrease of the neutrino lumingaity consequently also of the wind
power) or by slow supernova expansion in the more massivs, ste reverse shock retreats
until it reaches the sonic point. At this position the reeeshock vanishes, leaving a subsonic
breeze.

The pressure above the reverse shock has a direct influertbe oeverse shock position and
thus also on the entropy jump. This pressureffeaded by the propagation of the forward
shock, and thus by the progenitor structure, and by the tofges that develop in the ejecta
layer. For a low-mass progenitor (M,) with rather low mass accretion rate and a steep density
gradient in the layer surrounding the iron core, the supgxstock and also the reverse shock
were shown to expand very quickly. Due to the large radii medcby the reverse shock, the
entropy of the shocked material can even reachka@uc. However, the low temperatures that
prevail at such radii suggest that the influence of the revgnsck on the nucleosynthesis in the
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supernova outflow is negligible in this case. On the othedharore massive progenitors (e.g.
25 M, stars) develop a rather modest entropy jump at the reveosk ssince the latter remains
at comparingly small radii. Yet, because of the more masséwdron star the wind entropies
are higher Qian & Woosley 199%than in less massive progenitors. The high wind entropy
values and the short expansion timescales might allow farget number of free neutrons
per seed nucleus. This composition together with the suddeeleration of the matter, which
happens at a radius where the wind temperature is still mgght be better suitable forfiécient
r-processing.

The other aspect, whichffacts the evolution of the reverse shock is the anisotropittema
distribution of the ejecta caused by hydrodynamic instizdsl. Two-dimensional simulations
show that a pronounced explosion anisotropy does not préwveformation of a reverse shock.
However, the reverse shock is strongly deformed in padradilie to the presence of downdrafts
of dense, low-entropy matter. The radius and the oriemtgtielative to the radial direction) of
the reverse shock lead to an angular dependence of the pespsrthe shocked-matter. There-
fore, the amount of ejected matter with certain conditi@ng, high entropy, diers between the
spherically symmetric and two-dimensional cases. Thisvaive consequences for the yields
of nucleosynthesis production in the ejecta.

Because of the involved approximations and assumptions ée.giner boundary that mimics
the evolution of the shrinking neutron star, and a simplifiedtrino transport that allows to save
computational time), the calculations developed here oanle suggestive but are not suitable
for making definitive predictions of the nucleosynthegkvant conditions in dependence of
the progenitor star. The main goal of this work was therefomeatter-of-principle study of the
interaction of the neutrino-driven wind and the slow-maygjecta. In spite of the mentioned
limitations and although detailed nucleosynthesis ndtw@lculations are essential to draw
conclusions about the influence of the reverse shock on tiduption of heavy elements, one
can already speculate about possible implications.

Only if the reverse shockfects the wind during (or prior to) a phase of its expansionctvhi
is important for the operation of n-capture reactions,atdemperatures around and somewhat
below 10 K and neutron densities of ¥8-10?®cm3, the wind termination shock may have a
decisive influence on the possibility of high-mass r-preagements to form. Such conditions
could rather discontinuously depend on the way the exphosiarts to develop, on progenitor
properties, and on anisotropies in the ejecta, becauseubese shock needs to be at a beneficial
location during a certain evolution phase of the neutrinedviMoreover, the proton-richness of
the early supernova ejecta, which is seen in our models dsgvil state-of-the-art simulations
with energy-dependent neutrino transport, points to ttex Eages of the neutrino wind as more
likely site for r-processing.

An important result of the simulations performed for thisriwes the fact that the material is
dramatically slowed down and reheated when it crosses tleese shock, causing an abrupt
change of the expansion timescale, i.e. density and tertyperdo not drop by several orders of
magnitude in milliseconds as in the wind phase, but theyedese just slightly during seconds.
This has two fects: on one hand, the neutron capture can proceed for arlonge and can
even continue until all the free neutrons are captured omyheaclei; on the other hand, the
beta decay timescale is not any more restricted to be asahthe expansion timescale of the
fast wind. The latter will &ect the path along which the r-process takes place in thesén
neutron number vs. proton number , and thus it probably astige requirements for the wind
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condition, which could become less extreme than the onededefor making the r-process
elements in the neutrino-driven wind without reverse shi@teleration.

Although the wind termination could provide improved cdiadis for the r-process, it remains
to be investigated whether and when the production of helaments for this modified site is
compatible with observational constrains coming from tpeacess element abundances in very
old stars in the Galactic halo — known as ultra metal-poor R)Malo stars. The interstellar
medium in which these ultra metal-poor stars were formed akgsady enriched with those
heavy elements. The abundance pattern observed in thesystam and in the ultra metal-
poor stars is the same, especially in the range of atomic atsritetween 35 and 5&¢wan

& Thielemann 2004Cowan & Sneden 2006 This implies that the r-process has taken place
in a very robust way for a long time. Therefore, the varyingditons in the neutrino-driven
wind and the strong time- and progenitor-dependence of ¢heior of the wind termination
shock and of its ffects on the wind raise a serious question: Do supernova poogile the
environment for producing the extremely uniform solartegslike r-process abundance pattern
between the Ba- and Pt-peaks observed in ultra metal-pasfsta

Certainly a larger number of simulations in one and two dirf@rsscombined with detailed
nucleosynthesis calculations is needed to study suchigosestnd come to more definitive
conclusions. Especially in the two-dimensional case ithdidae important to perform enough
simulations to have reasonable set of models which showdhksilgle variation of conditions
and their links to governing parameters of the problem. bwed neutrino transport methods
will bring a more accurate prediction of relevant wind prdjgs. Moreover, using more progen-
itor stars and including rotation might reveal interestiveyv phenomena. For r-process nucle-
osynthesis the later stages of the developing explosiothammost interesting ones. Therefore
running the simulations for several seconds will be cruai@ur future work.
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